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ABSTRACT 
Moderate-resolution (A/~A ~ 600), infrared spectra (1-2.3µm) 
have been obtained for a selection of WN stars. Line identifications 
and equivalent widths are tabulated for HD 50896 (WN5), HD 86161 
( WN5), HD 96548 (WN8), and HD 151932 (WN7). 
A computer code, based on the work of Mihalas, Kunasz, and 
Hummer (1975), has been written to solve the radiative transfer 
equation for a spherical, very extended, pure helium atmosphere. 
Through a comparison of semi-empirical models with the infrared 
spectra described above and published radio, infrared, optical and 
UV observations of HD 50896, we find the following: 
(i) The continuous energy distribution of HD 50896 is primarily 
determined by the density of the stellar wind, whilst it is not 
sensitive to the effective temperature of HD 50896. Effective 
temperatures for Wolf-Rayet stars like HD 50896 cannot be obtained 
from a n examination of their energy distribution. 
(ii) The continuous energy distribution of HD 50896, the HeII 
line profiles, and the HeI profiles can be reproduced by a model 
with M~5xio- 5 M
0
/yr, R ~2.5R~ , L~5xl0 4 L and T (wind)~3ooooK. 
• C .:, 0 e 
Continuum and line formation must be treated simultaneously. 
(iii) The wind velocity is only 60-70% of its terminal value at 
50 stellar radii. 
(iv) In the inner regions of the stellar wind of HD 50896, the 
helium is predominantly tte••, whilst beyond the lOµm formation zone 
it is predominantly He·. The predicted decrease in helium ionization 
with radius is confirmed by observation. 
(v) Electron scattering plays an important role in the 
formation of the Herr line profiles, and is the cause of the red 
wing seen on the Herr(7-4) line at 541~. 
(vi) HD 50896 is severely hydrogen deficient, confirming the 
early work of Smith (1972). Radiative transfer calculations indicate 
that it is necessary to allow for the influe nce of the Hell line 
radiation field on the hydrogen populations. 
(vii) Individual lines of Hell and Her originate in different 
regions of the stellar wind. Their origin is determined by self 
absorption, continuum absorption and the helium ionization 
structure. Quantitative results are presented. Future observations 
should concentrate on obtaining accurate, high signal-to-noise 
(>100:1) observations of selected blend-free Wolf-Rayet emission 
lines covering a range in frequency and optical depth, as this will 
allow the determination of T(r) and V(r) from empirical modelling. 
' 
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CHAPTER 1 
INTRODUCTION 
1.1 GENERAL 
Wolf-Rayet (W-R) stars were first recognized as a class of 
stars by Wolf and Rayet (1867). They are characterized by broad 
-1 
c~2000 kms ) emission lines of highly excited ions such as Herr, 
NII!, NIV, NV, CIII and CIV (Underhill 1968). Since their initial 
discovery, it has been realized that stars exhibiting the W-R 
phenomena do not belong to a single class. As well as population I 
stars (with which we are concerned), some nuclei of planetary 
nebulae also display W- R characteristi cs (Smith and Aller 1969). 
Since 1938, W- R stars have been divided into two major spectral 
sequences: WC and WN (Beals 1938). Those stars designated WC show 
spectra dominat ed by carbon emission lines, whilst those designated 
WN are characterized by nitrogen and helium emission lines. 
The classification scheme currently in use is that of Smith 
(1968a}, and is based primarily on the excitation of nitrogen in WN 
stars, and carbon in we stars. For the late WN stars (WN7- WN9) the 
strength of the Her emission lines is also used to classify the 
spectra. A full discussion of the classification scheme, with 
refinements, is given by van der Hucht et aL.(1981). 
Although the existence of W- R star~ has been known for over 100 
years we still lack a sound understanding of them (Conti 1982). 
Properties such as effective temperature, luminosity, composition, 
and the stellar wind's ionization structure are not well known. 
i 
2 
Wolf-Rayet stars are generally believed to be evolved o-type stars, 
• - 5 
which are losing a large amount of mass (M"'3x10 M0 /yr) through a 
stellar wind, in which the emission lines originate. The large line 
widths arise from the large flow velocities present in the stellar 
wind. No special mechanisms are required to produce the emission 
lines. They arise primari ly from a geometric effect - the lines have 
a larger emitting area than the continuum (Castor 1970) . 
To facilitate future investigations we have obtained infrared 
(IR) spectra (l-4.2µm) of a selected sample of WN stars at 
resolutions (Al6X ~ 600) whi ch, for the first time, are sufficient to 
measure accurate equivalent widths (EWs) and line profiles. These 
spectra will greatly enhance our knowledge of WN atmospheres. 
As first pointed out by Leep (1982), W-R stars of a given 
subtype do not form a homogeneous group; there is a considerable 
range in line strength and excitation. Consequently the 
interpretation of W-R spectra requires the study of individual 
stars. We have therefore made a detailed investigation of the WN5 
star HD 50896 through the use of empirical models. To constrain the 
modelling we have used our new IR spectra simultaneously with radio, 
UV and optical data. 
Below we examine what is currently known about W-R atmospheres, 
with special reference to HD 50896. For a complete review of W-R 
phenomena, and current research, the reader is referred to the 
reviews by Underhill (1968) and Sahade (1980a), and the three 
symposia on W-R stars (Gebbie and Thomas 1968, Bappu and Sahade 
1973, and de Loore and Willis 1982). 
3 
1.2 PROPERTIES OF WOLF-RAYET STARS 
1.2.1 Intrinsic Colours and Absolute Visual Magnitudes 
The first complete investigation of the absolute visual 
magnitudes and colours of W-R stars was carried out by Smith 
(1968b). Using narrow band photometry Smith derived mean absolute 
magnitudes and mean optical colours for each spectral class. 
Lundstrom and Stenholm (1980,1982) have improved on Smith's 
work by using only galactic W-R stars in open clusters to derive the 
intrinsic properties of W-R stars. LMC W-R stars should not be used 
since they may have different properties, as indicated by the 
different distribution of W-R stars with respect to subtype 
compared with galactic W-R stars (Smith 1968a, Breysacher 1981). 
Recently Massey (1982) has undertaken photoelectric photometry 
of northern W- R stars to improve our knowledge of the continuous 
energy d i stribution. By considering reddening-free parameters, 
Massey found that stars belonging to a given spectral subtype do not 
have the same colours. The present data of Massey indicates that two 
stars of the same spectral type may have a difference of 0.2 (or 
even larger) in their (u-b) 1 colours. This confirms the conclusion 
of Leep (1982) that we cannot assign mean properties to W-R 
subtypes. As a consequence we cannot use the absolute calibration of 
M with spectral type to derive 
V 
1
u and bare line- free, monochromatic magnitudes at the effective 
Smith ( 1968a). 
I I 
I 
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distances, nor use mean colours to derive reddening estimates. 
1.2.2 Effective Temperature 
As the optical continuum of hot stars (T>20000K) is insensitive 
to temperature, initial estimates of the effective temperature of 
W-R stars were based on the intensities of emission lines seen in 
the optical spectrum. Beals (1940) obtained Zanstra temperatures of 
greater than 70000K for several W-R stars, whilst 
Aller (1943) obtained excitation temperatures in the range 20000 to 
lOOOOOK depending on the ion investigated. Because of the many 
complex and unknown physical processes operating to produce W-R 
spectra, the relationship of these temperatures to the effective 
temperature of the underlying star is unclear. For example, 
excitation temperatures may have no direct relationship to the 
effective temperature as mechanical heating may dominate the energy 
balance of the stellar wind. 
With the advent of UV fluxes from the Copernicus and IUE 
satellites, a great deal of effort has been spent in deri ving 
effective temperatures from the continuous energy distribution of 
W-R stars. 
Van der Hucht et ai. (1979) have compared observations of W- R 
stars obtained with the UV spectrophotometer on the ANS satellite 
with the empirical model atmosphere of Hartmann and Cassinelli 
(1977). They find that this model generally fits the observed flux 
distributions and hence indicates high effective temperatures (Teff 
> 50000K) for many W- R stars. Van der Hucht et ai. stress that the 
effects of the extended density distribution must be included if 
I ·, 
5 
accurate effective temperatures are to be determined . 
Barlow, Smith and Willis (1981) have estimated colour 
temperatures for W-R stars from low resolution IUE spectra. They 
find that for the earlier W-R spectral types, the derived colour 
temperature increases with decreasing wavelength. Barlow, Smith and 
Willis indicate that no unique effective temperature can be assigned 
to W-R stars, since the ultraviolet and visual fluxes originate at 
different radii . The derived colour temperatures at 13ooR are 
greater than 50000K for WN5 and WN6 stars, and are thus much higher 
than the effective temperatures obtained by Underhill. 
Underhill (1980,1983) has derived effective temperatures for a 
number of W-R stars from a comparison of the integrated flux 
0 (A>1250A) with Kurucz (1979) LTE, plane parallel atmospheres. For 8 
W- R stars the effective temperature was found to lie between 24000 
and 30000K whilst HD 192163 (WN6) had an effective temperature of 
39900K. For HD 50896, Underhill derived a temperature of 30000K. 
Finally, Nussbaumer et ai. (1982) have also used black body 
colours (based on low resolution IUE spectrophotometry) to derive 
effective temperatures of W-R stars. Their values are similar to 
those of Underhill (1980,1981) but they note that for HD 50896 (WN5) 
and HD 165763 (WC5) the UV fluxes increase too rapidly to be fitted 
by a black body curve. 
Another technique for obtaining the effective temperature of 
W- R stars which are surrounded by nebulae, is the Zanstra method 
(Morton 1969). Using the Zanstra method, Morton (1970,1973) derived 
effective temperatures for 8 W- R stars ranging from 25000K for 
HD 96548 (WN8) to 54000K for two WNS stars. However, these results 
need to be treated with caution. Firstly, the nebulae must be 
,, 
6 
optically thick so that all ionizing photons are absorbed. For at 
least one star (HD 50896) this condition does not hold (Chu et ai. 
1982), hence the derived effective temperature of 30000K must be 
considered as a lower limit. 
Secondly, plane-parallel model atmospheres were used to derive 
the relationship between the observed N (number of Lyman continuwn 
L 
photons)/F (energy flux in the V band) and the effective 
V 
temperature. The effect of this assumption is more difficult to 
ascertain. 
Recently Contini and Shaviv (1980) have analysed the optical 
spectrum of NGC 6888 which surrounds HD 192163 (WN6). From detailed 
modelling of the spectrum (in particular OIII to OII line ratios) 
they determined an effective temperature of 50000 to 60000K for the 
central star. This is considerably larger than the estimate by 
Morton of 30700K (1973), and Underhill's estimate of 39900K (1983). 
It is apparent that the effective temperatures of W-R stars are 
very uncertain. We therefore intend to examine the sensitivity of 
the continuous flux distribution to mass loss rate, effective 
temperature and core radius. Until this is done, effective 
temperatures (and radii-see below) of W- R stars derived from UV and 
optical flux measurements will remain a contentious issue. 
1.2.3 Radii 
The radii of W- R stars, like the effective temperatures, are 
uncertain. This uncertainty is largely attributable to a lack of 
reliable theoretical models which incorporate the effects of the 
stellar wind on the continuous energy distribution. Although 
I 
:, 
7 
Underhill (1983) and Nussbaumer et ai. (1982) have determined radii 
for a number of W-R stars, their methods are subject to criticism 
since they do not properly incorporate the effects of the stellar 
wind on the continuous energy distribution. 
As W-R stars have an extended atmosphere, no unique radius can 
be assigned to them. Radii determined from infrared wavelengths will 
be larger than those determined from optical and UV wavelengths. To 
facilitate comparison of observational radii (and effective 
temperatures) with stellar evolutionary models, it is useful to 
define the radius (following Abbott 1982) as the depth where 
thermalization occurs. This radius will, in general, be smaller than 
the value obtained from interferometric techniques (such as those of 
Hanbury Brown et ai. 1970) due to the variation of the continuous 
opacity with wavelength, and the electron scattering opacity of the 
stellar wind . 
The most reliable estimates of W-R radii have been obtained for 
two binary stars-~ Velorum and V444 Cygni. Hanbury Brown et ai. 
(1970) used a stellar intensity interferometer · to measure the radius 
of the W-R component of~ Velorum. Using updated estimates of the 
~ Velorum system, the radius of the W-R star turns out to be lOR0 
(Sahade 1980a). This is an upper estimate for the radius, as defined 
above, since it will refer tor =1/3 (Castor 1974) which probably 
es 
2 
occurs in the stellar wind of~ Velorum. 
2 On the assumption that helium is doubly ionized, and using 
• - 5 - l M=4.7xl0 M
0
/yr and V=l600krns (Barlow, Smith, and Willis 1981) we 
obtain 
T(electron scattering) • - s = 4.2(M/4.7xl.0 )(1600/V)(R0 /R) 
8 
The radius of V444 Cygni has been determined from the analysis 
of eclipse data by Cherepashchuk (1975), Hartmann (1978) and 
Cherepashchuk, Eaton and Khaliullin (1981). These analyses yielded 
R( T ""l) = 2.5R0 . es · 
1.2.4 Mass Loss Rates 
Current estimates of the mass loss rates of W-R stars are 
obtained from either infrared or radio data. The formula relating 
the mass loss rate to the radio flux was derived independently by 
Wright and Barlow (1975) and Panagia and Felli (1975) and has the 
form 
0.095 S 
II 
0.75 -0.5 l 5 (µ/z)(g~v) D · 
where 
g = free- free Gaunt factor 
D = distance in kpc 
z = r.m.s. ionic charge 
µ=mean molecular weight per ion 
~ = mean number of electrons per ion 
and s observed flux (Janskys) 
II 
(1) 
This result was derived on the assumption that the radio flux 
-2 
originates in an isothermal, constant velocity (i.e., r density 
distribution) region of the stellar wind. 
Barlow, Smith and Willis (1981) used lOµrn IR fluxes to derive 
the mass loss rates for 20 W-R stars. They did this by extrapolating 
the lOµm fluxes to 5GHz using a mean spectral index derived from two 
stars. From the predicted radio fluxes, they derived mass loss rates 
I 
I 
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using equation (1). The mass loss rates so derived had a small 
• - 5 
spread (factor of two about mean) and yielded M(WC) = 4.7xlO and 
• - 5 - l M(WN) = 3.2xl0 M0 yr 
With the VLA, it is now possible to d i rectly obtain radio 
fluxes for many northern W-R stars. Observations of W- R stars have 
been carried out by Abbott, Bieging and Churchwell (1982) and Hogg 
(1982) for a combined sample of 22 stars. They confirm the earlier 
- 5 -1 
results that the mass loss rates are clumped about 3.0xlO M0 yr 
At first sight it appears that the mass loss rates of W-R stars 
are well determined, however, we believe that the results so far 
obtained need to be treated with some caution. Firstly, the derived 
mass loss rate for a given W-R star depends on its assumed distance , 
which for the majority of W-R stars is poorly known. 
Secondly, the derived mass loss rates depend on the assumed 
stellar ionization structure (or composition). In particular, for 
HD 50896 it is generally assumed that the radio emission originates 
in a reg i on whe re He~~ is the dominant ionization state. If He• is 
dominant, the derived mass loss rate of HD 50896 will need to be 
- 5 
revised upward by a factor of 2.7 from its current value of 3.lxlO 
-l -5 -l M0 yr to 8.4xl0 M0 yr (Hogg 1982). (see equation (1)) 
Thus we cannot directly use the mass loss rates derived from 
radio data without first addressing the accuracy of the distance 
estimates and the ion i zation structure (or composition) of the 
stellar wind in the radio region. 
1.2.5 Composition 
The composition of W- R stars is difficult to determine 
i I 
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accurately since the processes which determine emission line 
strengths and the ionization structure of the stellar wind are 
poorly understood. Current evidence suggests that W-R stars are 
hydrogen deficient, with nitrogen being overabundant and carbon 
underabundant in WN stars, whilst nitrogen is underabundant and 
carbon overabundant in WC stars (Conti 1982). 
Smith (1973) has derived H•/He++ ratios in a number of W-R 
stars by observations of the Pickering decrement. If hydrogen is 
present, the even members of the Pickering series should be 
systematically stronger . Smith concluded from her analysis that 
hydrogen was severely deficient, with some stars, for example, HD 
50896, showing no evidence of hydrogen (H/He < 0.1). Underhill 
( 1980) and Sahade (1980b) claim Smith's analysis is invalid. They 
claim that the wind temperature is high, (T > 10 5 ), resulting in 
weak hydrogen emission which is in turn masked by hydrogen 
absorption lines formed in the photosphere. Recent evidence, 
however, tends to confirm the validity of Smith's results. 
Firstly, H+ and He++ have similar recombination coefficients 
indicating that HI and Herr emission lines will have compatible 
strengths if tt•/tte••=1. Recombination calculations, however, ignore 
radiative transfer effects which will be important in determining 
the level populations in the line emission regions. 
A second piece of evidence confirming Smith's conclusions comes 
from the work of Massey and Conti (1980). For HD 177230 (WN8) their 
analysis of the Pickering decrement implied an absence of hydrogen 
whereas in MR.119 (WN8) hydrogen is clearly present . They note that 
these two stars have similar excitation: the different strengths of 
the hydrogen emission lines cannot be due to an ionization effect 
11 
but must reflect differences in composition. 
The most recent work on the abundances of nitrogen and carbon 
in W- R stars is by Smith and Willis (1982) and Nugis (1982a,b). 
Although both sets of wor kers agree that c a rbon is overabundant in 
WC stars and nitrogen overabundant in WN stars, there are 
considerable discrepancies between their results. 
Smith and Willis (1982) use high resolution IUE data to derive 
carbon and nitrogen abundances in a number of W-R stars. Following 
castor and van Blerkom (1970) they solve the statistical equilibrium 
equations (using the Sobolev approximation) at a single 
representative point. By assuming that the emission lines originate 
in the same region of the stellar wind, abundances are deduced. For 
WN4 to WN6 stars they derive (by number) N/Re=0.0006 and C/N= 0 . 05 
whilst for WC stars they derive C/He~o.02 and C/N~7o. On the other 
hand, Nugis (1982a,b), who also uses the Sobolev approximation, but 
attempts to allow for ionization stratification in the W- R envelope, 
obtains N/Re= 0.01 for WN4 to WN6 stars and C/He =0.15 for WC stars. 
our aims in relation to the composition of W- R atmospheres are 
twofold. Firstly we wish to place firm limits on the H/He abundance 
in HD 50896. To do this we will solve the statistical equilibrium 
equations for both hydrogen and helium using the comoving-frame 
formulation of the radiative transfer equation. Radiative coupling 
between hydrogen and helium will be taken into account. 
our second aim is to provide detailed insights into the 
properties of the extended atmosphere o~ HD 50896. These insights 
will provide invaluable information for future modelling of the 
carbon and nitrogen profiles, and the subsequent derivation of 
nitrogen and carbon abundances. 
12 
1. 3 THEORETICAL WORK 
1.3.1 Continuum Fluxes 
When compared with O main sequence stars, W-R stars show both 
an infrared excess and a UV excess (Kuhi 1966, Barlow, Smith and 
Willis 1981). It is generally believed that these effects are due to 
an extended density distribution. 
The first attempt at explaining the continuous energy 
distribution of W-R stars was made by Kosirev (1934). Kosirev 
-2 
assumed spherical geometry, an r density distribution and a grey 
opacity of the form x a: r - 1 · 5 • With these assumptions it was found 
that atmospheric extension could produce both an IR and UV excess. 
In 1971, Cassinelli (197la,b) considered non-grey, but stable 
extended atmospheres. His results confirm the earlier work of 
Kosirev which showed that a hot star with an extended density 
distribution can have a similar flux distribution to that of a 
cooler star with a smaller atmospheric extension. Subsequently, 
Cassinelli and Hartmann (1975) computed extended grey atmospheres 
with radiatively driven mass loss. In these later calculations, the 
continuum formation region was not sufficiently extended to explain 
the observed energy distribution of HD 50896. 
To explain the observed energy distribution of HD 50896, 
Hartmann and Cassinelli (1977) developed an empirical model of fixed 
radius, but the density distribution was determined by matching the 
theoretical energy distribution with that observed. Their 
calculations indicate that the stellar wind of HD 50896 has a 
I: 
! 
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constant or decelerating velocity zone. Subsequent UV observations, 
and a reduction of the reddening from E =0.12 to E =O.O, reveal B-V B-V 
that this model can no longer explain the observed energy 
distribution of HD 50896 (van der Hucht et ai. 1979). 
1.3.2 Line Profiles 
Pioneering work on line formation in radially expanding 
envelopes was carried out by Sobolev (1960), who realized that line 
transfer in a stellar wind is simplified by the presence of a 
velocity field. In a radially expanding atmosphere, line interaction 
is limited to a narrow region (a few Doppler widths) near where the 
photon is formed. Consequently the solution of the line transfer 
equation may be written in terms of local parameters. 
The Sobolev approximation was reformulated by castor (1970). 
Using a two level atom, castor showed that W-R emission lines can be 
explained with · n the framework of a radially expanding atmosphere. 
Although Castor originally developed his theory to explain W-R 
emission lines, it has mainly been used to study the formation of 
line profiles in o and Of stars (Klein and Castor 1978, Castor and 
Lamers 1979). 
A simplified version of castor's theory was developed by castor 
and van Blerkom (1970) to derive gross properties of the regions 
where W- R emission lines are formed. As noted previously, this 
theory has also been used to derive abundances. 
The Sobolev approximation (as formulated by Castor 1970) is 
inadequate for W-R atmospheres because it ignores the continuous 
opacity field, the diffuse radiation field and the static escape 
I 
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probability. The static escape probability is important in low 
velocity regions, and along rays with µ~1 (i . e. , zero impact 
parameter) in regions of constant velocity. 
1.3.3 Exact Solutions of the Radiative Transfer Equation 
To overcome the limitations of the Sobolev approximation , 
methods were required to solve the radiative transfer equation 
exactly in an expanding atmosphere. These techniques are still under 
development, but some techniques (such as those of Mihalas and 
Kunasz 1978 and references therein) are already available which 
allow the solution of the transfer equation provided certain 
conditions (e.g., spherical geometry, monotonic velocity law) are 
satisfied. 
As yet, the techniques developed to solve the radiative 
transfer equation exactly have not been applied to W-R stars, 
although Hamann (1981) has used a technique similar to that of 
Mihalas, Kunasz and Hurraner (1975) to study line profiles in o stars. 
In this thesis, we shall also use the techniques developed by 
Mihalas, Kunasz and Hummer (1975) to simultaneously solve the 
radiative and statistical equilibrium equations. 
1.4 OUTLINE OF THESIS 
Using semi-empirical models we make a detailed investigation of 
the properties and atmospheric structure of HD 50896. The following 
questions will be addressed: 
(1) How does the continuous flux behave as a function of the 
, 
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effective temperature, stellar radius, mass loss and atmospheric 
extension? What can continuum analysis tell us about the fundamental 
properties (T , M etc.) of the W- R star? 
eff 
(2) How do the level populations of H, HeI and HeII behave in 
an extended envelope? What are the dominant processes determining 
the level populations? Are there selective excitation processes 
which affect the populations in different atomic (ionic) species? 
What is the helium ionization balance in the extended envelope? 
(3) How does electron scattering influence the HeII line 
profiles? What can detailed fitting of the HeII and HeI line 
profiles tell us about the atmospheric structure? Where do the 
emission lines form and how important are stratification effects? 
(4) What is the H/He ratio in HD 50896? 
(5) What constraints are placed on the properties of HD 50896 
from a comparison of line and continuum observations with the 
empirical models? 
To facjlitate the solution of the se problems IR spectra, from 
l - 4.2~m, and optical line profiles have been obtained for HD 50896. 
These will be used in conjunction with published radio, optical and 
UV data. 
The following chapters of this thesis are set out as follows. 
Chapter 2 describes the IR and optical observations. This 
includes a discussion of the techniques used to obtain the 
observations and the errors associated with the measurements. 
IR observations (spectra, line profiles and EWs) for HD 50896 
are presented in Chapter 3. The implications of the IR data for the 
extended atmosphere of HD 50896 are discussed. 
In Chapter 4, IR spectra for HD 151932 (WN7) and HD 96548 (WNB) 
16 
are presented. The gross properties of the spectra are briefly 
described, with line identifications and equivalent widths listed. 
EWs are also given for emission lines in HD 86161 (WN8), HD 92740 
(WN7), HD 93131 (WN7), and HD 93162 (WN7). 
Chapter 5 describes the model, its assumptions, and the 
techniques used to solve the radiative transfer equation and 
statistical equilibrium equations. The He ionization structure is 
examined, and we investigate the behaviour of the departure 
coefficients of HeII, Her and Hin the extended envelope. Continuum 
formation in an extended atmosphere is also examined in this 
chapter. 
Finally, in Chapter 6 we address empirical line profile 
fitting. We examine parameters which control the line strength, and 
the stratification of the line emission in the envelope. Using 
continuum and line fitting, we discuss constraints that can be 
placed on the structure of the extended envelope of HD 50896. 
17 
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CHAPTER 2 
INFRARED AND OPTICAL OBSERVATIONS OF W-R STARS 
l. INFRA.RED OBSERVATIONS 
1.1 Introduction 
Intrared spectroscopy (l-5µm) is a rapidly progressing field of 
research, with the potential to make a significant contribution to 
our understanding of many astronomical objects (Merrill and Ridgway 
1979, Jones 1981). With the advent of an IR cooled grating 
spectrometer (CGS) at Mt. Stromlo, it is now possible to obtain high 
quality, moderate resolution (Al~A ~ 600) spectra of a sample of WN 
stars in the range l-4.2µm. 
Although the CGS has been discussed in detail elsewhere (Jones 
et ai. 1982, we will discuss it here. We shall also discuss, in 
general terms, the reduction procedures for the CGS spectra, and 
possible sources of noise. 
1.2 The Infrared Cooled Grat i ng Spectrometer 
'rhe CGS was designed and built at Mt. Stromlo Observatory. It 
is a single channel system, operating between 1 and 5µm which uses a 
solid nitrogen cooled InSb detector. An- isometric view of the CGS is 
shown in Figure 1. 
Order separation is achieved by one of five filters. Three of 
these cover the J(l.25µm), H(l.65µm) and K(2.2µm) photometric bands 
FIG. l - An isometric view of the infrared cooled grating 
spectrometer. The key to the components indicated in the figure 
appears below. For a more detailed description of the instrument see 
Jones et ai. (1982). 
w Sapphire Window 
F Order separation Filter 
CM Cylindrical Mirror 
EA Entrance Aperture 
FF Folding Flat 
SM Concave Spherical Mirror 
G Grating 
XA Exit Aperture 
FL Fabry Lens 
D Detector 
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whilst the other two cover the region 2.9-5.0µm. In the normal mode 
of operation (which is the case for all W-R spectra in this thesis) 
there is no spectral overlap. 
The resolution of the CGS (for an entrance aperture of zero 
width) is determined by the size of the exit aperture. The present 
system has a choice of six exit apertures, yielding a resolving 
power of between 350 with the largest aperture, and greater than 
2000 with the smallest. In operation, the instrumental profile 
obtained, and hence the actual resolving power achieved, is 
determined by a convolution of the stellar seeing disk, truncated by 
the entrance aperture, and the exit slit. The general mode of 
operation is to use an entrance slit whose image is the same size as 
the exit slit in the focal plane. 
1.3 Observations 
The observations were taken with the CGS attached to the 
infrared photometer on the l.9m(74") telescope ·at Mt. Stromlo 
Observatory. The system is dual beam with a 20 Hz rotating chopper. 
Guiding is manual, but all other facets of the data acquisition are 
computer controlled. 
Observations on the CGS are primarily controlled by five 
pre-set parameters. These are: 
(i) the initial grating position - this specifies the starting 
wavelength. 
(ii) the exit and entrance slits 
(iii) the grating step size - this determines the wavelength 
sampling interval. rt was always chosen to be less than or equal to 
24 
half the exit slit resolution to ensure oversampling of the 
spectrum . 
(iv) number of data points - in conjunction with the step size 
this determines the section of spectrum to be observed. 
(v) integration time per data point an integration time of l 
to 4 seconds was generally used. Between each integration there was 
a dwell time of 200 milli-seconds to allow for the grating movement 
and the finite time constant of the detection system. 
A single observation consisted of scanning the desired spectral 
region in the forward direction (increasing k) with the star in one 
of the two beams . On completion of the scan, the star was switched 
to the opposite beam and the spectrum scanned in the reverse 
direction. These two beams were differenced to yield a single 
observation. Subsequent observations were normalized to the same 
mean signal in order to remove changes in atmospheric transparency 
and seeing. At least two consecutive observations were completed for 
each star to facilitate error estimation. 
The obse rvations for this dissertation were generally obtained 
with a 13 arc-second aperture and a resolution of approximately 600. 
To examine line profiles at higher resolution an 8 arc-second 
aperture was used. For wavelengths beyond 3.0µm we chose a 5 or 8 
arc- second aperture to minimize the noise due to thermal background. 
In such cases, sufficient observations were taken to ensure that 
seeing noise would not influence the results obtained . All spectra 
were taken when the seeing was 5 arc-seconds or less. 
To enable removal of atmospheric absorption, a G star was 
observed at similar airmass (and in the same region) to the object 
under investigation. The standard was observed immediately prior to, 
25 
or after the object . 
In some filter passbands , several sections of spectra 
(typically ioo points) were observed. To ensure that these spectra 
could be combined accurately, they had at least nine overlapping 
points. 
1.4 spectroscopic Erro~ and Their sources 
'I'here are five major sources of error for the infrared spectra: 
(i) sys tem (detector and FET) noise This is the dominant 
noise shortward of 2 . 5µ.m. 
(ii) background noise - caused by the statistical variation in 
the photon flux from background sources such as the telescope and 
the Earth's atmosphere. For the CGS on the 1.9m telescope at 
Mt . Stromlo, it is the principal source of noi se longward of 3~m. 
(iii) atmospheric noise - caused by the changing transmission 
of the Eart •s atmosphere. The dominant absorption in the IR is 
caused by Ho. This can vary from one location to the next, and over 
2 
a long integration. A related, but distinct problem, is the removal 
from the spectrum of the effects of atmospheric absorption. 
(iv) seeing v a riations and guiding - Since the seeing disk 
convolved with the exit slit determine s the instrumental profile, 
changes in seeing will alter the instrumental profile during an 
observation. Further, guiding errors will lead to different 
wavelength calibrations. These effects are generally small, but they 
may lead to noticeable effects in regions with narrow spectral 
features. 
(v ) Seeing noise - Caused by changes in the fraction of the 
26 
stellar seeing disc entering the entrance aperture. Except at high 
resolution, and longward of 3µm this was an tnsignificant noise 
source. 
Error estimates were obtained by comparing two or more 
observations at each spectral point. On line display of the errors 
at the telescope allowed quick decision making as to whether more 
observations were required. Because of systematic effects (e.g. 
seeing noise and atmospheric absorption) errors on adjacent points 
may correlate and hence lead to spurious features. These systematic 
effects are generally indicated by a larger noise over adjacent data 
points. When such effects were present, the observation was 
repeated, or continued until uniform noise was obtained. 
The errors displayed on the spectra herein are realistic 
estimates of the mean error associated with each datum. 
1.5 Data Reduction 
Data reduction was carried out on the Vax 11/780 computer at 
Mt. Stromlo. Wavelength calibration, accurate to half the 
resolution, was achieved using the grating formula 
where 
and 
A(µm) = 2d/m. sine 
9 • grating angle 
m = order 
d 3.30907 (by experunent) 
Further refinement of the wavelength scale was provided by 
atmospheric absorption features and the Paschen and Brackett series 
of hydrogen in A stars. 
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To remove the effects of the order separation filter and 
atmospheric absorption , the spectra were divided by the spec trum of 
a standard star observed in an identical fashion and at a similar 
airmass. An ideal choice for a standard star is a dwarf G4 star 
which has an essentially featureless continuum in the infrared at 
moderate resolutions. However, since signal to noise requirements 
necessitate the use of stars with a K magnitude less than 5 , dwarf 
G4 stars are generally not available and we were forced to use other 
G type stars. 
Spectra of a G7II star is shown in Figures 2 , 3 , 4 and 5 . All 
features are due to atmospheric absorption or the order separation 
filter. Note, in particular, the strong atmospheric absorption in 
the 3µm band (Figure 5) which makes the measurement of weak features 
impossible at these resolutions. 
Although standard division is the only viable method of 
removing atmospheric absorption, it must be used with care. Firstly 
it requires the standard star to have a featureless spectrum. we 
believe this to be the case for the G type stars at the resolutions 
we are considering. For example, the sun (G2V) shows weak hydrogen 
0 . 
absorption (EW(B~) ~ 3 A: Mohler 1955). We have made no corrections 
for the hydrogen absorption lines in the standard stars, but since 
we generally used stars which are later than the sun, the correction 
would , in all cases, be less than 10~. 
Further evidence that the standard stars we used have a 
featureless spectrum comes from our own observations. The use of the 
spectrum of a B type star as a division standard yielded a reduced 
spectrum almost identical (except for the obvious increase in the 
strength of the hydrogen emission lines) to that obtained using a G 
FIG. 2 - Raw J band spectrum of HR 2296 (G7II). All features are due 
to terrestrial atmospheric absorption and the order separation 
filter. 
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observed structure is due to terrestrial atmospheric absorption. 
Notice the very rapid changes in transmission, which make the 
accurate measurement of features in this region extremely difficult. 
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3tar. 
Standard division also requires that the object under 
investigation have features which are broader than the resolution of 
the instrument in regions of atmospheric absorption. This is a 
necessary criterion since narrow spectral features may be 
selectively absorbed or transmitted compare d with the adjacent 
continuum . This is not a major problem in W-R stars, since in all 
cases the emission lines are intrinsically broader than the 
resolution of the CGS. 
Finally, standard division is sensitive to the instrumental 
profile and guiding errors in regions where there are large and 
rapid changes in atmospheric absorption. This effect is most 
pronounced in the 3 to 3 . 2µm band where accurate guiding and 
photometric conditions are required for the division procedure to be 
reliable . 
Although standard division is not perfect, the adoption of this 
technique has allowed us to obtain accurate EWs and line profiles 
for many atomic transitions. These EWs are suitable for abundance 
analysis, and detailed modelling of the stellar winds of W-R stars. 
2. OPTICAL OBSERVATIONS 
The optical observations entailed observing the sample of W-R 
stars to obtain line profiles and EWs for theoretical modelling. 
Although there exists an enormous literature pertaining to optical 
observations of W- R stars, there is a shortage of published profiles 
which are suitable for modelling. One notable exception is the data 
of Smith and Kuhi (1981) (hereafter AtLas), which contains spectra 
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(3200-6000R) of a number of W-R stars. 
Atias has been used extensively in this thesis, but because its 
spectral coverage extends to only 60ooR, and because it does not 
cover all the stars in the original sample, additional observations 
were required. Further, the data for Atias is over ten years old, in 
which time there may have been significant spectral variations. 
Currently, the best spectral data available for any W-R star is 
that of Ebbets (1979) for HD 50896. The data extends from 4000-soooR 
and has a signal to noise in excess of 300 to 1. 
The spectra we obtained were taken using the one-dimensional 
photon counting array (lDPCA ) (Stapinski, Rodgers, and Ellis 1979) 
at the Coude focus on the 1.9m telescope at Mt. Stromlo Observatory. 
A reciprocal dispersion of 2ai;mrn was used, yielding a spectral 
coverage of JooR (over 1000 pixels) with a resolution of 
approximately o.sR. The resultant signal to noise was limited to 
30:l (per pixel) for each exposure due to count rate limitations of 
the lDPCA. 
To remove pixel to pixel variations, the spectra were divided 
by a flat field which had been obtained through observation of a 
quartz lamp. The resultant spectra were then flattened, using the 
smoothed continuum of an AO (or earlier) star. A straight line could 
then be fitted to each spectrum to define the continuum. 
The above procedure generally allowed accurate spectra to be 
obtained. However, the small spectral coverage of the lDPCA (only 
3ooR) and the severe distortion introduced into the raw spectrum by 
the 1DPCA, occasionally yielded a reduced spectrum in which the 
continuum could not be located with confidence. In regions rich in 
emission lines, the lDPCA should be used in a scanning mode to 
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obtain a large spectral coverage, but the lack of clear weather and 
instrumental problems prevented us from doing this. 
That reliable spectra were obtained is evinced by the 
appearance of the extended red wing on HeII(7-4) at 541~ (also seen 
in Atias) and the extended emission between HeII(8-4) and NV(7-6) 
(seen in the spectrum of Ebbets (1979) but not Atias) in HD 50896. 
Continuum location is one of the main sources of error for line 
EWs and line profiles in W-R stars. This is especially true near 
series limits (e.g., shortward of 4400~) where systematic errors in 
line strengths will arise from the choice of an incorrect continuum. 
The presence of extended wings due to electron scattering 
(Appendix 3) can greatly magnify this problem. Future work will 
require partial modelling of the emission lines so that continuum 
placement can be made with improved accuracy. 
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ABSTRACT 
CHAPTER 3 
INFRARED SPECTRA OF WN STARS 
I. HD 50896 
D.J. HILLIER, T.J. JONES, AND A.R. HYLAND 
IR spectra (1-4.2.um) of the WNS star HD 50896 with a resolution 
of ~600 are presented. The major emission lines are identified and 
their equivalent widths tabulated. An analysis of the optical and IR 
continuum indicates that the 1-1oµm continuum originates in a region 
with an r- 2 density distribution in an optically thick wind. 
Because of this extended density distribution the continuum 
emission at a give n IR wavelength originates from a very large 
volume extending well beyond the radius at which continuum optical 
- ., 
depth is unity. Specifically, continuum radiation from an r -
density distribution (isothermal) can be considered to originate at 
an effective optical depth of o.os, in stark contrast to the 
plane-parallel value of 2/3 . 
The IR emission lines show structure which is similar to the 
optical HeII emission lines. An analysis of the HeII(n-8) series 
gives an upper limit for the hydrogen to helium ratio of 
tt+/He++<0.3. We find that the emission -line strengths are strongly 
influenced by the local continuum optical depth. The longer 
wavelength lines are progressively reduced in strength because the 
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continuum optical depth increases with wavelength and reduces the 
volume from which line emission can escape . 
From an examination of optically thin Herr l ines , we derive a 
temperature of 33000K for the region in which the 2µm continuum is 
formed. This temperature indicates that the UV continuum must form 
in regions with T > 60000K. 
Subject Headings: infrared: spectra: - line identifications - stars: 
individual - stars: winds - stars: Wolf-Rayet 
3.1 INTRODUCTION 
HD 50896 is a prototype of the WNS Wolf-Rayet spectral class 
with its optical spectrum dominated by HeII, NIV and NV emission 
lines (Smith 1968), which originate in a dense stellar wind 
(M~4x10-s M0 /yr, Barlow,Smith and Willis 1981; and v ~2700 kms-l • CO I 
Willis 1982). Emission at each frequency in an emission line 
originates over several stellar radii, which, combined with 
departures from LTE, and the possibility that the wind is 
mechanically heated, makes the structure of the wind difficult to 
determine. Furthermore, the wind affects the formation of the 
continuum, which has made determinations of the effective 
temperature and radius of the underlying star controversial. 
IR spectral information will greatly increase our understanding 
of Wolf-Rayet stars. Because of the extended nature of the 
atmosphere, IR emission lines are formed under different conditions 
from the optical and UV lines. In particular, we note that the 
continuum opacity limits the formation of an emission line to radii 
where the continuum optical depth is less than 1. The minimum radius 
from which line emission can occur will therefore be a function of 
wavelength in an extended atmosphere. 
Another reason for extending spectral coverage to the IR is to 
obtain a larger sample of emission lines which are suitable for 
modelling. Accurate line fluxes are dif~icult to obtain for two 
reasons. They are sensitive to the location of the continuum, which 
is difficult to define in many spectral regions, and to the 
reddening correction. Because of the smaller reddening corrections 
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required in the IR, the IR fluxes are superior to optical and UV 
line fluxes. The number of emission lines suitable for modelling is 
further limited by their large width ( .,,3000 kms - 1 ) which results in 
very few lines being completely blend free. By extending spectral 
coverage to the IR we can greatly increase the wavelength baseline 
from which we may choose lines with accurate profiles and fluxes. 
Previous IR studies of W-R stars have generally concentrated on 
line identification, and beyond l.7µm they have been limited to low 
resolution (Barnes, Lambert and Potter 1974; Bernat et ai. 1977; 
Cohen and Vogel 1978; Williams et ai. 1980). With the recent 
improvement in IR detectors it is now possible to observe with 
moderate resolution (~/6~=400-2000) the IR spectra (1-4.Zµm) of many 
W-R stars. 
Below we present IR spectra of HD 50896 (WN5) obtained at 
resolutions of 600-1300 which are sufficient to yield line profiles, 
and resolve lines which are blended at low resolution. Equivalent 
widths (EWs) are listed for many transitions, and the line 
contribution to the IR fluxes is discussed. We analyse the available 
optical and IR continuum fluxes, and using optically thin HeII lines 
in the IR we derive a temperature estimate for the wind of HD 50896 
where the 2µm continuum is formed. The implications of the IR data 
for modelling the stellar wind of EID 50896 are also discussed. 
Throughout this paper we have made several assumptions 
concerning the wind of EID 50896; three of these are discussed below. 
Firrnani et ai. (1980) have shown EID 50896 to be a binary, but 
the effect of the binary on the line profiles and fluxes is 
generally small (Firmani et ai. 1980; Ebbets 1979), and we have 
4o 
neglected it as a first approximation. 
The second assumption, very much open to debate, is that the 
wind of HD 50896 is spherically symmetric. HD 50896 i s intrinsically 
polarized (McLean e~ ai. 1979) suggesting that its wind is 
asymmetric. However, subsequent observations have revealed that the 
polarization is variable and related to the binary nature of 
HD 50896. It is therefore uncertain how much wind asymmetry, if any, 
is required to produce the observed polarization. 
Rumpl ( 1980) has shown that an improved fit can be obtained to 
the NV(l240R) line profile if the effects of wind asymmetry are 
included. However Rumpl ignored electron scattering and used a much 
· -5 · -5 lower mass loss rate ( M""lXlO ) than current estimates ( M""4Xl0 ) . 
It is therefore uncertain whether the NV line profile indicates an 
asymmetric wind for HD 50896. Hence, for simplicity we have assumed 
spherical symmetry. 
Finally, we have assumed that the wind of HD 50896 consists 
mainly of He+• which is the dominant source of electrons. This is 
consistent with Smith's analysis (1972) which found H+/He++ < 0.05. 
The upper limit we obtain is somewhat larger (H+/He•• < 0.3), but 
even using this ratio the free-free opacity due to He++ is greater 
than ten times that due to H•. 
3.2 OBSERVATIONS 
In Figures l, 2, 3 and 4 we present moderate-resolution 
(Al6A~600) spectra of HD 50896 in the wavelength range l-4.2µm. The 
spectra were obtained using a cooled grating spectrometer (hereafter 
FIG. 1 - spectra of HD 50896 taken with CGS . The vertical scal e is 
~ 4 FA. The resolution (~GOO) is indicated on the figures together 
with a 2 sigma estimate of the noise. Emission features are 
identified in Table 1. 
I 
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FIG. 2 - 3-4~m low resolution spectrum of HD 50896 taken with CVF, 
FIG. 3 - CGS spectrum of HeII(7-6) with the resolution indicated on 
the figure . 
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CGS) on the 1. 9m( 74") telescope at Mt. stromlo Observatory ( MSO). 
The CGS is a computer-controlled single-channel spectrometer 
operating between 1 and Sµm and uses a solid nitrogen-cooled InSb 
detector (Jones et ai. 1982). Data is displayed on-line and stored 
on floppy disc for later reduction. For the J, Hand K spectra, an 
entrance aperture of 13 arc-seconds was used, which corresponds to 
the exit slit resolution. The spectrum of HeII(10-6) (Figure 4) 
required an 8 arc-second aperture, and for HeII(10-8) (Figure 4) we 
used a 5 arc-second aperture to minimize telescope background. 
Additional low-resolution spectra were taken with a circular 
variable filter wheel (CVF) on the AAT with the infrared 
photometer-spectrometer (IRPS) system (Barton and Allen 1980). 
The resolution of each spectrum i s indicated on the plots, 
together with a two sigma estimate of the noise. Atmospheric 
absorption has been removed by divis i on by a G4 s tar and the flux 
recalibrated using the energy distribution appropriate to a G4 star. 
The "gap" in the J spectrum at 1.1,um is due to· strong telluric 
absorption. Wavelength calibration of the spectra, accurate to 1 
channel, was achieved by measurement of hydrogen absorption features 
in A stars and use of the grating formula. 
As in optical spectra, it is difficult to determine the 
continuum. In the H band the higher members of the HeII(n- 8) series 
blend together to cause a pseudo- continuum. This effect was most 
pronounced in low- resolution spectra of- the H band, where a 
combination of instrumental broaden i ng and the intrinsic line width 
caused the true continuum to be masked from view. In the K band the 
continuum is well defined, but in the J band telluric absorption and 
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many weak emission features (e.g., HeII(n-7) series) make the 
continuum difficult to ascertain. 
In Table l we list the dominant emission features and their 
equivalent widths with the errors listed due to blending, 
uncertainty in the location of the continuum, and the limited 
signal-to-noise ratio of the spectra. Where the intrinsic width of 
the emission lines has blended two features together we have 
measured a total equivalent width rather than estimate the 
contributions by individual lines. 
In Table 2 we list the IR magnitudes and the corrections, due 
to emission lines in the filter passbands, required to obtain the 
continuum fluxes. The JHK photometry was obtained using the MSO IR 
photometer on the 1.9m telescope, and the longer wavelength data are 
from Cohen, Barlow and Kuhi (1975, hereafter CBK). The emission-line 
contribution to the continuum magnitudes is generally less than 10%; 
however, there are two exceptions. Firstly, the J band contains the 
strong HeII lines (10-6) and (7-5), the Her line at l.083~m, and 
numerous weaker lines. We estimate the lines to contribute 20%±5% to 
the continuum flux with the large error due to the HeI line which 
lies on the edge of the J filter . In the 4.8~m band there is the 
strong HeII(8-7) line (estimated EW=lOooR) which will contribute 
15%±5% to the 4.8~ magnitude. 
optical spectra (4500<A<8500 ~) have been obtained using the 
one-oimensional photon-counting array (iDPCA) (Stapinski, Rodgers 
and Ellis 1979) at Mt. Stromlo. The spectra were obtained using a 
reciprocal dispersion of 30~/mm and flux calibrated by using an O 
star observed at the same wavelength. For wavelengths less than 
Table l 
Line identifications & EWs for t he IR spectrum o f H050896 
). (µm) Tr-an s iti on Ew:Ri ). ( µm) Tra nsition EW(RJ ). ( µm) Transition EwcRi ). (µm) Trans ition ElvCRJ 
l. 0830 HeI(2p 3P0-2s3s) } 420±30 1.476 HeII (9-6) } 172 (CVF ) 2 .037 3 He II (15-8) 4 5± 5 3.0372 He II ( 20-1 0 ) l. 0 9 33 Hell ( 12 - 6) l. 4882 HeII (14 - 7) 
HeI (2p1 P0-2s 1s) 3.087 NIU (8-7) I 2.0581 1 2 ±5 3.0908 He II (7-6) 920±50 l. 111 NV(9-8) 1. 5168 NV ( 3d 2o - 3/PO) 1 0 ±3 3.0947 HeII(ll-8) l.190 NIV(8-7) 1 . 554 NV(l0-9) 10±3 2 .100 NV(ll -10) 
I l . 1969 He I (5d 
3o-3p 3PO) 
2. 1120 HeI (4s 3s- 3p3pOJ 4 5±3 3.1446 HeII (14-9 ) } 105± 2 5 1. 57 19 HeII (13-7) 44±3 2 .113 2 HeI (4sls-3plpOJ 3 .1 505 He II ( 19 -1 0 ) ~ 
1.1626 Hell(7-5) l 220 ±20 2 .11 6 NII! (8-7) 1.16 73 He ll (11-6) J l. 6241 HeII(2 5-8) 
3.281 NIV (11-10) 1. 6400 Hell(24-8) 2 .1469 Heil(24-9) 3. 294 7 HeII (1 8 -1 0 ) 1 . 24 18 Hell (22-7) 11±3 l. 6 584 P. e II (23-8) 
3.4830 Hell(l7-l0 ) 1.2256 Hell (21-7) 12±3 2 .1646 He II ( 14-8) 57±7 3 . 54 33 Hell ( 13-9) l. 6799 Hell ( 22 - 8) 
I 3 . 54 8 NV (13-1 2 ) 1.2719 Hell ( 20 -7) ! l. 69 18 Hell (12-7) 102±5 2.1786 Hell ( 23-9) } 1. 28 13 Hell ( 10 - 6) 108±10 1. 7002 Hel (4d30-3p3pO) 2. 188 5 HeII (10-7) 165±10 3.6749 HeII (22-11) l. 2914 Hell ( 19-7) 1.7053 Hell (21-8) 
3.7379 Hell (16-10) 2 . 2601 HeII ( 21-9) >13 (CVF) 3.7963 Hell ( 21 -11) 1. 3150 HeII(l8-7) 15±3 l. 7 355 Hell (20-8) } 21±3 1.736 NIV(9-8) 2 . 3135 Hell (20-9) 22 ±5 3.9515 HeII(20-ll) 2 .346 4 Hell (13-8) 77±5 4.04 95 HeII(l0-8) 470±30 2. 3788 He II (1 9 -9) 4. 1001 Hell ( 1 ~-10) 
4.11 5 7 Hell (19-11) 
TABLE 2 
IR MAGNITUDES AND FL UXES FOR HD 50896 
~~ of Flux F,. (m , = 0) Log i.F, Source 
Filter ;_ (µm) m, Due to Lines (ergs cm - 2 s - 1 µm - 1) t4 J E11- v (Ea-v=O.O) for 111 4 
J ···· · ········ · · 1.25 6.36 20 ± 5 J.OJ X 10- 6 0.76 -8.046 
H . ... .......... 1.65 6.25 7 ± 2 l.llxl0 - 6 0.39 -8.265 I ..f:'"' -.,J 
K ············· · 2.2 5.94 8 ± 2 J.92 X 10- 7 0.20 -8A72 (J .6) . ..... . ... .. J .6 5.3 7 5.95 X 10- 3 0.10 - 8.32 2 
[ 4.8] .. . ......... 4.8 4.8 15 ± 5 2.18 X 10- 8 0.033 -8.96 2 
(10] ............ 10 4.0 ') l.JO x 10- 9 -9.49 2 
REFERENCES - (1) This paper (2) Cohen, Barlow, and Kuhi 1975 
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4Sooi we have used the spectrum of HD 50896 given in the atlas of 
Smith and Kuhi 1981 (hereafter Atias). For HeII(5411R) (Figure 4) 
the EW given in Atias and the value we obtained are in excellent 
agreement even though the profiles differ in their fine structure. 
3.3 THE CONTINUUM OF HD 50896 
The continuum of late-type W-R stars is generally believed to 
be affected by the stellar wind, although to what extent is still 
uncertain. For example, there is a systematic decrease in color 
temperature from UV wavelengths to wavelengths in the near-IR (Kuhi 
1966; Barlow, Smith and Willis 1981). Effective temperatures and 
radii of late-type W-R stars are therefore uncertain. 
The red and near-infrared continuum of HD 50896 has been 
investigated by CBK and by Hartmann and Cassinel l i (1977). CBK 
extrapolated a Rayleigh-Jeans curve from 1.um and showed that the 
difference curve between this and the IR data could be fitted by 
optically thin emission from a stellar wind which became thick at 
approximately lOµm. However, the choice of lµm is somewhat arbitrary 
(see below), suggesting the IR data should be modelled in 
conjunction with the optical data as was first done by Hartmann and 
Cassinelli. 
Hartmann and Cassinelli derived the density distribution by 
assuming that the IR excess was due to optically thick free-free 
emission from a gas in radiative equilibrium. They found that the 
continuum data indicated three density zones:-
1. A rapid acceleration zone occurring at large electron 
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scattering optical depth. 
2. A zone of constant or near constant velocity with the 
a ·t rt· lt -l.S - 2 ensi y propo iona o r or r . 
3. A second rapid acceleration zone at several stellar radii. 
Four factors have led us to re-examine the continuum data. 
1.current UV data suggests that E v=o.o (van der Hucht et ai. B-
1979; Schmutz and Smith 1980) rather than the value of 0.12 (Holm 
and cassinelli 1977; Willis and Wilson 1978) used by Hartmann and 
Cassinelli. 
2. High-quality IR spectra are now available to permit 
correction of the IR fluxes for line emission. 
3. A desire to obtain M/V, V (constant outflow velocity), C C 
and R which can be used to estimate the optical depths of the Hell 
lines. 
4. Hartmann and cassinelli's derivation of a small core for 
HD 50896 has not generally been accepted (Underhill et ai. 1980) 
even though analysis of the eclipsing binary V444 Cygni 
(Cherepashchuk and Khaliullin 1975; Hartmann 1978) indicates that 
the WNS component of this system has a core radius (r(electron 
scattering)~ l] of 2.6R0 . Furthermore, the implications that an 
extended atmosphere has for the computation of effective temperature 
and radii are generally not appreciated. These parameters cannot be 
found using plane-parallel model atmosphere calculations as was done 
by Underhill (1980) and Nussbaumer et ai. (1982). 
In Table 2 we list, for 1 to lOµm, the fluxes received at the 
Earth for a zero magnitude star (Hayes 1979) (fifth column) and the 
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continuum fluxes for HD 50896 with E =O.O (seventh column). For B-V 
the optical fluxes we have used the relative values given in CBK 
with the absolute calibration of Tug, White and Lockwood (1977), who 
0 -s -2 -l -l found F). ( ).=5556 A, m). =O ) = 3. 46x10 ergs cm s µ.m 
Since the reddening of HD 50896 is still uncertain we shall consider 
both E =O.o and E =0.12. To correct for interstellar extinction B-V B-V 
we have used the interstellar curve of Code et ai. (1976) in the 
optical and Jones and Hyland (1980) in the IR. 
To examine the continuum fluxes we have plotted log AF). vs 
log). for both reddening corrections (Figure 5). For case l 
(E =O.O) the optical continuum may be represented by a straight B-V 
line of slope -1.61±0.02 in the log AF). - log A plane, and the IR 
continuum by a straight line of slope -1.57±0.05. The larger error 
in the IR results from the 4µ.m and lOµm fluxes having a 15% 
uncertainty due to measurement errors and the absolute flux 
calibration. For case 2 (E =0 .12) the optical data has a steeper B-V 
slope than -1.61; however, the slope in the IR is unaffected. 
Before proceeding, it is necessary to determine whether the 
wind of HD 50896 is optically thick in the IR as assumed by Hartmann 
and Cassinelli. If the wind is optically thin there are two 
contributors to the observed flux (CBK): 
(a) a stellar component, and 
(b) optically thin free-free emission from the stellar wind. 
This has the approximate form 
-2 -1/2 
a: g(A,T) exp(-hV/kT) A T 
a: ). - · • 7 for T=3xl0 'K, l<A<lOµm 
(1) 
(Mihalas 1978), where we have neglected the temperature variation in 
FIG. 5 - The continuous energy distribution of KD 50896 for 
0.3<A(µm)<l0. Errors (±20) are indicated by the size of the dots . 
The slope in the IR (i.e., longward of ~1.5µm) is unaffected by the 
reddening correction and may be represented by a straight line of 
slope -1.57±0.05 in the log AFA-log A plane. The dashed line 
illustrates the small departure of the optical slope from this value 
when E =O.O. 8-V 
'/ 
• 
/ 
0 
co 
I 
51 
J + ( '{ .=i '{ ) 5 01 
0 
0) 
0 
C! 
0 
II 
> 
I 
co 
w 
N 
6 
II 
> 
I 
co 
w 
0 
0 
~ 
0 
~ 
lJ) 
0 
0 
0 
lJ) 
0 
:1.. 
,< 
CJ) 
0 
_J 
52 
the wind. 
To obtain the contribution from the optically thin free-free 
emission it is necessary to subtract the stellar flux from the 
observed flux, but this is model dependent. 
Underhill (1980) finds an effective temperature of 30000K for 
HD 50896 and then uses a Kurucz model atmosphere (1979) with the 
appropriate Teff and log g to derive the IR excess. For A>2µm the IR 
excess is independent of the model (i.e., T and g) if one assumes 
aff 
the departure of the optical continuum from a Kurucz plane-parallel 
atmosphere is due to optically thin free-free emission. The excess 
derived has the form 
, - 2 . 6 
F cc " ).. l.6<A<l0µm, 
which is significantly different from the optically thin case. We 
conclude from this that the wind of HD 50896 is optically thick 
longward of l.6µm. Moreover, the data in this region indicate that 
the core-halo model is inappropriate since an electron scattering 
depth of unity occurs when the optical depth at 2µm is also unity 
( see below). 
Since the wind of HD 50896 is optically thick we may use the 
observed fluxes to derive parameters (densities, radii) which 
describe the outflowing material. Cassinelli and Hartmann (1977) 
have shown the spectral slope in the log )..FA - log).. plane for a 
density distribution of the form r-w and temperature distribution of 
the form r -m is 
S = (6i.r-2.Sm-7)/(l+l.5m-2w) ( 2) 
For w=2, S=-1.67 (independent of m) which is approximately the 
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observed spectral slope for both reddening corrections longward of 
lµm. This indicates that the 1-loµm flux is formed in a region with 
-2 
an r density law, but to confirm this we need to investigate the 
assumptions which were used to derive equation (2). 
The derivation of equation (2) assumes (a) Electron scattering 
can be neglected (b) hV/kT < l (c) Bound- free opacity can be 
neglected (d) There is no Gaunt factor variation with wavelength. 
Effects (a), (b) and (c) become more important at shorter 
wavelengths and (d) requires accurate data (0<10%) to be detectable 
in the optical-IR region. 
To obtain an estimate of the importance of bound-free 
transitions we can use LTE estimates, which are listed in Table 3. 
6 
8 
TA BLE 3 
RAT! OF FREE-FREE TO BOL.: :so-FREE OPACITY FOR Ht! 11 AT 
T HREE WA VELE:SGTHS I. TH E NEAR-[R 
I ( • • ) /. ff/ /.bf A < I." 
n 1\ (pm) T = 3 X 10~ K T = 5 X 10~ 
.. .... . . . ... . .... 0.820 l. 1 2.0 
.. .... ······ .... . 1A6 2.3 -U 
10 ..... . .. ...... . .. 2.278 3.3 6.7 
K 
For higher temperatures the ratio of free- free to bound-free 
opacity scales as the temperature. From- Table 3 it is apparent that 
shortward of 3µm bound-free trans i t ions may make an important 
opacity source if the temperature of the extended atmosphere is near 
30000K. Furthermore, bound- free transitions become increasingly 
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important at shorter wavelengths. Note, however, that longward of 
lµm, the bound-free opacity scales as A2 , the same as for free-free 
opacity. 
Had assumptions (b), (c) and (d) not been made, the predicted 
slope would be marginally increased (i.e., more positive) by ~0.1 
over that given by equation (2), for win the range l.5<W<2.5 and T 
(isothermal)> 30000K. The relatively small correction is partly due 
to the effects of assumptions (b) and (c) offsetting each other. 
Since assumptions (a), (b), (c) and (d) have only a small 
effect longward of lµm, we can consider equation (2) to be 
applicable for interpretation of the IR data. The observed IR slope 
of -1.57±0.05 therefore indicates that the l to lOµm flux is formed 
in a region with a r- 2 density distribution and hence a constant 
outflow velocity. The departure of the slope from the value of -1.67 
indicated by equation (2) is consistent with the corrections to 
equation (2) required by the assumptions in its derivation. 
From the data (Figure 5, Table 2) there is no indication of a 
change of slope in the 1-lOµm region. Consequently there is no 
indication of a second acceleration zone in which the wind is 
accelerated to terminal velocity. However the data do not rule out a 
second acceleration zone but indicates that it can only occur 
exterior to the lOµm formation region. Note that the HeII line 
profiles in the optical indicate the existence of a near constant 
velocity zone since they show no evidence of emission at velocities 
greater than 1500 k:rns- 1 , whereas UV data suggest that the wind of 
HD 50896 has a terminal velocity of 2700 k:rns- 1 (Willis 1982). 
-2 For an isothermal r density distribution we may use the 
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result derived by Wright and Barlow {1975) to derive the constant 
outflow velocity V in terms of the mass loss rate M. This may then 
C 
be used as a first approximation in modelling the wind of HD 50896 
and can also be used to estimate line optical depths in the stellar 
wind. 
The result derived by Wright and Barlow may be written in the 
form 
Using D = 1.56 kpc (Underhill 1980), g = 1.73 (Karzas and Latter 
1961), and S(lOµm) = 1.08 Jy, we obtain 
• -l -5 -1 
V c/M = 260±50kms /( 10 M0 yr ) ( 4) 
Barlow, Smith and Willis {1981) derived a mass loss rate of 
- 5 - l 4. lxlO M yr from a comparison of HD 50896 with two other 
e 
Wolf-Rayet stars. Although we have reservations about this technique 
(since velocity structure may depend on the W- R subtype) their value 
substituted into equation (4) yields a constant outflow velocity of 
-1 1100 kms This is not inconsistent with the HeII profiles (which 
indicate 1000<V <1500) but further comment will require detailed 
C 
modelling with the effects of electron scattering on the line 
profiles included . 
Below, using coarse approximations, we show some of the effects 
that an extended atmosphere has on the continuum formation when the 
dominant opacity source is He++ free-free. Part of the problem in 
interpreting the IR fluxes is that the radiation at a given 
wavelength originates over a very large volume . This is one of the 
reasons that Hartmann and Cassinelli could fit their IR data with 
either a tJ=l.5 or tJ=2.0 density distribution. 
Consider a density distribution of the form r - u As a first 
approximation we shall ignore the effects of electron scattering and 
assume Herr free-free is the dominant emissive/opacity source. 
Assuming hv/kT<1 we have 
-2?.> 
continuum emissivity= ~c ~ r 
The continuum will only originate at radii which are larger 
than Re' the radius at which the continuum optical depth is ~1. If 
we assume that there is a second rapid acceleration zone occurring 
at radius R the emitted flux can be found from 
s 
F 
V 
C 
where we have ignored occultation effects. Consequently, 
-2?.>+3 _ R-2?.>+3) 
F V u: ( RC S (w > l.5, R > R ) S C 
a: ln(R /R ) S C (w = l.5, R > R) S C 
From this we note two important points: 
(5) 
1. A w=l.5 density distribution would have infinite emission if 
it were isothermal and there were no second acceleration zone. 
Consequently, it is the temperature distribution and the location of 
the second acceleration zone whi ch determi ne the observed flux and 
its spectral slope. 
2. From equati on (5) it is apparent that for a tJ=2 or tJ=2.5 
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density distribution approximately 1/ 3 of the observed flux 
originates beyond 3 and 1 . 75 radii (T =l), respectively. Moreover, 
II 
we find from the solution of the radiative transfer equation (see 
- 2 Wright and Barlow 1975) that for an isothermal r density 
distribution the representative radius, R, as defined by 
e 
occurs at; = o.os ! 
V 
This exemplifies the extremely extended nature of the continuum 
formation region. 
The possible existence of a second acceleration zone and the 
large volume emitting at a given wavelength necessitates that we 
observe over a wide wavelength range. Thus for modelling the wind of 
HD 50896 it is of prime importance that a mass loss rate be obtained 
from radio data, and that 5 and lOµm fluxes be obtained to an 
accuracy better than 10%. The 20 and 30µm fluxes of HD 50896 should 
also have a high observational priority since they will greatly aid 
our understanding of the density struct ure of the wind of HD 50896. 
We have shown that the red and near-IR continuum of HD 50896 is 
inconsistent with a plane-parallel continuum and optically thin 
free-free emission . The wind is optically thick and has a zone of 
- ., 
constant outflow velocity (i.e., an r • density distribution) whose 
velocity is less than the terminal velocity of the stellar wind. The 
· -1 -s -1 
observed IR stellar flux indicates V i/M =260±50 kms /( 10 M0 y:r ) 
and an electron scattering radius ( ·-; es -=l) of 5 . 5 R0 . It should be 
noted , however, that due to the extended atmosphere and the non-grey 
opacity the radius at which the thermal opacity has unit optical 
depth is a strong function of wavelength. In particular, we find 
!\oµm< T th=l ):x1sR0 and R2µm( T th -=l )""'4. 8R0 for a wind temperature of 
3.3xlo 4 K, and using a distance of 1.56 kpc. 
The atmosphere of HD 50896 is so extended that plane-parallel 
atmosphere calculations cannot be used to derive an effective 
temperature and radius of the underlying star as illustrated by the 
result that for an r- 2 density distribution the representative 
radius occurs at ~=0.05 which is very different from the 
plane-parallel atmosphere value of 2/3. Further, the concept of an 
effective temperature for HD 50896 is badly defined since the core 
radius varies with wavelength. 
3.4 SPECTRAL CHARACTERISTICS AND THE H/He RATIO 
3.4.1 The H/He Ratio 
As previously discussed by Hillier (1982) most of the features 
in the IR spectrum of HD 50896 can be attributed to HeII 
transitions. In particular, we note that the 1~4.2µm region contains 
members of the HeII(n-6), HeII(n-7) and HeII(n-8) series. Of these 
the HeII(n-8) series is particularly useful since it allows the 
determination of the H+/He++ ratio in the wind of HD 50896. 
Smith (1972) reported that HD 50896 is severely hydrogen 
deficient. From the analysis of the Pickering decrement she 
concluded that tt•/He++ < 0.05. Since the analysis is not accepted by 
everyone (Underhill 1980; Sahade 1980), · we have decided to check 
this result using the HeII(n-8) series. 
In this series accurate (0<10%) equivalent widths could only be 
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obtained for the HeII(l0-8), HeII(l3-8), HeII(l4-8), HeII(lS-8), 
HeII(l9-8), and HeII(20-8) transitions due to blending and 
atmospheric absorption. Of these, HeII(20-8) may be contaminated by 
NIV. 
The EWs for the transitions n ~13 are given in Table 4 together 
u 
with their wavelength and oscillator strengths (Wiese, Smith and 
Glennon 1966). In the final column we have formed the ratio 
A,EW/(gifiuJ which will be a constant if the lines are optically 
thin, and if the upper levels are in LTE (3.5.3), 
TABLE 4 
COMPARISON OF LI E STRE. GTHS FOR THE He 11(n-8) S ER IES 
He II Transi tion ), (µm) EW (A) !,. A X EW/g, !,. 
13-8 
····· ····· .... . 
2.3464 77 2.724 X 10- 1 52 
14-8 ............... 2.1646 57 1.726 X 10- 1 56 
15-8 ........... .... 2.03 73 45 1.177 X 10- z 61 
19-8 ...... · ·· ·· . ... 1.7719 19 3.856 X 10- J 6 
20-8 .... . .......... 1.7 35 5 21 3.112 X 10- 3 91 
Griem (1963) has shown for a hydrogenic ion, under general 
astrophysical conditions, the population of level n will be within 
10% of its LTE value with respect to the next ionization state 
provided n)n where 
0 
17/2 = 18 N -l(kT /E )l/2 
no 7. 4xlO e e H . ( 6) 
. l l Using 10 as an estimate of the electron density, we find 
n (HeII)=l2 and n (H)=7; hence, for the transit ions given in Table 4 0 0 
the populations of the upper levels can be considered to be in LTE. 
The result is insensitive to the temperature. Further evidence that 
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levels with n>l2 are in LTE, comes from Castor and Van Blerkom 
(1970) who solved the rate equations for a density of 2.sx10 11 and 
an electron temperature of 50000K, and found that for n >14 the 
0 
populations were within 10% of their LTE values. 
ratio 
Since departures from LTE are unimportant we would expect the 
X.EW/(g f ) in column 5 of Table 4 to be constant for 
i iu 
optically thin lines. Its variation therefore indicates that the 
transitions HeII(l3-8), HeII(l4-8) and HeII(l5-8) are partially self 
absorbed. Moreover, the optical depth is largest for HeII(l3- 8) as 
we would expect since this line has the largest gf value . If the 
individual line fluxes were strongly influenced by the optical depth 
of the line we would expect a large variation in the ratio 
X.EW/(g1f 1u). The observed variation is only 30% even though the LTE 
optical depth varies by a factor of 4, indicating that the 
transitions with n >19 can be considered to be optically thin. 
u 
Without detailed modelling the lines given in Table 4 are not 
suitable for determining a tt•/tte+• ratio since they are moderately 
opti cally thick. The transitions HeII(20- 8), HeII(21-8) and 
HeII(22-8) are also unsuitable due to blending. It was therefore 
decided to use lines with n >23 even though the individual line 
u 
fluxes are difficult to determine. Although higher members of the 
HeII(n- 8) (n>23) series are intrinsically blended they allow an 
upper limit to be placed on the tt•/He+• ratio with minimal 
assumptions. 
As indicated previously, the transitions will be optically 
thin, and their upper populations will be in LTE. If hydrogen is 
present, its lines will appear as small emission features on top of 
the HeII(n-8) pseudo continuum. They are not blended since they only 
occur with every second HeII(n-8) transition. Using 
EW of line due to tt• 
=~ He++ (by number) EW of line due to He•+ 
then allows a determination of the H•/tte++ ratio. 
In HD 50896 small emission features occur at the wavelengths of 
H(12-4), H(13-4) and H(l4-4) with the feature at the wavelength of 
H(12-4) easily discernible (EW < 2.5R). Using HeII(l9-8) to estimate 
an EW of 8.5R for HeII(24-8) we obtain an upper limit of 0.3 for the 
H•/He++ ratio. We are unable to place a lower limit, because of 
atmospheric absorption, the limited signal-to-noise of the H 
spectrum and the sensitivity of the analysis to the location of the 
continuum. Nevertheless, it is possible to conclude H•/He++ < 0.3 
confirming Smith's (1972) previous conclusion that HD 50896 is 
extr emely hydrogen deficient. 
3.4.2 Other Spectra l Features 
Although the IR spectra of HD 50896 shows mainly HeII 
transitions, other ionic species are also represented. In 
particular, we note that the J band is dominated by the 2s-2p 
triplet of HeI at 1.083µ.rn. The large strength of HeI(l.083µ.rn) in W-R 
stars has been discussed by Kuhi (1968). The corresponding singlet 
0 . line at 2.058µ.rn is present but only weakly (EW=l2A). However in WN8 
stars (e.g., HD96548, HD86161) the singlet feature shows strong (50% 
absorption) P-Cygni characteristics (Chapter 4). 
The IR spectrum of HD 50896 also shows weak nitrogen features, 
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primarily NV( 3d 2 D-3p 2 P) at 1.518µ.m and the hydrogenic transitions 
NV(l0-9) at 1.514µ.m and NV(ll-10) at 2.110µ.m. NIV is also probably 
present as NIV(8-7) at 1.190µ.m and NIV(9-8) at 1.736µ.m; however, 
both regions have other contributors to the observed emission. It is 
not possible to determine whether any hydrogenic transitions of NIII 
are present since they are masked by telluric absorption or other 
emission lines. 
Since optical and UV spectra indicate the presence of carbon in 
WN atmospheres we have also examined the IR spectra for emission 
features belonging to carbon. In HD 50896, CIV(3p 2P-3s 2 S) is in 
emission at 5806R having an EW of 2aR. This is the only carbon line 
definitely present in the optical spectrum of late WN stars (Bappu 
1973); consequently, the only carbon line we might expect to detect 
in the IR is CIV(3d 2 o-3p 2 P) at 2.0754µ.m. We failed to detect this 
line and can place an upper limit of 2R on its EW. 
3.5 EXAMINATION OF LINE FLUXES 
With the higher resolutions now available in the IR it is 
possible to measure accurate line fluxes for many HeII transitions. 
In addition to abundance constraints these line fluxes will yield 
new insights into the structure of Wolf-Rayet winds. We have 
examined the line fluxes in three ways: 
1. A comparison of the line fluxes with those predicted by Van 
Blerkom and Patton's (1972) coarse analysis of HD 50896. 
2. Examination of fluxes in transitions which originate from 
the same upper level. If the lines are optically thin, and originate 
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in the same region, the relative strengths o f the lines should 
reflect only the differences in their Einstein A coefficients. 
3. Examination of lines which are optically thin. We show that 
optically thin Herr lines may be used to derive the temperature in 
their formation region. 
3.5.l Van Blerkom and Patton's Coarse Analysis 
Currently, the only model published for HD 50896 from which 
line flux predictions can be made for the IR region is the coarse 
analysis by Van Blerkom and Patton (1972). They used the Sobolev 
approximation at a single representative point in the stellar wind. 
In Table 5 we present the observed fluxes together with the 
line optical depth (column 5) and the line flux predicted by the 
model for several transitions. We have assumed EB-v=o.o, which 
corresponds to case A of Van Blerkom and Patton's analysis. 
TABLE 5 
COMPARiso:--; OF EWs PR EDICTED BY VA:-,/ B LERKo~, A:-.D P . .\ TTo:--;·s 
COARSE A:-.:ALYSIS OF HD 50896 WlTH THE OBSERVED VALL"ES 
Obsen·ed Predicted 
He II Transit ion ;. (pm) EW (.J.) EW (A) 
'u l 
10-6 
. .. ... .. ... . · ···· .. l.2813 86 119 2.6 
10- 7 
..... ...... .. · ····. 2.1855 165 187 4.-t 
15-
... · ····· ··· · ···· · · 
2.03 73 45 43 0.6 
14-8 2.1646 57 ") l.O .. . ... . .... . .. . .. . . 
-13- 8 ...... . ..... . ...... 2.3464 i7 12 1 13 
10-
..... . ······ ····· .. 
4.0494 470 214 0.4 
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The agreement between the observed and predicted fluxes is 
poor. Although the discrepancy may be due to the small wavelength 
coverage of Van Blerkom and Patton's data (the model found was not 
unique) we believe it is due to an inadequate model. Primarily Van 
Blerkom and Patton assumed that the lines originate in the same 
region of the stellar wind. This is incorrect for two reasons: 
l. The mean radius at which an emission line originates is a 
function of the line optical depth. The larger the optical depth, 
the greater the mean radius at which the line will originate 
( Appendix 3-1). 
2. The continuum opacity limits the region in which an emission 
line may be formed. Since the continuum opacity varies with 
wavelength the minimum emitting radius is a function of wavelength. 
3.5.2 Transitions From The Same Upper Level 
A prime reason to extend spectral coverage of W-R stars to the 
IR is to observe transitions which originate from the same upper 
level. If the transitions are optically thin, and originate in the 
same region, the relative strengths of the lines should reflect the 
differences in their Einstein A coefficients. 
Table 6 presents four HeII sequences with column l indicating 
the transition, column 2 the wavelength, column 3 the EW, columns 4 
and 5 the continuum flux (FA) normalized to lat 4µm for E8_v =O.O 
and E =0.12, respectively, column 6 the Einstein spontaneous B-V 
emission coefficient, columns 7 and 8 the ratio (EW)FA10 5 A/Aui' for 
E =O.O and E =0.12, and finally column 9 gives the shifts (in B- V B-V 
TABLE 6 
DATA FOR COMPARISON OF L1:-.-E FLUXES FOR TRANSITIONS WHICH ORIGINATE FROM THE SA~(E LIPPER LEVEL 
(EW)F, 10 5 ,1,/ A., (EW)F , I0 ; ,1,/.-1.1 Ht! n T ransition ,;, (pm) EW (A) F;.(£8- V = 0.0) F;.(£8-V = 0.12) A.1,110 5 ,i, (µm) (£9-v=O) (EB- v = 0.12) Sh ift ( 1) (2) (3) (4) (5) (6) (7) (8) (9) 
7-4 ..... . . ..... . .... 0.5411 60 105 295 89.9 137 197 0.95 7 . 1.1626 170 26.8 29.4 44.8 102 111 0.95 
-) ................. 
7-6 ................. 3.0908 800 1.99 2.01 23 .6 67 68 0.95 
10-4 ········ · ········ 0.4339 19.7 370 580 15.6 467 732 OAO 10-6 .. . .. . ........... 1.2813 38 20.7 22.4 4.61 395 428 0.-lO CJ'\ \J1 10-7 . . ... . . . . . ....... 2.188 5 160 4.97 5.08 2.85 279 285 0.-lO 10-8 ........ . . ....... 4.0494 470 0.968 0.968 1.85 246 246 0.40 
13-4 .. .. ......... ... . 0.4026 8.6 450 730 4.25 910 1477 0.10 13-7 . .. .... . ......... 1.5719 44 12.0 12.6 0.799 661 694 0.10 13-8 .. . ... . ...... . ... 2.3463 77 4.13 4.21 0.532 598 609 0.10 
14-4 · · ··· · ······· · · · · 0.3968 Q.4 470 777 2.94 1023 1691 14-8 . .. ... .. . .. . ... . . 2.1646 57 5.12 5.24 0.370 787 807 14-9 ................. 3.1446 90 1.90 1.92 0.155 670 678 
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the log plane) applied to the HeII(l3-n), HeII(lO-n) and HeII(7-n) 
series. These three series were chosen since each had at least three 
members for which accurate fluxes (a< 20%) could be determined. 
Higher sequences were ignored since the lines are t oo weak for 
precise measurement. Since we wish to compare line fluxes we shall 
consider E =O.O and E =0.12 . B-V B-V 
'I'he data are shown in Figure 6 ( E o o and E o 12) h B-v= . B-v= . w ere 
we have plotted log(line flux/AV) vs log A, Since the sequences will 
have different strengths based on the population of the upper level 
we have applied a constant shift (column 9, Table 6) to each 
sequence to minimize the scatter. 
If the lines are optically thin and originate in the same 
volume, the plots will show a linear correlation of zero slope. From 
Figure 6 it is apparent that this is not the case; there is a strong 
negative correlation which has the wrong sense to be explained by an 
incorrectly assumed E . 
B-V 
The observed correlation is linear (to the accuracy of the 
observations); hence, we have fitted a straight line to the data. 
For EB-v=O.O the slope is -0.31 and for EB-v=0.12 it is -0.52. The 
large difference in slope stresses the importance of determining an 
accurate E for HD 50896. B-V 
The observed correlation is primarily due to the variation of 
continuum opacity (in this case free-free) with wavelength. Lines of 
increasing wavelength are weaker than expected since they originate 
at successively smaller mean densities (i.e., larger radii) owing to 
a higher optical depth in their continuwn. 
-r., To illustrate the above we will consider an r density 
FIG. 6 - A plot of log ((line flux)/(predicted line flux)) vs. 
log A(µm) for four HeII series originating from the same upper 
level. If the lines are optically thin and formed in the same 
volume, the plot will show a linear correlation of zero slope. A 
slope of -2/3 is predicted for an isothermal atmosphere where the 
lines are optically thin and the dominant opacity source is HeII 
free-free. 
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distribution which is isothermal, optically thick, and whose 
dominant opacity source is free-free. In the following section a 
more general result will be presented. Assuming hV/kT < 1, the 
continuum optical depth T). is given by 
_ , 2R- 2 IJ +- l T). ( free-free ) - ,... 
which gives 
( 7) 
where R). is the radius at which the continuum optical depth is 1. 
Since the line flux only originates in regions where the adjacent 
continuum is optically thin and the populations of the upper levels 
scale as the density squared, we have (assuming the line is 
optically thin) 
CIO 
Line Flux= LF a: I r - 21J 2 r 7JL 
R>.. 
dr , 
where 7JL = line emissivity with r-dependence removed. 
Integrating and replacing R>.. by). using equation (7) we have 
, -2 {21J-3l/ {21J-ll 
LF a: " 7JL , 
which for c.r-2 gives 
LF a: ( 8) 
Hence, the limitation that the line emission only comes from 
regions in which the continuum is thin produces a correlation in the 
same sense as that observed. Since other factors will affect the 
observed flux it is not possible to derive a density distribution 
from the observed slope without detailed modelling. 
Another factor which influences the line fluxes is the optical 
depth of the individual lines. In 3.4.l we showed that HeII(l4-8) 
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and HeII(l3-8) have reduced fluxes because of their optical depth. 
Using HeII(l9-8) (see 3.4.1), the reduction in flux is estimated to 
be approximately 30% in these two lines, which is not sufficient to 
bring them and the optical fluxes into agreement with the optically 
thin case (and same emitting volume) for E =0.12. For E =O.O a B-V B-V 
50% flux correction is sufficient; however, this assumes the optical 
lines are optically thin, which may not be the case. 
To estimate the optical depth of the HeII(l4-4) and HeII(l3-4) 
lines will require detailed modelling since their lower level (n=4) 
will be strongly influenced by departures from LTE. 
Examination of line fluxes originating from the same level has 
shown that members of several series have fluxes inconsistent with 
optically thin emission from identical volumes. It was shown that 
the observed correlation is primarily due to the line emission being 
limited to regions where the continuum is optically thin although 
the observed fluxes have been further modified by the optical depth 
of individual lines. It is therefore necessary to conclude that 
modelling of line profiles (and hence fluxes) will require 
simultaneous modelling of the continuum. 
3.5.3 Optically Thin Transitions and the Temperature of the 
Stellar Wind 
A major problem in understanding the structure of W-R 
atmospheres is that an analysis of an individual line profile does 
not yield a unique atmospheric structure. Previous investigations 
(Cannon 1974) have shown that different mass loss rates, different 
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velocity distributions, and different temperature distributions can 
give rise to profiles which are observationally identical. It is 
therefore important to develop techniques which utilize line and 
continuum fluxes (or several lines) simultaneously to constrain the 
structure of Wolf-Rayet winds. We have therefore developed a 
technique utilizing an optically thin Herr transition and its 
adjacent continuum flux to constrain the temperature in the region 
where the HeII line is formed. 
Consider an optically thin Herr line where an optically thin 
line has a line optical depth TL« 1 (due to enhancement of photon 
escape by the velocity field) in the region where the continuum 
optical depth is~ 1. Since both the line emission and the free-free 
emission scale as the density squared, an optically thin line and 
its adjacent continuum will originate in the same region and 
experience the same continuum absorption processes. 
The transfer equation (observer's frame) in the (p,z) 
coordinate system (Mihalas 1978) is (ignoring electron scattering) 
where 
+ 
+ 
ar ;az 
V 
+ 
~c + ~L¢(p,z) - [xc+xL¢(p,z))Iv , (9) 
I =intensity towards observer, ~ =continuum emissivity, V C 
xc=continuum opacity, ~L=line emissivity, x1=line opacity, 
¢(p,z):emission profile. 
As a first approximation we will neglect the line opacity and 
retain only the line emission term in the transfer equation. We may 
then write (9) in the form 
+ 
r ) ' 
V 
(10) 
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where Bis the Planck function. 
In this analysis we are interested only in the total amount of 
energy in the line; hence we define 
• I dv 
V 
where the limits v and v are chosen to include all the line 1 2 
emission but are sufficiently close that the variation of xc' nc' 
and B with v may be neglected. Integrating equation (10) over 
frequency and then integrating over all rays we obtain 
E( line+continuum) = KB ( v -v +nL/n ) , 
2 l C 
E( continuum) = KB ( v -v ) 
2 l 
where K is a constant which depends on the atmospheric structure, 
and we have assumed nL/nc is constant. From these two equations it 
follows that 
2 -l EW (Line)= X nL (enc> (11) 
(c = speed of light). 
The result (11) depends only on the assumptions that the line 
opacity may be neglected, and that nL/nc is constant in the line 
forming region, and utilizes both the line flux and its adjacent 
continuum flux. 
It is now necessary that we determine nL/nc· Using the 
expressions for n and n (assuming free-free is the dominant L C 
continuum source) given in Mihalas (1978) and the Saha- Boltzmann 
equation, we obtain the important result that an optically thin Herr 
line formed in an isothermal wind has 
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( 12) 
where bu is the mean departure coefficient of the upper level and ~i 
is the ionization energy of the lower level. 
For lines which are optically thick, equation (12) gives an 
upper limit to the estimated temperature since a non-zero line 
optical depth must reduce the observed flux. It should be stressed, 
however, that equation (12) is independent of the assumed density 
structure. 
To check the magnitude of the effect of the line opacity it is 
necessary to consider a particular atmospheric geometry. In 3.3 we 
-2 showed that t he wind was opt ically thick in the IR and had a r 
densi ty distr ibution. Making the additional assumption that the wind 
is isothermal in the region where the line is formed we have the 
observed intensity from a given ray in the (p,z) coordinate system 
I~(obs) = B(T) [l-exp(-T )] 
m ( 13) 
where T is the maximum opacity along the ray and we have assumed m 
that there is no radiation incident on the outer boundary. 
For HeII we may write 
-4 
X z: 
0 
and c5( v-v -za/r) 
0 
where /3 is a constant, a = v V /c and c5 is the Dirac delta function. 0 C 
From these two equat i ons we obtain 
- 3 
T = 0.57Tp X (continuum) m o 
73 
2 [ ( V -v )/a) ~ 1. 
0 
We then may integrate equation (13) over all rays (assuming 
spherical geometry) to obtain the observed flux 
where 
q Joo J - 3 (1-exp(-u )Ju du. 
0 
Defining ('Y=2/3hra), and noting that 7JL/1Jc = XL/Xe in LTE we have 
EW(LINE) 
2 
= 2X 7JL[l-
3c1J 
C 
~ ~ } 2711 + 27 ... (14) 
where we have assumed that"/ < 1. The assumption of"/< 1 is 
equivalent to assuming that the line is thin (TL< 1) in most of its 
formation region. Consequently, it is continuum processes whi ch 
control the line strength. 
Comparing equation (14) to the result (11) we see that there is 
a 33% reduction in the line EW due to line opacity, however small; 
consequently the line opacity significantly affects the observed 
flux. The factor 2/3 appearing in equation (14) is relatively 
insensitive to the density structure for a density structure of the 
- IJ form r with 1J near 2 (i.e., 1.5 < 1J < 2.5 ). 
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We have used equations (11) and (14) to estimate the 
temperature of the stellar wind of HD 50896. The lines used were 
HeII(21-7), HeII(lS-7), HeII(l9-8) and HeII(2l-9) which have their 
upper levels in LTE (Section 3.4.1). Due to the limited 
signal-to-noise of the spectra, the line EWs contain large errors 
(±20%), hence we plan to remeasure the line EWs and their profiles 
more accurately in the near future. The temperatures found from 
equation {14) are given in Table 7, together with the line 
equivalent width, the line oscillator strength and the parameter 
gamma. The temperatures derived by equation (11) are 1.5 times those 
given in the table. From equation {11) the mean temperature derived 
is 49000K, which is an upper limit to the temperature in the 2µm 
formation region. A better estimate for the wind temperature is 
33000K, which is the mean of the temperatures derived from equation 
( 14), 
TABLE 7 
T E'.IPERATL'RE ESTI'.IATES FOR THE W1:,.;o OF HO ·o 96 
WHERE THE 2 .um CONTI:S. L'L' \.( Is FOR~I ED 
He II Transitio n i. (Jim) EW(.-\) !,. T (K) 
2 1-7 ...... .. . ........ l.2557 12 :!: 3 l.99 X 10- J 29.000 
18-7 ................. l.3150 15 ± 3 3.62 X 10-) 37,000 
19-8 ......... ...... .. l. 77 20 19 ::: 3 .) . 6 X 10- J 30.000 
21 - 9 ... . ... ... ....... 2.2602 > 13 (CVF) 3.29 X 10- J 35.000 
1 (30.000 K) 
0.30 
OA9 
0.34 
0.21 
Several assumptions have been made concerning the derivation of 
the wind temperature. First, if bound-free transitions are 
important, the temperatures obtained will overestimate the true wind 
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temperature. Secondly, we have assumed the line opacity to be given 
by its LTE value. We believe this to be a reasonable approximation 
for the lines under consideration since the electron densities are 
greater than 1.ox.10 12 in the region where the line opacity is 
* * important. If XL<XL ( denotes LTE value) the wind temperature will 
lie between that given by equation (14) and the maximum estimate of 
* 49000K; however, for XL>XL the true wind temperature will be less 
than that given by equation (14). 
Finally, we have assumed the wind to be isothermal in the line 
-m forming region. For a temperature of the form r ( lml<0.5) the 
derived temperature can be considered to represent the true 
temperature in the region where the 2µm continuum optical depth 
is~ 0.05, the characteristic optical depth for an r- 2 density 
distribution. Using previously derived parameters for the wind 
(3.3), a 2µm optical depth of 0.05 corresponds approximately to a 
radius of 13R0 . 
From an analysis of optically thin Herr lines we have 
determined that the temperature in the wind of HD 50896 where 
T a 0.05 is 33000±5000K. The temperature was derived assuming a 2µm 
r-
2 
density distribution, but is only weakly dependent on the 
density distribution. 
By neglecting the line opacity, we found, independent of the 
density structure of the wind, that the temperature at 
T(A=2µm) ~ 0.05 must be less than SOOOOK. This rules out very high 
wind temperatures in the 2µm continuum formation region unless we 
have a two-phase medium as suggested by Lucy (1980) for O stars. 
With a two phase medium it will be the cooler phase which will 
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dominate the line and continuum formation. 
The derived wind temperature of 33000K and the previous 
estimate for V c!M allow an estimate of 4. 8R
0 
to be made for the 
0 radius at which T{2µm)=1. Since the opacity longward of 1000A is 
dominated by free-free and bound-free processes (proportional to 
A 
3
(1-exp(hV/kt))) the UV flux must originate at even smaller radii. 
The small radius in conjunction with the observed UV flux {Schmutz 
and Smith 1980) indicates that the UV flux must originate in a 
region where the temperature is greater than 60000K. Further proof 
of this may be seen in the temperature structure of the Hartmann and 
Cassinelli {1977) radiative equilibrium model for HD 50896 and the 
observed temperature distribution for V444 Cygni (Cherepashchuk and 
Khaliullin 1976). 
From the above analysis it is apparent that optically thin Herr 
lines provide an excellent method for determining the temperature 
structure of the wind. The EW of the line is relatively insensitive 
to the density structure since both the line and the continuum are 
controlled primarily by continuum absorption processes. Using 
optically thin Herr lines in conjunction with line profile analysis 
should yield accurate temperatures, and by considering lines over a 
wide wavelength scale, the temperature structure of the wind. 
3.6 LINE PROFILES 
Previous investigations have shown that the winds of Wolf-Rayet 
stars a.re thick to the infrared continuum. Since line emission can 
only originate in regions where the optical depth in the adjacent 
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continuum is thin, we might expect to see a systematic variation in 
the line profiles as we extend spectral coverage to larger 
wavelengths. In particular, we might expect to see an increase in 
profile width as we progress to longer wavelengths if the lines are 
formed in a stellar wind with a monotonically increasing velocity. 
To investigate the line structure we have observed several 
lines in the IR in detail. These are plotted in Figure 4. In Table a 
we list the line width in kms- 1 at the 50% and 25% power points, and 
the height of the line in continuum units (column 5). For comparison 
purposes we have shown the HeII(7-4) profile which was taken with a 
dispersion of 30R mm- 1 using the 1DPCA. 
He n Transi tion 
7-4 . . . . . . . .. . .. 
10- 6 . . . .. .. . .... 
10-7 . ... .... . ... 
10- 8 . . .. . ....... 
T AB LE 8 
He II L1 NE PR OFILES 
o- 0 .;okms - 1 
;_ (pm) (Wid th 50 ~~ ) 
0.54 11 2200 
1.2813 1900 
2.1885 2200 
4.0494 2700 
Go . 15 km s-1 
(\Vidth 25 °·0 ) 
2850 
2500 
3000 
3300 
1.5 
0 .96 
0.92 
1.5 
From Table 8 and by visual comparison of the line profiles it 
is apparent that the lines have very similar half- wi dths (2100±150 
kms - l) and structure ( a /o =O. 73). The only exception is 
0.50 0.25 
-1 HeII(l0- 8) which is 600 Jans wider at the half powerpoint. Since 
the increase in width is only 2 channels, we intend to confirm this 
result in the near future by observing the line at higher 
resolution. 
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The constant width of the HeII lines (with the possible 
exception of HeII(l0-8)) indicates that the lines are formed in a 
near-constant velocity zone. If the wind had a large radial velocity 
gradient, the lines would show varying widths. This is because 
different lines would originate at different mean radii (and hence 
in different velocity zones) because of their own optical depth and 
the optical depth of their continuum. The larger width of HeII(l0-8) 
indicates that this line may have sufficient optical depth to cause 
some of its emission to originate beyond the constant velocity zone. 
Although we have just begun examining IR line profiles, the 
preliminary data suggests that they can greatly contribute to our 
understanding of W-R atmospheres. In particular, the data indicate 
that in HD 50896 the HeII(l0-8) line at 4.05µm may be formed in a 
different velocity zone from the shorter wavelength lines. An IR 
spectrograph is currently under construction for the AAT with 16 
detectors and an operating resolution up to 2000. Because of the 
large gain in signal-to-noise ratio over our current CGS (16 of 
which a factor 4 is due to a larger mirror and a factor of 4 is due 
to an increase in the number of detectors), we will be able to 
obtain high quality line profiles for HD 50896 and many other W- R 
stars. Of special interest will be the HeII(l0-8) line at 4.05µm and 
the HeII(8- 7) line at 4.7µm. 
3.7 CONCLUSION 
Using a newly built cooled grating spectrometer we have 
obtained IR spectra from l-4.2µm of HD 50896. The IR spectra have 
79 
greatly contributed to our understanding of W-R atmospheres. 
By examination of the continuum flux we have shown that the 
wind of HD 50896 is optically thick and has a constant or 
near-constant velocity zone as first indicated by Hartmann and 
Cassinelli (1977). Furthermore, the observed 10µm flux indicates 
· -1 -s -1 
that V c!M=260kms /( 10 M0 yr ) in the constant velocity zone. The 
electron scattering radius (T ~1) occurs at 5.5R , and due to the 
es 0 
extended atmosphere the thermal radius (Tth"'1) is a strong function 
of wavelength. The data indicate that R(A=lOµrn,rth=1)=lSR
0 
and 
4 R(A=2µm,Tth=l)=4.8R0 (assuming T =3.3xJ.O K). 
We have also shown that with a very extended atmosphere the 
continuum forms over a very large volume. This is clearly 
illustrated by the result that for an r- 2 density distribution the 
flux can be considered to originate at a thermal optical depth of 
o.os, which i s very different from the value of 2/3 for a 
plane-parallel atmosphere. This effect, when combined with the very 
non-grey opacity, implies that we cannot use plane- parallel 
atmosphere calculations to derive radii and effective temperatures. 
An analysis of the HeII(n-8) series yielded a tt•/tte++ < 0.3 by 
number with very few assumptions. This confirms Smith's (1972) 
earlier analysis of HD 50896 which indicated that HD 50896 was very 
hydrogen deficient. 
A comparison of the observed fluxes with those predicted by Van 
Blerkom and Patton's coarse analysis of HD 50896 has also been 
carried out. Because of inadequacies in the model, the predicted 
fluxes do not agree with the observed fluxes. The model assumes the 
HeII line formation to occur in the same region, which is not the 
case. 
By plotting (observed line strength)/(predicted line strength 
of optically thin line) versus wavelength we found a strong linear 
correlation with wavelength. For E =O.O the correlation had a 
B-V 
slope of -0.31, and for EB-v=o.12 the observed slope was -0.52. 
Although the line fluxes are influenced by line optical depths we 
have shown that the observed correlation is primarily due to an 
increase with wavelength of the minimum radius (due to variation of 
continuum opacity with wavelength) beyond which line emission can 
occur. 
From an examination of optically thin Herr lines, and assuming 
-2 
an r density distribution, we derived a temperature of 
4 (3.3±0.5)xlO Kin the region where the 2µm continuum is formed 
(T: 0,05,R ~ 13R0 ). From a model independent analysis the temperature 
must be less than 50000K in this region. The derived temperature 
indicates that the UV radiation must originate in a region with 
T>60000K. 
For the first time IR profiles of several Herr lines are 
available. With the exception of HeII(l0- 8), the lines examined 
(HeII(l0-8), HeII(l0- 7), and HeII(l0- 6)) show very similar structure 
to the HeII(7-4) line at 54liX. An interpretation of the larger 
width of HeII(l0-8), if confirmed by future observations, will 
require detailed modelling. Currently one of us (D.J.H.) is 
attempting to model the atmosphere of HD 50896 using the 
comoving-frame formulation of the transfer equation of Mihalas, 
Kunasz, and Hummer (1975). 
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APPENDIX 3-1 
We wish to show that the region from which an emission line 
emanates in a stellar wind depends on its optical depth. For 
_, 
simplicity we will consi der an isothermal r - density distribution. 
Following Van Blerkom and Patton (1972), we write 
Energy in line = E = ( 4n) 2 J r 2 77 nc r )dr II /J , ( 1) 
where /3(r) = probability that the emitted photon escapes and~ = 
V 
line emissivity. castor (1970) has shown that in an expanding 
atmosphere with a linear velocity law, 
-1 /3 = ( 1-exp( -7 
0 
( r))] T
O 
( r) 
where 
T (r) = (c/v )[r/Y(r)] x(r) , 0 0 
and X(r) is the line opacity. For simplici ty we shall consider 
( 2) 
( 3) 
equation (2) to be applicable to a constant-velocity stellar wind . 
We may do this since we are interested only in the approximate 
radial dependence of /3(r), not in its exact numerical magnitude. 
For a HeII transition we may write 
-3 T ( r) = ( C/V ] (X I v ] r ' 
0 C U' U 
where x is the mean line opacity with its radial dependence 
u 
(4) 
removed, and Ve is the constant outflow velocity. If we define RT as 
the radius at which optical depth unity occurs, we may write 
:J 
-r ( r) = ( R /r ) 
U T 
4 . Writing 7/ = X S/r ( since 
11 U 
equation (1), we have 
1/3 
where RT ( ex 
0
/( v 
O 
V c)) · 
7J a: p 
2
) and substituting for T 
u 
( 5) 
in 
2 E = ( 47T) J: 
C 
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(X S/R 3 ) [l-(exp((-R.,Jr) 3 ]))r dr, 0 T 
where R is the minimum radius (due to continuum optical depth) from C 
which line emission can occur. Assuming x sis constant (varies only 
0 
because of radial dependence of departure coefficients), we have 
2 E = ( 47T) X S/R 
0 T J
(R.,JRc) 
[l-exp(-u 3 )]u- 3 du. 
0 
Replacing X
O 
in terms of R
7 
from equation ( 5), we have 
2 2 I (RT/RC) J - 3 
E = (47T) vs R_,(Vcfc) [l-exp(-u )]u du. 
0 
which for a very optically thick line (i.e., R > 2R) reduces to 
T C 
2 2 
E = 1.34(477) l/SRT (Vc/c). (6) 
Hence, for an optically thick line the energy emitted in the line 
depends only on its source function and the radius at which the line 
optical depth is unity. Moreover, 
l / QD J -3 J -3 J [ 1-exp( -u ) ] u J [ 1-exp( -u ) ] u ~ o . 6 7 
U 0 
indicating that 67% of the line emission comes from radii where 
T(r) < 1, proving that the HeII lines originate in different regions 
of the stellar wind. 
Ebbets (1979) has shown that of the Herr lines in the optical, 
HeII(4-3) at 4686R shows the largest profile variation. Equation (6) 
indicates why this may be the case. HeII(4-3) will have the largest 
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line optical depth, and hence, it will originate farther out in the 
wind, where the effects of the binary compani on on the wind 
structure will be more important. 
For optically thin lines we cannot consider equation (1) to be 
a valid approximation to the line flux, since it ignores occultation 
effects, the continuum opacity, and the vari at i on of R with 
C 
wavelength, all of which will affect the energy emitted in the line. 
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CHAPTER 4 
INFRARED SPECTRA OF WN STARS 
II. WNL STARS 
4.1 INTRODUcrION 
Previously, Hillier, Jones, and Hyland (1983) presented 
moderate-resolution (A/6A~600) spectra (Al-4.2µm) for the WN star 
HD 50896. These spectra provided new insights into the extended 
atmosphere of HD 50896. Here we present J, H, and K spectra 
(A/6A ~ 400) for HD 96548 (WN8) and HD 151932 (WN7). Line 
identifications and EWs are given for these stars, as well as 
HD 86161 (WN8). we also list EWs for several of the stronger lines 
seen in the IR spectrum of HD 92740 (WN7), HD 93131 ( WN7), and 
HD 93162 (WN7). 
Low-resolution (R~100) Hand K spectra of HD 96548 and 
HD 151932 have been illustrated previously by Hillier (1982), whilst 
Bernat et ai. (1977) have obs erved HD 151932 in the range 0.83µ.m -
l.67µrn at a resoluti on o f ~300. 
our spectra are an improve ment on previously published spectra 
since they provide: 
(i) improved line identifications, due to the higher 
resolution. 
(ii) accurate equivalent widths suitable for modelling. 
(A complete understanding of W-R stars will be achieved only 
through the analysis of line strengths and profiles 
covering a wide spectral band.) 
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(iii ) spectra of sufficient resolution and signal- to-noise 
ratio from which future investigators may choose regions suitable 
for high resolution work . 
The spectra were obtained using the cooled grating spectrometer 
(Jones et ai. 1982) on the 74" (1.9m) telescope at Mt. Stromlo 
Observatory. Removal of atmospheric absorption in the raw spectra 
was effected by division by the spectra of a G star which had been 
observed in an identical manner , and at a similar airmass, to the 
program star. The observational technique, and sources of noise, 
have been discussed in Chapter 2 . 
The reduced spectra are exhibited in Figures l through 6, with 
the resolution, ~A, and an •average• noise indicated in each plot. 
Line identifications and EWs for HD 86161, HD 96548, and HD 151932 
are given in Table 1, whilst Table 2 lists EWs for several 
transitions in HD 92740, HD 93131, and HD 93162. 
Typical errors (2~) for the EWs given in Tables land 2 are 10% 
for the strong lines and JR for the lines with EW < 30~. Transition 
wavelengths are from Wiese, Smith, and Glennon (1966); Garcia and 
Mack (1965); and Moore (1970). Below we discuss the spectra in 
detail. 
'I'he IR spectra of HD 96548 and HD 86161, like the optical 
spectra, are very similar, hence only the J (Figure 1), H (Figure 
2), and K (Figure 3) spectra for HD 96548 have been illustrated. In 
general, the lines in HD 96548 are broader , and stronger than those 
in HD 86161. 
FIG. l - J spectrum of HD 96548 (WN8). The resolution and a 'mean' 
noise are indicated on the figure. The noise near l.13µm is larger 
than average because the atmospheric transmission in this region iz 
3 3 low. The HeI(2p P- 2~ S) line at l.083µm has a central intensity of 
11.3 (I = 1). All line identifications and EWs for this and 
C 
subsequent spectra are given in Table 1. 
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FIG. 2 - H band spectrum of HD 96548. Note the prominence of thP 
hydrogen Bracket series and their HeI counterparts. 
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FIG. 3 - K band spectrum of HD 96548, showing P-Cygni absorption o n 
the HeI(2s 1 S - 2p 1 P) at 2 . 058~m. HeII(l0-7) is present at 2 . 1885~m, 
but the large noise of this spectrum tends to mask it from view. 
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Hydrogen and HeI emission lines dominate the spectra of these 
two stars, a lthough the stronger HeII emission lines (such as 
HeII ( 7-5) and HeII(l0-7)) are clearly present. He+ is clearly the 
dominant ionization state of helium in these stars. 
The large abundance of He+ in these two stars is emphasized by 
3 J 
the large strength of HeI(2p P-2s 3), which has a central intensity 
greater than 11 (Ic = l) in HD 96548, and the P-Cygni profile of 
i l . . l l HeI(Zp P-2s 3) at 2 . 058µm. The P-Cygni profile of HeI(2p P-2s S) is 
striking, with approximately 50% absorption. Higher resolution 
(A/6A~1000) spectra of this line, for both stars, are shown in 
Figures 4 and 5. 
In HD 86161, the emission and absorption component of 
HeI(2p 1P-2s 13) are of comparable strength, indicating that the line 
is formed primarily by scattering of continuum radiation. On the 
other hand, the emission component of HD 96548 is larger than the 
absorption component, indicating that some thermal emission is 
present. 
In the IR, the hydrogen and Her lines are effectively 
coincident, although Her transitions between the s, p and d states 
do occur at different wavelengths. Comparison of these later lines 
with the hydrogenic transitions reveals that Her is a significant 
contributor to the emission seen at hydrogen wavelengths. Because of 
this and because of the need to account for departures from L~'E and 
self absorption, we have not attempted to derive a tt•/He• ratio. 
'l'his will have to await detailed modelling. 
Aside from emission due to HeII, He!, and H, weak emission 
probably due to NIV(4d ~D-4p 1 p 0 ) at l . 312µm is present. The 
hydrogenic transitions of NIV are not seen with the present 
PIG. 4 - Higher resolution ( k/L\A>lOOO) spectrum of HeI(2p 1P-2s 1S) at 
2.058µm in HD 96548. The p-cygni profile arises from the large 
overpopulation of the metastable 2s 1S state due to dilution of 
photospheric radiation. As the emission component is larger than the 
absorption component, the transition is not purely scattering 
cont i nuum photons - some thermal emission is present. 
0 N 
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FIG. S - Similar to Figure 4 but for HD 86161 . The absorption 
component in this star is larger than the emission component, 
suggesting that little or no thermal emission is present. 
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signal-to-noise (e.g., NIV(B-7) at 1 .190,t.Lm). NIII(B-7) may 
contribute to the observed emission at 2.115µm. 
4.3 HD 151932 (WN7) AND THE CARINA WN7 STARS 
The IR spectrum of HD 151932 (Figures 6, 7, and 8) is dominated 
by HeII, HeI, and H emission lines, with the HeII spectrum better 
developed than in the WNB stars discussed above. As in the WNO 
d l l O . stars, NIV(4 D-4p P ) is weakly present at 1.312,t.Lm, whilst NIV(8-7) 
at l.190µm is also detected. 
3 3 P-Cygni absorption is seen on both HeI(2p P-2s S) at l.083µm, 
.. l 
and HeI(2p P-2s S) at 2.058,t.Lm. The strength of the HeI line at 
1.083,t.Lm shows marked variation between stars, even between those of 
the same spectral type . In HD 151932 the central intensity of this 
line is 3.0, whilst in HD 92740 (WN7) it is 1.5, and in HD 93131 
(WN7) the line has a central intensity< 0.2. Clearly, this line 
provides a sensitive indicator of the atmospheric conditions in W-R 
stars. 
In the H band, the pure HeII lines in the (n-8) series are not 
readily visible, with the possible exception of HeII(l9-8) at 
l.772µm. The weakness of these lines is in accord with HeII(l0-7) in 
the K band. As in the WNB stars, the adjacent hydrogen transitions 
are definitely influenced by HeI emission. 
The emission line spectrum of the other WN7 stars (HD 92740, 
HD 93131, and HD 93162) are similar to HD 151932, however the 
emission lines are much less prominent (see Table 2). This is in 
line both with optical spectra (Moffat and Seggewiss 1979) and UV 
spectra (Willis et ai. 1983). 
FIG. 6 - J spectrum of HD 151932 (WN7). Note that the error bar 
indicated on this spectrum is 4a. The infrared spectra of this star 
are similar to those of HD 96548. There is a general weakening of 
the emission lines, HeI emission lines are less prominent, whilst 
HeII emission lines are more evident. 
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4.4 CONCLUSION 
IR spectra (l-4 . 2µm), line identifications, and EWs have been 
presented for several WNL stars. Identified emission features belong 
primarily to H, Her, and Herr, although weak nitrogen emission 
features are also present. For four of these stars, HD 92740, HD 
151932, HD 96548, and HD 93131, spectral coverage now extends from 
the UV (Willis et ai . 1983) to the IR. This provides data over a 
long wavelength baseline with which to constrain empirical models 
for W-R stars. A detailed investigation of these stars will be the 
subject of a future paper. 
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TABLE 1 
LINE IDENTIFICATIONS AND EWs 
ii. ( µ.m) Transition HD 86161 HD 96548 HD 151932 
(WN8) (WN8) (WN7) 
. 1. 0830 :s O J HeI( 2p F - 2S S) 245 480 7( abs) 
107(em) 
1.0938 H(6-3),HeI(6-3), 
He II( 12-6) 41 56 18 
1 0 1 1.1013 HeI( Sp P -3S S) 
1.1045 HeI(6d 10-3p 1PO) 15 
1.1626 He II( 7-5) 
1.1673 HeII(l1-6) 29 52 
1.1969 3 3 0 He!( 5d D-3p P ) 18 4 
1.2528 3 0 3 Hel(4p P -3S S) 12 12 5 
1. 2818 H(5-3),HeI(5-3), 
HeII( 10-6) 75 95 41 
l l 0 1.2968 He!{ 5d D-3p P ) 9 12 3 3 1.2985 He I( Sp P-3d D) 
1.3124 l l 0 NIV( 2s4d D-2s4p P ) 10 4 3 
1. 4881 Hell( 14-7) 9.5 
l O 1 3.3 1. 5084 HeI(4p P -3S 5) 
1. 5557 H(16- 4),HeI(l6-4) 6 3.5 
1. 5701 H(15-4),HeI(l5-4) 10 1. 5719 HeII(13-7) 7 11.2 
1.5881 H(14-4),HeI(14-4) 9 13 5.5 
1.6109 H(l3-4),HeI(13-4) 11 15 4.2 
1.6407 H(12-4),HeI(l2-4) 15 15 9.7 
1.6806 H(ll-4),HeI(ll-4) 19 22 10.8 
1.6918 He II( 12-7) 3 10.1 
1.7002 HeI( 4d 3D-3p3PO) 28 48 13.8 
1.7362 H(10-4),HeI(10-4) 28 32 14.5 
1.736 NIV(9-8) 
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A(µm) Transition HD 86161 HD 96548 HD 151932 
{WN8) (WN8) (WN7) 
1 0 1 
-17( abs) - 19(abs) 
-17(abs) 2.0581 HeI( 2p P -2s s) 
l3(em) 30(em) 2(em) 
3 3 0 2.1120 HeI( 4s 5-3p l' ) 
l l 0 29 45 2.1132 HeI( 4s S-3p P ) 20 
2.116 NIII( 8-7) 
2.1655 H( 7-4), He I( 7-4) 
HeII(l4-8) 77 94 41 
2.1885 He II( 10-7) 10 27 
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TABLE 2 
EWs FOR SELECTED LINES IN THE 3 CARINA STARS 
>.( µ.m) Transition HD 92740 HD 93131 HD 93162 
1.0830 3 0 3 HeI(2p P -28 S) ?(abs) 
38(em) 
1.0938 H(6-3), HeI(6-3), 
Hell( l.2-6) 20 
1.281.8 H(S-3), Hel(S-3), 
Hell(S-3) 40 31 20 
2.1655 H(7-4), Hel(7-4), 
HeII(l.4-8) 43 39 22 
2.1885 Hell( 10-7) 17 20 l.3 
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CHAPTER 5 
MODELLING THE EXTENDED ATMOSPHERE OF HD 50896 
5.1 INTRODUCTION 
The atmospheres (continuum and line formation regions) of 
Wolf-Rayet stars are extremely complex. To fully determine the 
properties of W-R atmospheres it is necessary to solve, 
simultaneously, the radiative transfer equation, the statistical 
equilibrium equations, the hydrodynamic equations describing the 
motion of the atmosphere, and the energy balance equation . 
The solution of these equations is complicated because we 
cannot use the assumption of a plane-parallel atmosphere. The 
simplest geometry that can be used is spherical, but this may be 
invalid due to stellar rotation, or inhomogeneities in the stellar 
wind. 
The simultaneous solution of the above equations, with 
constraints applicable to W-R atmospheres, is not feasible at 
present because-
(i)the basic physics describing the atmosphere is not known-
Such questions as the following still have to be answered: What 
drives the stellar wind? Is mechanical heating important? Are 
magnetic fields important? 
(ii) cost - With present techniques an enormous amount of 
computing time is required to solve the equations, even under the 
simplest of assumptions. 
(iii ) there is an enormous parameter space to be investigated -
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Properties of W-R stars such as mass loss rate, radius, luminosity 
and composition are still very uncertain. 
The third reason is one of the main motivations for this thesis 
and the models discussed below. 
Since there is an enormous parameter space which may be 
applicable to WN atmospheres, it is desirable that we limit this 
space by using less sophisticated models which do not necessarily 
fulfil all the equations mentioned above. These models, and the 
parameters derived by comparison with observational data, can then 
be used as stepping stones for more complex models which better 
describe the properties of WN atmospheres. 
Below we discuss a series of models which have been used to 
investigate the WN5 star HD 50896. In the present chapter we 
describe the theoretical framework of the models with reference to 
the solution of the stati st i cal equilibrium equations, and the 
subsequent calculation o f line profiles in the observer's frame for 
HeII, HeI and H. The helium ionization balance is discussed, as is 
the behaviour of the departure coefficients in an extended 
atmosphere. 
Using these models we discuss the continuous energy 
distribution and how it is affected by changes in the input 
parameters. Parameters investigated are the effective temperature, 
the mass loss rate, the stellar radius, and the velocity law. 
A detailed comparison of the models with observations, and a 
discussion of the constraints placed on the atmosphere of HD 50896, 
are given in Chapter 6. 
1o6 
5.2 THE MODEL 
The basic model to be considered is that of a pure helium 
atmosphere with spherical geometry and a prescribed mass loss rate, 
luminosity and velocity law. Unlike Of stars, the continuum 
fonnation region of W-R stars is extended (Hartmann and Cassinelli 
1977, van der Hucht et ai. 1979). It is therefore necessary to 
simultaneously solve for the continuous and line radiation fields. 
Below we discuss some of the assumptions and approximations 
necessary to handle the complex atmosphere, whilst in section 5.3 we 
discuss the techniques used to solve the radiative transfer equation 
subject to the constraints of the statistical equilibrium equations. 
5.2.l Composition 
A pure helium atmosphere was adopted since it has been shown 
that the He/H ratio in HD 50896 is certainly greater than 3:1 
(3.4.1) and is probably even higher (Smith 1972). With this ratio, 
and assuming that the levels of hydrogen and helium have 
approximately the same departure coefficients, the free-free opacity 
due to He•• is greater than 12 times that due to hydrogen and the 
bound-free opacity is greater than 6 times that due to hydrogen. 
Further, the opacities for HeII and hydrogen have very similar 
frequency dependencies. 
Other elements were not considered since their ionization 
balance is extremely difficult to determine (Castor 1979), their 
abundances are unknown, and their major effect on the atmosphere is 
via line blanketing which is extremely difficult to consider. 
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5 . 2.2 Velocity Law 
The velocity law adopted has the general form 
V(r)=0.5(1+€+~)V / (l+€exp(a(R /r-l))+~exp[P(R /r-1)]) 
oo n n 
where 
Rn= radius at which V(r) = 
v = terminal velocity 
ex, 
V /2 
ex, 
€ and ~ are constants, with ~ = 1 ( usually) and € = 1 or 100 
R = core radius 
C 
and a and P were fixed by the requirements 
and 
V(z=co) = v
00 
=> 1+€ exp(-a)+Y exp(-P) = (l+€+Y)/2 
V(r=Rc) = V(Rc ) => 1+€ exp( a(Rn/Rc -l))+Y exp(P(Rn/Rc -1)) 
= (V
00
/V(Rc))(l+€+~)/2 
This velocity law is given in Mihalas and Kunasz (1978) , and 
was chosen by them since it allows both a shallow velocity law, or a 
very rapid rise in velocity similar to that given in castor, Abbott 
and Klein (1975) . Further, the velocity law yields an exponential 
density law in the deeper parts of the atmosphere. 
An extra component, similar in form to that given above, was 
included to allow for the existence of a second acceleration zone 
such as that indicated by Hartmann and Cassinelli (1977). 
5.2 . 3 Temperature Distribution 
To derive the temperature distribution, a model assuming 
radiative equilibrium was computed . This yields a model of 
prespecified luminosity, with which, for example, the effect of the 
effective temperature on the continuous energy distribution can be 
1o8 
examined. However, the true temperature distribution is likely to be 
very different from that of the radiative equilibrium model (due to 
line blanketing, mechanical heating etc.). It is therefore desirable 
that we do not limit the applicability of the model by using 
radiative equilibrium temperatures in the stellar wind. 
Consequently, the temperature distribution was treated as a free 
parameter beyond (i.e., at larger radii than) the region in which 
the UV continuum is formed (see Figure 1). 
To do this we first computed a radiative equilibrium model 
(using a 6 level He+ atom) for a star with a given luminosity, mass 
loss rate and velocity law. The temperature in the outer regions of 
the stellar wind was then adjusted to the desired value, and the 
populations recomputed with the new temperature distribution. The 
final model yielded continuum fluxes almost identical to those of 
the radiative equilibrium model. 
5.2.4 Equilibrium Time Scales 
When strong flow velocities are present, it is necessary to 
examine whether the ionization and excitation structure is partially 
frozen into the flow, or whether statistical equilibrium and 
ionization equilibrium can be obtained in a time shorter than the 
characteristic flow time. A discussion of the time scales involved 
is given in Klein and castor (1978) for Of stars.They concluded that 
in conditions appropriate to Of stars, statistical and ionization 
equilibrium are excellent approximations. Using radii, velocities 
and mass loss rates appropriate to W-R stars, a similar conclusion 
is reached for W-R stars. 
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5.2.5 Geometry 
Spherical geometry has been assumed since this is the simplest 
case to consider. Rumpl (1980) has shown that improved fits to the 
0 NV (Xl240A) profile can be obtained if one assumes a non-spherical 
atmosphere. However, because of its limitations (e.g., a fixed 
ionization fraction of NV), Rumpl's model does not rule out a 
spherical wind. It is therefore desirable to investigate how well 
models assuming spherical geometry fit other line profiles, such as 
those of HeII, where fewer assumptions are required. 
5.2.6 Homogeneity 
The atmosphere is homogeneous by necessity, since this is the 
only case that can be handled in detail with present techniques. 
Although there is no firm evidence that stellar winds are 
inhomogeneous, the presence of supersonic gas flows suggests that 
inhomogeneities are a distinct possibility. Suggestions that O-type 
stars will have shocks in their wind, and mechanical or magnetic 
energy deposition have been made by many people including Cannon and 
Thomas (1977), and Lucy and White (1980). 
5.2.7 Complete Redistribution 
Throughout the analysis we have assumed complete redistribution 
with a Doppler absorption profile (T=5.0xlO'K). As expected, the 
transition rates are dominated by the velocity field, and are 
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insensitive to the thermal Doppler width used in the absorption 
profile. 
For the HeII resonance lines we would expect the assumption of 
complete redistribution and a Doppler line absorpti on profile to be 
inadequate. As first pointed out by Klein and castor (1978), the 
HeII resonance lines are extremely opaque in an O-type star with a 
massive stellar wind. The optical depth in these lines is so large 
that photons which are able to escape have frequency displacements 
from line centre which are larger than the Doppler shift 
corresponding to the atmosphere expansion velocity. 
Mihalas, Kunasz and Hununer (1976) have considered in detail the 
assumption of complete redistribution for parameters approximating 
those of the HeII resonance lines. Four cases were considered 
(i) Complete frequency redistribution (CFR) (a=Voigt 
parameter=O) 
(ii) CFR (a=0 . 001) 
(iii) Coherent scattering (COH) (a=0.001) and 
(iv) Partial redistribution RII (see Mihalas 1978 for 
definition)(a=0.001) 
They found that complete redistribution (a=O) generally yielded 
the best approximation to the partial redistribution function (R11 ) 
but broke down for very large optical depths - depths applicable to 
the atmosphere of HD 50896. Complete redistribution with a=0.001 
generally gave the worst answers, whilst coherent scattering became 
a better approximation as the line optical depth increased. They 
concluded that for the HeII resonance lines, calculations should be 
checked using the partial redistribution function. 
we have not checked the resonance line results by using the 
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partial redistribution function, since to do so requires a different 
formulation of the transfer equation than the one we have used. 
Moreover, we feel that other assumptions made (5.2.8; 5.6.l.3) will 
also contribute significant errors to the rates computed by the 
resonance line calculations. Fortunately, it was found that the HeII 
line profiles were insensitive to the exact method used to treat the 
resonance lines (6.7.l). 
5.2.8 Degenerate Angular Momentum States 
For a given value of the principal quantum number n, we have 
assumed the degenerate quantum states, R., to have populations (Nn!) 
proportional to their statistical weights, 2(21+1), so that 
-2 
N 8 = N ( 2.2.+l) n n.1t. n 
This may be invalid in the emission line forming regions of W-R 
stars (Hwnmer, Barlow and storey 1982) as radiative processes may be 
faster than the collisional processes which couple the angular 
momentum levels. 
The above assumption will need to be relaxed in future work; 
however, its use in the models described here will not invalidate 
the conclusions reached concerning the velocity field in HD 50896, 
and the effects of different mass loss rates, temperature 
distributions and velocity fields on the l i ne profiles. 
112 
5.3 THE RADIATIVE TRANSFER EQUATION AND THE STATISTICAL 
EQUILIBRIUM EQUATIONS 
There are several methods by which the solution of the 
radiative transfer and the statistical equilibrium equations can be 
obtained for a spherically symmetric, expanding atmosphere. The 
first of these is an approximate technique formulated by castor 
(1970) which uses the Sobolev approximation (Sobolev 1960). Other 
techniques involve the solution of the radiative transfer equation 
in the comoving-frame using techniques such as those of Mihalas, 
Kunasz and Hununer (1976). 
The technique we have adopted to solve the transfer equation is 
identical to that of Mihalas, Kunasz and Hummer (1975). This 
technique assumes spherical geometry, a monotonic velocity law and 
complete r edistribution. The boundary conditions used are given in 
Appendix 5-1, whilst all opacities and collisional cross sections 
(for H, HeI and HeII) are discussed in Appendix l. 
The detailed form of the statistical and radiative equilibrium 
equations has been discussed in detail by Mihalas {1978). For am 
level He++ atom we have m+3 constraint equations (m statistical 
equilibrium equations, radiative equilibrium, charge conservation 
and helium conservation) of the general form 
f(N , ... N ,T,N ,N(He••),J,Jc) = 0 
1 m e 
at each of D depth points. 
To effect the simultaneous solution of the radiation field 
(line and continuum) and the constraint equations, we adopted the 
complete linearization method of Auer and Mihalas (1969). This 
method allows for the global interaction of the radiation field and 
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the atomic populations. 
In the complete linearization method, we first solve for the 
radiation field (line and continuum) using initial estimates of the 
unknown variables (N , ... N ,T,N, and N(He••)). The constraint 1 m e 
equations are then evaluated, and these in general will not be 
satisfied (i.e., f. = W ~ o). 
l. i 
To estimate changes to the unknown variables so that the 
constraint equations are satisfied, a generalized Newton-Rapshon 
technique is used. The constraint equations may be linearized to 
yield equations of the form 
( a£ . /aN )ON 
l. 1 l 
where W. is the current solution of the constraint equations. Using 
l. 
the linearized transfer equation we may solve for the oJ (for each 
frequency and at each depth) in terms of ON (at all depths). 
Substituting for OJ in the constraint equations then yields (m+3)xD 
simultaneous equations which were generally solved by a 
Gauss-Siedel, block matrix, iterative technique (Stoer and Bulirsch 
1980). 
Convergence of the complete linearization technique is 
dependent on the initial estimates of the unknown variables. Initial 
estimates were obtained from previously converged models. 
Convergence, when obtained, is rapid with typically 8 or less 
iterations required to yield accuracies of 0.1% in the equilibrium 
populations. 
To include the effects of electron scattering, we adopted the 
approach taken by Mihalas, Kunasz and Hummer (1975) where the 
electron scattering emissivity is taken to be N aJ rather than 
e C 
ON 
e 
(~ 
-00 
R( V I V ' ) JV ' d V ' 
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where R(v,v•) is the electron scattering redistribution function 
(Appendix 2). Tests by Mihalas, Kunasz and Hummer (1976) indicate 
that this generally yields accurate source functions for later 
profile computation. Note, however, that it is necessary to use the 
full electron redistribution function in the computation of line 
profiles. 
In the technique of Mihalas, Kunasz and Hummer (1975) the 
computing time is proportional to o 3 , hence it is desirable to use 
as few depth points as possible. It was found that 30 depth points 
usually yielded sufficiently accurate populations . 
.As the number of transitions in the HeII atom scales as m(m-1), 
the amount of computing time required increases rapidly with the 
number of atomic levels. Consequently, we decided to use the Sobolev 
approximation for ni > 2 and nu> a. The Sobolev approx imation has 
been discus sed in detail by Castor (1970), and has been used 
extensively to study Of stars (Kle in and Castor 1978). To allow for 
the diffuse radiation field, we have used a modified version of 
castor's formulation, which is described in Appendix 5-2. 
5.4 THE HeI AND HYDROGEN ATOMS 
5.4.l HeI 
In HD 50896, HeI emission lines are clearly present with the 
J 3 0 J 3 
transitions 3d D-2p Pat 5875.7A and 2p P-2s sat l.0830µm most 
suitable for modelling. The HeI lines tend to show flat topped 
profiles rather than the rounded profiles of HeII (Underhill 1968); 
consequently, they provide additional information which can be used 
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to constrain the structure of the atmosphere (Cannon 1974). 
To model the HeI atom we have again used the comoving-frarne 
method of Mihalas, Kunasz and Hummer ( 1975), but we treat the HeI as 
an impurity species with the radiation field fixed by the HeII 
model . The populations of the levels are determined from the 
solution of the statistical equilibrium equations by iterating on 
the net rates (Mihalas and Kunasz 1978). 
The singlet and triplet systems of Her are treated 
simultaneously with at least 4 principal levels (maximum of 8) in 
each. As Ne< 10 13 it is necessary to treat the different angular 
momentum states as distinct levels, but to simplify the atom we 
combined the hydrogenic states (1)3) into a single state. The model 
atom is similar to that of Ilrnas and Nugis (1982). 
5.4.2 Hydrogen 
In HD 50896 there are no spectral features which are directly 
attributable to hydrogen (smith 1972). our analysis of infrared 
spectral lines confirms this result [H•/tte++ < 0.3 ,(3.4.1)), 
However, even a small amount of hydrogen can have a la.rge effect on 
the structure o f a massive star on the helium-burning main sequence. 
For example, calculations by Snezhko (1968) indicate that the radius 
of a 10M , helium-burning star with a hydrogen rich envelope (10% by 
0 
mass, and H/He = 1) is twice as large as that of a pure helium star 
of the same mass. It is therefore of great astrophysical importance 
to determine an accurate hydrogen to helium ratio. 
For the hydrogen atom we have used a similar treatment to that 
used for HeI, however we make no allowance for treating the 
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different angular momentum states as distinct levels. we treated 
hydrogen as an impurity species since it has only a small effect on 
the opacity structure of the extended atmosphere for H+/tte++ , 1. 
For example, the free-free and bound-free opacity of an extended 
atmosphere with tt+/tte++ = 1 is roughly 30% larger than that of a 
pure He++ atmosphere with the same mass loss rate. 
Since the hydrogen lines occur in conjunction with the HeII 
transitions between levels with even principal quantum numbers, it 
is necessary to consider radiative transfer effects which may couple 
the hydrogen populations to those of helium. The hydrogen lines are 
systematically redshifted by 122kms-l from the helium lines, and 
with T = 5x10 4 K this is equivalent to approximately 4 hydrogen (8 
helium) Doppler widths. Because we are dealing with velocity flows 
that monotonically increase with r, the HeII source functions are 
decoupled from those of hydrogen, but the reverse is not true. 1 The 
influence o f the HeII lines on the radiation field seen by the 
hydrogen atom is easily incorporated into the comoving-frame 
solution. 
5.5 LINE PROFILE COMPUTATION 
To compute the line profiles for HeII and HeI we adopted a 
similar technique to that described by Mihalas, Kunasz and Hunnner 
(1976). In this method the second order difference equation derived 
from the transfer equation in the observer's frame is integrated 
1For a discussion of a similar problem, the formation of doublets in 
an expanding atmosphere, see Hamann (1980). 
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along a set of rays (each with a specific impact parameter) for each 
frequency of interest. 
AS HD 50896 has a large continuous electron scattering opacity 
in the line formation region, it is necessary to allow for the 
redistribution of line photons which have been scattered by 
electrons. A paper detailing the method used, and comparing 
calculated profiles with those observed, is given in Appendix 2. In 
that paper, convincing evidence is presented to show that electron 
scattering produces an extended red wing on the Hell line profiles 
in HD 50896. As the Hel emission lines are formed at smaller 
electron densities than the majority of Hell emission lines, 
electron scattering plays a lesser role in their formation. 
Profiles for the hydrogen emission lines, and their blended 
Hell counterparts, were computed by direct integration of the source 
function. To do this we made the simplifying, but not necessary, 
asswnption that heliwn has the same Doppler width as hydrogen. The 
method described in Appendix 2 is invalid for blended lines, because 
no central frequency can be defined about which the total line 
absorption profile is synunetric. 
5.6 MODEL RESULTS 
Although a detailed comparison of the models with the 
observational data for HD 50896 is still in progress it is worth 
examining some of the properties of these models. We firstly 
examine, in detail, the properties of one particular model which 
does not fulfil all the requirements of the observational data, but 
is a reasonable approximation. secondly, we investigate, in detail, 
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the behaviour of the continuous energy distribution as a function of 
the input parameters, such as the mass loss rate and effective 
temperature. An examination of the behaviour of the line profiles 
and strengths as a function of model parameters is given in the 
following chapter. 
5.6.l b Particular Model 
The model to be examined has the following properties 
R = 2.5 R0 C 
M - 5 M /yr = 5.0xl.O 0 
5 
L 10 L0 
V = l625kms - 1 
CXI 
with T(r) and V(r) illustrated in Figures land 2, respectively. 
These paramete rs were obtained from published values of the 
intrinsic parameters of WNS stars. The core radius of the W-R star 
' was chosen to be similar to the value of 2.GR0 obtained by 
Cherepashchuk (1975) and Hartmann (1978) for the WNS component of 
the eclipsing binary V444 Cygni, whilst the mass loss rate and 
-5 5 luminosity are similar to the values of 4.lxlO M0/yr and 1.2x.10 
L given for WNS stars by Barlow, smith and Willis (1981). These 
0 
estilnates have unknown errors. The velocity distribution was chosen 
to yield HeII line profiles of approximately the right shape. 
Properties of the model, including the extension of the 
atmosphere, the helium ionization structure and the behaviour of the 
departure coefficients are discussed below. 
FIG. l - The temperature structure of the stellar atmosphere. The UV 
and extreme UV continuum of this model originates at temperatures 
greater than 50000K, whilst the temperature at radii larger than 
approximately 4.4R0 (log(r/R )=0.25) has only a small effect (less • C 
than 5%) on the continuum fluxes. We can therefore adjust the 
temperature at radii greater than 4.4R so as to influence the line 0 
fluxes but at the same time not affect the continuum fluxes. 
FIG. 2 - The assumed velocity structure of the extended atmosphere. 
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5.6 . l.l Atmospheric Extension 
The continuous energy distribution of t his model is flat, as is 
characteristic of an extended atmosphere, and has a slope of~ -1.7 
( from 1000R to lOµm) in the logA- logAFA plane. A detailed comparison 
of the energy distribution with the observed spectrum of HD 5089~, 
for models similar to that given above, is given in Chapter 6. There 
it is shown that models like the one above yield an energy 
distribution in good accord with that observed. 
To illustrate the extension of the atmosphere, we have plotted 
in Figure 3 the thermal optical depth as a function of radius for 
several wavelengths, and also the electron scattering optical depth. 
As clearly illustrated, the atmospheric extension is large . In 
particular, an electron scattering optical depth of 1/3 (which would 
correspond to the radius derived from interferometric techni ques 
such as thos e of Hanbury Brown et ai. (1970) (Castor 1974)) occurs 
at 14R , whilst for A=lOOO~ , t hermal optical depth of 1/3 occurs at 
0 
only 3.0R . Radiation at 1000~ and shorter wavelengths is thus 
0 
characterized by the wind temperature between 2.9 and 3.3R0 . 
For wavelengths in the IR, the continuum is formed in the wind, 
well outside the core . For example, at 10µm, a thermal optical depth 
of 1/3 does not occur until 21R0 . Because most of the lOµm emission 
occurs at even larger radii (see Wright and Barlow 1975; (3 . 3)), the 
flux at lOµm can be influenced by the change in helium ionization in 
the outer regions of the stellar wind. Future discussions concerning 
line formation will reveal that the 1oµm continuum is formed in, or 
slightly outside , the HeII line formation zone (Chapter 6). 
FIG. 3 - An illustration of the thermal optical depth at 1000R, lµm, 
3µm, and 10µ.m. Also illustrated is the electron scattering optical 
depth. The atmospheric extension i s large, with the IR flux 
ori ginating at much larger radii than the UV flux. 
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122 
5.6.l.2 The Her Ionization Balance 
It has been commonly assumed that in early-type w-R stars 
helium is predominantly doubly ionized throughout t he entire stellar 
wind (Abbott, Beiging and Churchwell 1982, Hogg 1982). This is 
incorrect (at least for HD 50896), implying that previous estimates 
of the mass loss rates for early type W-R stars may be 
underestimated by a factor of up to 2.7 (Hogg 1982). The change in 
helium ionization structure at large radii predicted by our model 
confirms the comment by Nugis (1982) that helium is likely to be 
doubly ionized in the IR emitting region of HD 50896, but singly 
ionized in the radio emitting region. 
Figure 4 shows the ionization structure for the model defined 
above. As is apparent, the helium ionization structure 
progressively shifts from He++ towards He+ as we move to larger 
radii, with He• becoming the dominant ionization state of helium 
beyond 40 stellar radii (100R0 ). The ratio He+/tte•• is seen to vary 
approximately as r 3 beyond 10 stellar radii. 
The helium ionization structure obtained using our modelling 
techniques is only approximate, as it is dependent on the treatment 
of the HeII resonance lines and their adjacent continuum . In 
particular, the helium ionization balance : 
(i) is controlled by the HeII resonance lines . The rates for 
these transitions may be in error as we have assumed complete 
redistribution. 
(ii) is sensitive to the radiation field shortward of 350~ 
(A(HeII(2-l)] = 304~) (5.6.1.3). This, in turn, is sensitive to the 
luminosity and UV line blanketing. 
FIG. 4 - The helium ionization structure for the model described in 
the text (L=10 5 L ). Also illustrated (dashed line) is the helium 
0 
ionization structure for a similar model but with L=5xl.0
4
L0 . The 
helium ionization structure is sensitive to both the treatment of 
the Hell resonance lines, and the UV flux shortward of 3soR. 
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(iii) requires the accurate treatment of overlapping resonance 
lines (5.6.1.3). For example, HeII(6-1) and HeII(7-1) are separated 
- l by only 2250 kms . 
Nevertheless, the basic ionization structure indicated by the 
model (a rapid increase in the He•/tte•• ratio beyond 10 stellar 
radii) is confirmed by currently available observations. To show 
this we shall examine the spectral index of HD 50896 between 1oµm 
and 5GHz, and the Hell and He! line profiles. 
For a spherical envelope, expanding at a constant radial 
velocity, the spectral index between 1oµm and 5GHz is~ 0.58 . This 
is significantly smaller than the observed value of 0 . 80 obtained 
from the radio data of Hogg (1982) and the IR data of Cohen, Barlow 
and Kuhi (1975). The difference between the two values is usually 
taken to imply that the 10µm continuum is formed in the accelerating 
region of the stellar wind (Barlow, Smith and Willis 1981). 
For HD 50896, this explanation is inadequate, as it implies the 
10µm continuum forms in a region with V(r) ~ V=/4 ~ 700 kms- 1 (V= 
... 
from Willis 1982)~ which is inconsistent with the observed optical 
and infrared line profiles. As previously noted, the 10µm continuum 
is formed at larger radii, or in the same region as many of the HeII 
emission lines. These lines require velocities greater than 
- l 1200 kms in their formation zone; consequently, the velocity in 
the 1oµm continuum formation region must also be greater than 
- l 1200 kms 
2 The factor of 4 arises from the assumption that the 1oµm flux forms 
in a near-constant velocity zone, implying s er v- 4 / 3 ( wright and 
J.I 
Barlow 1975) 
A more plausible explanation for the observed spectral index is 
that the helium changes its ionization state between the 1oum and 
5GHz formation zones. This would account for ~ 0.16 of the 
difference between the observed and predicted spectral indices. The 
remaining difference of approximately 0.06 may be accounted for by 
-1 
assuming that the velocity in the 10~m formation zone is 1800 krns , 
in reasonable agreement with the Herr line profiles. 
The second piece of observational evidence which confirms the 
change in the ionization state of helium, can be obtained from the 
HeII and HeI line profiles in the optical spectrum of HD 50896. In 
the optical spectrum of HD 50896 HeII emission lines dominate, 
suggesting that the He+/He++ ratio is small (Smith 1972). On the 
other hand, the HeI(3p 3 P-zs 3S) line at 5875.7R is flat topped, 
indicating that it is optically thin, and formed in a near constant 
velocity zone of the stellar wind (Castor 1970). These two facts 
strongly suggest that the helium ionization state shifts from He++ 
towards He+ at large radii. 
A further discussion of the helium ionization structure is 
given in Chapter 6, where a comparison of theoretical and 
observational line profiles is carried out. 
5.6.1.3 The HelI Resonance Lines 
As previously noted, the HeII resonance lines are extremely 
opaque (T(Sobolev) > 10 5 ). Nevertheless, they determine the HeII 
ionization balance and strongly influence the populations of the 
excited levels in the outer regions (N < 10 10 ) of the stellar wind. 
e 
Therefore, to assist future modelling of the Hell resonance lines, 
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it is desirable to examine their behaviour in detail. 
To examine the HeII resonance lines we first investigate the 
statistical equilibrium equation for level 1 of He•. Then, using the 
Sobolev approximation we examine the resonance transitions, and 
discuss their effect on the ionization balance, and the populations 
of the excited levels. 
In atmospheric conditions appropriate to HD 50896, the 
processes which determine the population of the ground state of He+ 
(and hence the ionization structure) are resonance transitions 
(generally dominant) and collisional coupling of level 1 to level 2. 
Although included in the statistical equilibrium equations for level 
1, bound-free processes may be ignored since the optical depth in 
the HeII Lyman continuum is very large, 3 resulting in a detailed 
balance between photoionization and recombination. 
As resonance transitions generally dominate over collisional 
processes, the statistical equilibrium equation for level 1 may be 
written as 
where 
r-"° N A Z = 0 
-U=2 U Ul U1 
N is the population of level u in He• 
ll 
A is the Einstein A coefficient 
Ul 
z is the net rate, defined by z = 
I.L l U1 
,J is the mean intensity in the line 
lU 
( 1-J /S 
lU lU 
) 
"3 If a fraction y of the helium is in the ground state, the optical 
depth at the head of the HeII Lyman continuum is approximately given 
by 
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ands is the line source function. 
lU 
To satisfy this constraint the equilibrium populations adjust 
themselves so that the net rate of decay of electrons from level 2 
is balanced by the rate of continuum excitation of electrons from 
level 1 to levels with n ~ 3. We may show this in detail by using 
the Sobolev approximation. 
For an optically thick line ( 7 » l), the Sobolev 
lU 
approximation yields for the net rate 
Z = ( 1-,BJ /S ) a/T 
l'U C, lU lU l'U 
where 
a and /3 are constants 
J is the mean continuum intensity 
c, l 'U 
and · P = ( 11e :: /me) ( fh) ( N ) ( r/v) 
lU lU l 
(neglecting stimulated 
emissions) 
Due to dilution of the continuous radiation field, and the large 
optical depth of the HeII(l-2) transition, level 2 is extremely 
overpopulated (5.6.1.4) so thats » s . Consequently the 
12 lU 
populations adjust themselves so that near equilibrium 
4 
.... 
... 12 = a(l-/3J /S )/T C,12 12 12 /3J /S < l c, l 2 12 
/,J /S » 1 
C,lU lU 
Examination of these equations reveals that the number of 
4 
An exanunation of z 
12 
at several depths revealed that /3J c, 
12
/S 
12 
tended to be approximately 0.2; thus, while it influences 
does not control it (as it would if /3J /S '-" l). 
c;, l:.! 12 
z , it 
12 
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electrons excited to each level u (=NA z ) is largely 
U Ul Ul 
independent of u and N . Further, for a given velocity field, the 
l 
number of electron excitations from level 1 to the upper levels is 
controlled primarily by the radiation field shortward of 350R. 
Physically, all available continuum photons (within some frequency 
bandwidth av defined by V( r) and r) are absorbed ( as T » 1) and 
lU 
the constancy follows provided J is not strongly dependent on u. 
C, l.U 
As the number of continuum excitations from level 1 is fixed, 
the balance of level 1 must be achieved by altering the net rate of 
decays from level 2. In the extended atmosphere (where dilution of 
the continuum radiation dominates) this is achieved by shifting the 
balance from He~+ to He•. If we neglect the variation of a and E 
with rand V(r) we find from the statistical equilibrium equation 
that b 
l 
a: b /J 
:,. C 
• a:: r . 
we indicated above that the number of electrons excited to each 
level u from the ground state was largely independent o f u. In 
practice, there is an effective cutoff to u above which continuum 
excitations can be ignored in computing the helium ionization 
structure. This cutoff arises because the velocity field causes the 
higher members of the HeII Lyman series to overlap, such that they 
no longer intercept the raw continuous radiation field. The 
effective cutoff to u is dependent on V(r) and lies above u = 6 (as 
-l 
c(l-).. /'A ) = 2250kms ). 
17 U, 
As well as influencing the ionization balance, the overlapping 
of the resonance lines affects the populations of the excited levels 
in the outer atmosphere. At electron densities of 10~, most of the 
transitions are optically thin, and hence we might expect the 
departure coefficients to approach those given by recombination 
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(Case B). However, at these densities, continuum excitations from 
level 1 are a significant source of electrons to the upper levels. 
Because the net rate from level 1 can be large (Z < -1, u>6) it 
Ul 
dominates the equilibrium population. In our early models, when line 
overlap was not included, level 12, for example, had a departure 
coefficient of 30 . 
To yield more reliable populations for the excited states, and 
a more accurate ionization structure, it was necessary to allow for 
the overlapping of the Hell resonance lines. This was done in an 
approximate manner (for levels 7 and above) by including many lines, 
and integrating from the blue to the red with the population of 
level 1 near its correct value (as determined by a 6 level atom). 
The value of N Z ( independent of N and N ) was then stored for 
U Ul 1 U 
use in the full linearization method. This technique, although 
approximate, reduced the rates near the outer boundary by a factor 
of around 100, and hence lessened the tendency for b to become much 
u 
greater than 1. 
As is apparent f rom the above discussion, · the Hell resonance 
lines control the helium ionization structure and the populations of 
the excited levels in the outer regions of the stellar wind. Even 
assuming spheri cal geometry and complete red i stribution, 
difficulties occur in accurately treating the lines due to their 
sensitivity to the UV continuum shortward of 3soR, and the overlap 
of higher series members caused by large scale motion of the 
extended atmosphere. Clearly, the Hell resonance lines deserve 
further attention - in future work, the assumptions of a Doppler 
profile and complete redistribution will need to be relaxed. 
130 
5 . 6 .1.4 The Herr Departure coefficients 
The behaviour of t he departure coefficients is complex, but can 
be explained in terms of the density, velocity, and radiation field 
variations as a function of radius. 
Figure 5 illustrates the behaviour of the departure coefficient 
of level 1 as a function of electron density, and indicates that 
there are three zones of behaviour. For N > 10 15 , b - 1 and we 
e 1 
recover LTE as expected. In zone 2 , the continuum shortward of 3soi 
is transparent (T<l) and since the radiation field originates at 
h igher temperatures, J > B (T ). As a consequence, level l becomes 
C V e 
extremely underpopulated. In zone 3, dilution effects become 
important so that J < B (T ), forcing level l to become extremely 
C V e 
overpopulated. 
Level 2, also illustrated in Figure 5, shows behaviour typical 
of a ground state, becoming extremely overpopulated in the outer 
regions of the atmosphere as the photoionization rate is reduced due 
to dilution of the core radiation. The large optical depth in the 
He(2-l) transition prevents level 2 from becoming depopulated. 
The remaining levels all show similar behaviour to each other, 
as illustrated in Figure 6 for n=4 and n=B . For these levels there 
are four zones of behaviour. In zone l, b - land LTE is recovered. 
In zone 2 dilution of the continuum radiation results in 
overpopulation of the levels, whilst in zone 3 radiative transitions 
from the upper states are optically thin and the departure 
coefficients are approaching those expected for pure recombination. 
Pure recombination would become a better approximation as the 
density is decreased if it were not for continuum excitations from 
FIG. s - Departure coefficients for levels 1 and 2 of tte• as a 
function of electron density and radius. The radius scale indi cated 
on top of the figure is not linear. Reasons for the behaviour of the 
departure coefficients shown in the figure are discussed in the 
text. 
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FIG. 6 - Departure coefficients for levels 4 and 8 of He~ . Their 
behaviour is discussed in the text . 
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level 1. These pump electrons from the ground state and reverse the 
trend for the upper levels to become strongly depopulated (zone 4). 
The precise values of the populations are dependent on the 
number of levels included in the analysis. we found that a 12 level 
atom fixed the population of the lower levels (n ~ 10) sufficiently 
accurately for a meaningful comparison of line profiles and EWs 
between models. A 20 level atom systematically increased the 
strength of the Hell lines, with the largest increase (<20%) 
occurring for transitions between the upper levels (e.g., (10-7)). 
5.6.1.5 The Hydrogen Departure Coefficients 
In this investigation of the behaviour of hydrogen in a helium 
rich extended atmosphere we have considered H/He ratios of 0.2 and 
1.0. As previously discussed (5.4.2),it is necessary to take into 
account the HeII line radiation field when computing the hydrogen 
populations. To determine the effect of the HeII line radiation 
field, we also computed hydrogen populations (for H/He=l) ignoring 
the HeII line radiation field. 
The behaviour of the departure coefficients for levels 1, 2, 
and 4 of hydrogen are shown in Figures 7, 8, and 9, with the 
corresponding levels of HeII also illustrated. From the figures, 
several important inferences can be drawn. 
Firstly, the hydrogen and helium departure coefficients behave 
10 Th .. 
very differently for electron densities· smaller than 10 , is is 
mainly due to the extreme UV continuum pumping electrons from the 
ground state of Hell to excited states. Note that the Hell resonance 
lines occur at A>228~, whilst the hydrogen resonance lines occur at 
FIG. 7 - Illustration of the departure coefficient for level l of 
hydrogen in the extended atmosphere. For level l, bis insensitive 
to the HeII line radiation field, and the H/He abundance ratio. For 
comparison, the departure coefficients of level 2 of He• are also 
illustrated (dashed curve). 
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function of electron density for level 2 of hydrogen. The solid 
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Secondly, radiative coupling of H to HeII significantly 
influences the hydrogen departure coefficients in the HeII line 
f t . . l 0 orma ion region (10 13 < N < 10 ) . In particular, inclusion of the 
e 
HeII radiation field in the hydrogen calculations has increased the 
populations of level 4 by approximately 20% at an electron density 
of 10 12 (Figure 9). Whilst this effect may seem small, it can be 
amplified for transitions with hv/kt « 1 (e .g., H(S-4) at 4.0Sµm). 
In the line forming region, the hydrogen populations are affected by 
excitations of electrons from lower levels through the absorption of 
HeII line photons . 
The HeII line field can also modify the hydrogen populations in 
regions where the subordinate lines are optically thin (Ne< 10 11 ). 
Because level l of hydrogen becomes very overpopulated, the far UV 
0 
continuum (A < 1300A) can pump electrons from the ground state to 
excited levels. However, radiative coupling modifies this effect 
because the n-1 transitions no longer intercept raw continuum, but 
instead intercept a radiation field which has been modified by the 
adjacent n-2 transitions of HeII. 
Finally, hydrogen departure coefficients are influenced by the 
hydrogen abundance. This is to be expected, since the hydrogen 
abundance determines the transition optical depths in the line 
formation regions. 
5.6.1 . 6 The HeI Departure Coefficients 
In Figures 10, 11 and 12 we illustrate the behaviour of the 
2 l departure coefficients for several levels of Hel. The ls , 2s Sand 
FIG. 10 - The calculated behaviour of the departure coefficients for 
levels land 2 of Her. In the outer regions of the stellar wind, 
levels 1s 2 , 2s 1 s and 2s 3 5 are strongly overpopulated due to dilution 
1 
of the continuum radiation. On the other hand, level 2p Pis 
underpopulated due to the large rate of decay of electrons from this 
level to the ground state (ls 2 ). The 2p 3 P level is controlled 
primarily by the rate of decay of electrons between it and the 2s
3
~ 
state. 
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2s 3 S states are mainly controlled by the continuum radiation field, 
whilst the other levels are determined by recombination processes. 
In this particular model, the HeI emission occurs primarily between 
lU 12 
electron densities of 10 and 10 . 
We have also indicated on the figures (for n=3) the departure 
coefficients obtained from the Her recombination calculations of 
Ilmas and Nugis (1982) for N =10 9 5 These calculations assume 1s 2 , 
e 
2s 1s and 2s 3 S are depopulated. 
Our calculations are in good agreement with those of Ilrnas and 
Nugis. The differences that do occur can be explained by the finite 
number of atomic levels (n=8) that we used, and the optical depth of 
9 
some transitions . At electron densities greater than 10 , 
recombination calculations are no longer appropriate, as many 
transitions have significant optical depths. These are primarily 
~ l 3 3 transitions which have ls , 23 s, 2s s or 2p Pas their ground 
state. 
5.6.2 The Continuous Flux 
Previous workers (Willis and Wilson 1978; Barlow, Smith and 
Willis 1981; Nussbaumer et ai. 1982; Underhill 1983) have used 
continuum fitting to measure radii, luminosities and effective 
temperatures of W-R stars. The results obtained from these analyses 
are ambiguous in the sense that different workers find widely 
5 f These were obtained from an interpolation (in the log plane) o 
departure coefficients given by Ilmas and Nugis for T=2xl0 4 K and 
,t T-==4xl0 K. 
the 
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discrepant values for the same star. It is therefore desirable to 
investigate the continuum energy distribution of the models we are 
considering to determine the sensitivity to various model 
parameters. It should be remembered that, gener ally, the distances 
of W-R stars are poorly known. Consequently, we are primarily 
interested in the continuum shape and not the absolute flux level. 
To investigate the continuous flux distribution we have 
examined its sensitivity to 
(i) the effective temperature; 
(ii) the velocity law; 
(iii) the mass loss rate; and 
(iv) the core radius. 
Each of these will be considered in turn. 
5.6.2.l Effective Temperatur e 
As the atmosphere is extended, the effective temperature of the 
underlying star is not well defined. Because the bulk of the stellar 
flux is emitted shortward of 1000R, we have used 3R as the radius 
0 
of the underlying star. At this radius the Rossela nd mean thermal 
optical depth is approximately 0.2, whilst the electron scattering 
optical depth is approximately 4.0 . The effective temperatures, so 
defined, should characterize the radiation field shortward of 1000R. 
The models examined have : 
R = 2.5 R0 C • 
- 1 
V = 1250kms 
a:, 
M = s .ox.10- 5 M
0
;yr 
- 1 V(R) = l kms 
C 
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V(l.4R ) = V /2 
C ~ 
and luminosities 
~ (T 75000K) 2.5Xl0 L0 ~ eff 
s <T l.OxlO L0 ~ 60000K) 
' eff 
5.0xl04 L0 (T ~ SOOOOK) eff 
The continuous flux distribution for these models is shown 
Figure 13, from which it is apparent that the continuous flux 
distribution in these models is insensitive to the effective 
in 
temperature of the underlying star. The insensitivity of the models 
to the effective temperature arises since the bulk of the energy is 
emitted in the extreme UV (22aR-1000R) whilst the opttcai and IR 
spectrai reglons are controiied prtmartiy by the mass ioss rate and 
the ueioclty iaw. 
If we normalize the spectra of Figure 13 at V, the largest 
difference between the energy distributions occurs shortward of 
1500~ and is less than 20%. such a small difference in the UV flux 
will tend to be masked by observational errors. Further, given the 
limitations of the model (i.e., T(r) derived via radiative 
equilibrium, no line blanketing) it is necessary to conclude that 
the effecttve temperature (and Lwnlnostty) of W-R stars wlth dense 
steiiar wtnds cannot oe determlned from contlnuum flttlng aione. 
5.6.2.2 The Velocity Law 
The results presented in this section are not new, but are 
presented for completeness . Previous work by Hartmann and Cassinelli 
(1977) indicates that the continuum shape (UV and optical) is 
insensitive to the velocity field in the accelerating region of the 
FIG. 13 - The energy distribution of three models with the same mass 
loss rate , core radius and velocity law, but different luminosities 
(hence effective temperatures). Because the bulk of the energy is 
emitted shortward of 1000R, whilst the mass loss rate controls the 
optical and IR energy distributions , there is very little difference 
between the models in the observable spectral regions. The small 
differences that do arise will tend to be masked by observational 
errors, and uncertainties in M, and R. 
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stellar wind. our results confinn this conclusion. 
The models we have considered are similar to that described in 
section 5.6.2.l (L=10 5 L
8
) but have different atmospheric extensions, 
as specified by the radius at which V=V 12. For r(V /2) = l.lR , 
a/ oo C 
l.2R, l.4R and 3R the flux distributions obtained are identical 
C C C 
to a few percent. 
In the near constant velocity regions of the stellar wind, 
where the IR and part of the optical continuum are formed, the IR 
flux is proportional to V(r)a where a~ 4/3 for V(r) constant 
(Wright and Barlow 1975). Thus by adjusting V(r) in this region, we 
can alter both the continuum shape and flux in the near IR and IR 
spectral regions, as has been previously noted by Hartmann and 
Cassinelli (1977). The velocity field cannot, however, be adjusted 
arbitrarily as it must yield line profiles consistent with those 
observed. 
5.6.2.3 Mass Loss Rate 
Below we examine the effect of different mass loss rates on the 
continuous energy distribution of W-R stars with a dense stellar 
wind (like HD 50896). To do this we have calculated the continuous 
energy distribution of four models with the same luminosity, core 
radius, and velocity law as specified in section 5.6.2.1, but with 
t he mass loss chosen to be 
- 5 1. OxlO M0 /yr 
(Model A) 
- 5 2 . SxlO M0 /yr 
(Model B) 
- 5 (Model C) 5 .OxlO M /yr 
0 
- 5 10. OxlO M0 /yr 
( Model D) 
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The resulting continuous energy distributions for each of these 
four models are shown in Figure 14, from which it is apparent that 
both the opt~cai and IR fLu.:r:es are controiied by the mass ioss rate, 
whilst the UV fluxes are much less sensitive. For the models 
considered here, the star with the most massive stellar wind (Model 
D) is 1.8 magnitudes brighter (at V) than the star with a mass loss 
The effect of mass loss on the continuous energy distribution 
of W-R stars thus provides one explanation for the observed 
variation of colours and absolute magnitudes for W-R stars of a 
given spectral type. Indications that W-R stars of the same spectral 
type do not have the same colours and absolute visual magnitudes 
come from the work of Massey (1982), Breysacher and Azzopardi 
(1982), and Conti et aL. (1983). 
A further examination of the fluxes reveals that the infrared 
·a flux varies as M where l<a<4/3. The exponent a is less than the 
value of 4/3 predicted by the formula of Wright and Barlow (1975) 
due to the inclusion of the effects of electron scattering. In this 
context we note that for an isothermal, constant velocity stellar 
wind, the electron scattering optical depth at a given free-free 
·1/J 
optical depth, is proportional to M · 
Finally, we wish to point out that errors in reddening can 
cause a star of a given mass loss rate to mimic a star with a 
different mass loss rate. For example, Model C will have almost 
identical colours to those of Model B if it is dereddened by 0.05 in 
E B-V 
FIG. 14 - A comparison of the observed continuum fluxes for four 
stars with different mass loss rates, but the same luminosity and 
-l -l 
velocity law (V(r)). The units of ~F~ are ergs cm s , with the 
stars assumed to be at a distance of 1 kpc. 
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5.6.2.4 Core Radius 
In this section we illustrate that, not surprisingly , it is the 
wind density which controls the continuous energy distribution. 
Consequently, two models of different mass loss rate and core radius 
can have the same continuum shape. 
The parameters of the models to be considered are summarized in 
Table 1, and their continuous energy distributions are shown in 
Figure 14. To assist in the comparison, we have normalized the 
spectra at 2µm, with the required shift listed in the final colwnn 
of Table 1. 
TABLE l 
PARAMETERS OF MODELS USED TO EXAMINE VARIATION OF CONTINUUM FLUX 
WITH WIND DENSITY 
Model M -s -1 ( 10 Meyr ) R C (Re) L (Le) fl log >.F >. 
(i) 5.0 2.5 5 -0.35 10 
(ii) 5.0 5.0 10 5 -0.33 
5 0.0 (iii) 2.5 2.5 10 
(iv) 2.5 1.5 10 5 0.06 
From the figure it is apparent that these models, whilst 
differing in core radius (i.e., l.5Re, 2.5R0 and 5R0 ) have energy 
distributions which are very similar. Models (ii) and (iii) have 
almost identical energy distributions, whilst model (iv) could be 
-- --
PIG. 15 - Comparison of the energy distributions (normalized at 2µm) 
of 4 models with the same luminosity, but different mass loss rates 
and core radii, as summarized in Table 1. As apparent , models (i) 
and (ii) have almost identical energy distributions, whilst the 
energy distribution of model (iii) could be made to resemble that of 
models (i) and (ii) if its mass loss rate were decreased by 
approximately 30%. 
-5 
-6 
- -7 
,< 
LL 
,< 
CJ) 
0 
- -8 
-9 
-10 
3.0 
149 
.. ·-'\::~ 
· ... ~ 
- M = 2-5. Re = 2-5 
- - tv1 = 5-0. Re = 5-0 
· - · tv1 = 2-5. Re= 1-5 
· · · · · tv1 = 5-0. Re = 2 · 5 
···» 
=.· ~ 
·-~~ 
·- ~ 
3.5 4 .0 4. 5 
0 
log (A( A )) 
5.0 
150 
made to resemble models (ii) and (iii) if its mass loss rate were 
decreased by approximately 30%. Thus, the mass ioss rate and core 
radtus, itke the effecttve temperature, cannot be determtned from 
the conttnuum shape aione ~tth present techntques. 
5.6.2.5 Discussion 
In the preceeding sections we have shown that the observable 
continuum energy distribution of a W-R star like HD 50896 is 
primarily controlled by the density in the extended atmosphere, 
whilst it is relatively insensitive to the luminosity of the 
underlying star. It is not feasible to derive values of T , L, R 
eff C 
and M from the continuum shape alone because of observational 
errors, because of model uncertainties, and because changes in one 
parameter can be compensated by changes in another. 
In future modelling of the continuum, it will be necessary to 
include line blanketing, which dominates flux transfer shortward of 
5ooR in O-type stars (Panagia and Macchetto 1982). Line blanketing 
will distribute energy from the far UV to longer wavelengths, 
causing the energy distribution of the star to mimic that of a 
hotter star without line blanketing . However, even with line 
blanketing incorporated into the models, the determination of the 
effective temperature of HD 50896 by continuum fitting will be 
fraught with difficulties. 
There is one final point worth not1ng in relation to the 
continuum fluxes. For HD 50896, the IR fluxes are controlled 
primarily by the mass loss rate, and hence they are sensitive to 
·a changes in M. As the sensitivity is strong (i.e., F~« M , a>l), 
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JHK(L) photometry offers an excellent method to search for mass loss 
variability. Changes in the mass loss of only 10% can easily be 
measured in this way. 
5.7 CONCLUSION 
We have described a series of models which will be used to 
investigate the structure of the extended atmosphere of HD 50896. 
Although a detailed comparison of both the line fluxes and continuum 
fluxes with the observational data is not yet complete, many 
important characteristics about extended atmospheres (in general) 
and the extended atmosphere of HD 50896 have been revealed. 
Firstly, the models are capable of explaining the observed 
energy distribution of HD 50896 from l3ooR to lOµm. However, T , 
eff 
L, R, and M cannot be derived with present techniques from 
C 
conttnuum fttttng aione due to model inadequacies and because 
changes in one parameter can be compensated by changes in the 
others. If the distance to HD 50896 were accurately known, firm 
constraints could be placed on the mass loss rate (especially if 
V(r) were to be constrained by the line profiles). Constraints could 
also be placed on the core radius; however, even with the effects of 
line blanketing (and mechanical energy deposition) incorporated into 
the model, effective temperatures derived from continuum fitting 
will be unreliable. In Chapter 6 we examine whether line analysis, 
in conjunction with continuum fitting, can constrain these 
parameters. 
Secondly, the models have revealed that, unlike generally 
assumed, helium changes its ionization state in the extended 
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envelope of HD 50896. This is consistent with the Her profiles, the 
velocity structure indicated by the Herr lines, and the observed 
continuum spectral index between 5GHz and ioµm. This has important 
implications for mass loss rates derived from radio data, since it 
implies that present estimates for W-R stars similar to HD 50896 
should be revised upwards by a factor of 2.7. 
The behaviour of the departure coefficients for H, Her and 
Herr, for one particular model, has been discussed. The departure 
coefficients of Herr show a complicated behaviour, dominated by 
transfer effects in the lines even at densities of 10 8 • The 
departure coefficients, because of the extreme UV radiation field 
Q (A < 350A), do not approach those expected for pure recombination. 
For hydrogen, the model illustrated has shown that it is 
necessary to allow for the radiative coupling of H to Herr . This 
has important implications for modelling of WN7 and WN8 stars, since 
it appears tat many of them have comparable hydrogen and helium 
abundances. Because of selective excitation effects, the departure 
coefficients of Hand Herr are not the same, although, for the model 
discussed above, they are similar in the region in which the Herr 
emission lines are formed. 
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APPENDIX 5-l 
Boundary Conditions 
Along rays which intersect the core, the diffusion 
approximation was used. This has the advantage that it is the 
asymptotically correct solution at depth, and also allows the 
luminosity of the star to be fixed . The diffusion approximation in 
the (p,z) co-ordinate system (Mihalas 1978, and withµ= z/r) is 
r•(v,p<R ,R) C C 
-1 
= B +x µ(aa /dT)I dT/drl 
V V V 
where laT/drl is determined from the luminosity via 
L = ( 4n ) 2 /3 R2 
C 
I dT/dr I 
At the outer boundary the usual condition adopted is that there 
is no radiation incident. However, there is an enormous range in 
optical depth between individual lines, and between different 
continuum frequencies. As such, it was considered time consuming to 
extend the atmosphere to sufficiently s mall densities so that all 
optical depths were negligible. It was therefore decided to compare 
models which had their outer boundary at r <0 . 01 . In this case the 
es 
HeII Lyman continuum and the Hell resonance lines are optically 
thick at the outer boundary. Since the adoption of 1- =0 at the 
V 
outer boundary would lead to a spurious radiation field and 
consequently discontinuous populations at the outer boundary, we 
adopted 
I = s (continuum) 
11 
for the HeII Lyman continuum and 
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(where T{r,µ) is defined as in Appendix 5-2) for the HeII resonance 
lines. These boundary conditions influence only neighbouring depths, 
yield consistent populations at the outer boundary and improve 
convergence. 
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APPENDIX 5-2 
The Sobolev Approximation 
The Sobolev approximation, as formulated by castor (1970), may 
be written in terms of the local escape probability factors, /3 and 
/3 where 
C 
D -- I l 
,., (1-exp(-T( r ,µ)) ]/T( r ,µ) dµ 
0 
and 
l 
/3c = 0.5 J (1-exp(-T(r,µ)))/T(r,µ) dµ 
(1-(R /r/) l./l 
C 
T(r,µ) is defined by 
T( r, µ) ? 2 = ( ne - / me )f X.( r/v )( NL-gLN /g )/( l+aµ ) iu u u 
with a = (-1.0+dlnV/dlnr). 
T(r,µ) can be thought of as the local optical depth to line photons. 
With this formulation we have 
J = ( 1-/3 )S +/3 I L C C 
where I is the continuum intensity emanating from the stellar core. 
C 
In W-R stars, I is not easily defined since in dense W-R 
C 
atmospheres the core size is a function of wavelength. There is also 
a diluted radiation field which originates in the surrounding 
regions of the stellar wind. Therefore, we have replaced /3cic by /3~ 
defined as 
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DI -- Jl µ U(µ)(l-exp(-T (r,µ))) T (r,µ)- 1 dµ C O 0 
0 
where U(µ) is the local continuum intensity and is given by 
U(µ)=0.5(I(r,µ)+I(r,-µ)J. 
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CHAPTER 6 
AN EMPIRICAL MODEL FOR HD 50896 
6.1 INTRODUCTION 
The optical spectrum of HD 50896 (WN5) is characterized by 
strong He!! emission lines. Also present in the optical spectrum are 
emission lines of Her, NIV, NV and CIV (Smith 1955). As yet, no 
detailed modelling of the Herr and He! emission line profiles in HD 
50896 (or other W-R stars) has been carried out. 
With the advent of instruments such as IUE, the VLA and the Mt. 
Stromlo cooled grating spectrometer, our spectral coverage of W-R 
stars has been greatly extended. Data from these three instruments 
(and optical data) provides a large data base which can be used to 
constrain models of W-R stars. 
Using the numerical methods of Mihalas, Kunasz and Hununer 
(1975) to solve the radiative transfer equation in spherical, 
radially expanding atmospheres, we are in a position to refine the 
analysis of W-R spectra to the point where definitive statements 
about the structure of W-R stars can be made. 
In Chapter 5, we described techniques for modelling the 
atmospheric structure of helium-rich W-R stars. The method described 
therein uses the comoving-frame method of Mihalas, Kunasz and Hwmner 
(1975) and the Sobolev approximation (Castor 1970) to solve 
simultaneously for the continuous radiation field, the line 
radiation field, and the populations of the excited levels of He•. 
In the present chapter we use these modelling techniques to answer 
such basic questions as: 
{i) What controls the Herr line strengths and line profiles? 
(ii) What controls the Her line strengths and line profiles? 
(iii) Where in the envelope are the emission lines formed? 
Armed with this knowledge, and that gained from the discussion 
of the continuum formation in massive extended envelopes (5.6.2), we 
discuss constraints placed on the extended envelope of HD 50896 from 
a comparison of theoretical models with observation. 
In section 2 we present a model for the extended envelope of 
HD 50896. As we will show in section 3 this model yields a 
continuous flux distribution, line strengths, and line profiles in 
good agreement with those observed. Whilst the parameters of this 
model may not be the only set which can reproduce the observational 
data, the model provides a useful basis for all subsequent 
discussion. 
we examine the effect of hydrogen on the Herr line strengths in 
section 4 and are able to confirm Smith's {1972) analysis of the 
Pickering decrement in HD 50896. Section 5 examines where in the 
extended envelope the emission lines are formed, whilst section 6 
discusses the effect of M, L, T(r) and R~ on the Herr line profiles. 
In section 7 we return to re-examine the theoretical line profiles, 
and discuss the discrepancies between theory and observation noted 
previously in section 3. Finally, in section 8, we discuss 
constraints on the extended envelope of HD 50896, and indicate how 
these might be improved by future modelling and observations. 
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6.2 BASIC MODEL 
The basic model we have decided to use as the focal point for 
subsequent discussion- has 
-M 
V 
CX) 
and L 
- 5 -1 
= 5. OxlO M0 yr: 
- l 
= 1625 kmz 
4 
= Sxl.O 
with the temperature structure indicated in Figure land the 
velocity structure indicated in Figure 2. 
The mass loss rate, velocity law and wind temperature of this 
model have been chosen to yield continuum fluxes, Herr line profiles 
and Herr line strengths in approximate agreement with those 
observed, whilst the core radius was chosen to be compatible with 
tha t f ound f or V444 Cygni by Cherepashchuk and Khaliullin (1975) and 
Hartmann (1978). A luminosity of 5xl.0 4L
0 
was chosen because it 
3 3 !,_) 
yields HeI(3d D-2p P) at 5876A in approximate agreement with that 
observed. 
Because the strength of both the optically thick Herr lines and 
the Her lines depends on the helium ionization structure, we shall 
also illustrate line profiles and continuum for a model with 
L=10
5
L . The ionization structure of the two models is illustrated 0 
in Figure 3, with He•/He••=1 occurring at 23 stellar radii (5BR
0
) 
for L=5xl0 4 L0 , and at 41 (103R0 ) for the higher luminosity model. 
• FIG. 1 - Temperature structure of the L = 5x10 L0 model. The 
temperature of the stellar wind was chosen to be isothermal with a 
temperature of 30000K. For this particular model, the radiative 
equilibrium temperature of the wind was found to be somewhat hotter 
in the inner region (T ~ 35000K), whilst beyond~ 30R~ 
[log(r/Rc)=l.5] it cooled to~ 27000K. 
FIG. 2 - Velocity structure of the extended envelope. This was found 
to yield a good fit to the HelI and Her line profile in optical and 
IR spectra. The velocity beyond~ 50R (log(r/R )=1.7) is not C C 
constrained by optical and IR observations. For compatibility with 
the UV resonance line observations the velocity must increase beyond 
-l -1 
50Rc from approximately 1700kms to greater than 2400kms . 
10 
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FIG. 3 - The ionization structure for the L = 10-L0 (solid line) and 
L = SxlOqL models. With the present mass loss rate, the ionization 
0 
structure obtained with the L = 5xl.O~L
0 
model gives the strength of 
HeI(3d 2D-2p:' P) in good accord with observation. 
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6.3 COMPARISON OF THE MODELS WITH OBSERVATION 
6.3.1 The Continuous Energy Distribution 
In Figure 4 we illustrate the energy distribution of the 
models, together with the observed energy distribution of HD 50896. 
As the distance to HD 50896 is unkno~n, the energy distributions 
have been nonnalized at lµm. If the models are applicable to 
HD 50896, the implied distance to HD 50896 is 1.25 kpc (c.f. 1.56 
kpc quoted by Underhill 1980, and the value of 1.69 kpc quoted by 
Barlow, Smith and Willis 1981). 
The UV fluxes for HD 50896 have been obtained from Underhill 
(1982), whilst the sources for the IR and optical fluxes are the 
same as those given by Hillier, Jones and Hyland (1983) (3.3). A 
reddening of E v=0.04 was adopted, which is the average reddening B-
for stars near HD 50896 (Lundstrom and Stenholm 1980). As previously 
noted (3.3), estimates for the reddening of HD 50896 vary between 
E v=O.O and E =0.12. 8- 8-V 
As is apparent from Figure 4, the theoretical energy 
distributions are in good accord with that observed. For the adopted 
reddening (and nonnalization), the lower luminosity model predicts 
approximately 10% too much UV flux, whilst at lOµm, it predicts a 
too small. 1 For L=lO ; L , a fit to within a few percent is 
0 
flux 25% 
produced between 30ooR and lOµm, whilst the flux in the UV is 25% 
too large. Considering the observational 
l 
The difference in the lOµm flux for the two models arises because 
of the different helium ionization structure. 
FIG. 4 - A comparison with observation of the theoretical continuous 
4 ~ 
energy distributions of the L = SxlO L0 and the L = 10-L0 
models . A 
reddening of 0.04 in E was adopted for HD 50896, and we have. 8-V 
normalized the observations at lµm. The ordinate scale for the. 
L = 5xlO~L model assumes d = 1 kpc, whilst the higher luminosity 0 
model assumes d = v'lo kpc. 
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errors, and the unknown reddening of HD 50896, the fits are 
excellent. 
Both models predict that the Balmer jump and HeII(n-3) jump at 
zosoR should be in emission by approximately 12%. These values may 
be somewhat larger than allowed by observation; however, their 
measurement is prone to errors because of the difficulty of defining 
the continuum. In particular, examination of the spectrum of Smith 
and Kuhi (1981) and of Ebbets (1979) reveals that between 365oi and 
soooR, the true continuum is only seen at 4270, 4430 and sooo~, 
making extrapolation of the continuum to wavelengths shortward of 
36soR extremely difficult. 
6.3.2 Line Equivalent Widths 
Given that the theoretical continua are in accord with 
observation , we can directly compare observational equivalent widths 
with those computed from the models. The observed and model EWs for 
both HeII and HeI lines in the UV, optical and · IR are listed in 
Table 1. The UV and optical HeII data is from Smith and Willis 
(1982), the He! optical equivalent widths are from Smith and Kuhi 
(1981), whilst the IR data is from Hillier, Jones and Hyland (1983). 
The observationai EWs for HeII lines do not include the contribution 
by the electron scattering wing; hence they should be increased by 
approximately 10% when comparing them with theoretical values. Also 
included in the table are EWs for HeII(4-3), HeII(7-4), HeII(9-5), 
~ ~ 
HeI1(12-5) and Hel(3d - D-2p .. P) which were obtained from coude spectra 
taken on the 1.9m telescope at Mt. Stromlo Observatory (square 
brackets). The latter values incLude the contribution by the 
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TAI3LE l 
COMPARISON OF MODEL EWs WITH OBSERVATION 
Transition 
HeII( 3-2) 
Hell( 4-3) 
Heil(S-3) 
HeI1(6-3) 
Heil( 7-3) 
Hell( 11-3) 
Hell{S-4) 
HeI1(6-4) 
Hell(7-4) 
Hell(l0-4) 
Hell( 11-4) 
Hell(l2-4) 
Hell(9-5) 
Hell(12-5) 
Hell( 10-7) 
Hell(13-7) 
HeI1(14-8) 
Hell( 7-6) 
Hell( 11-8) 
0 
k(A) 
1640 
4686 
3203 
2733 
2511 
2215 
10124 
6560 
5412 
4339 
4200 
4100 
8237 
6891 
21885 
15719 
21646 
30908 
30947 
3 3 Hel(3d D-2p P) 5875.7 
J J Hel(3p P-2s S) 3888.7 
3 J Hel(2p P-2S S) 10830 
Equivalent Width cR) 
Observed 
163 
325(283] 
90 
421 
24 
7 
371 
126 
56(68] 
15 
17 
. 9 
(64] 
18 
160 
44 
52 
920 
14.4(18.2] 
8.9 
390 
183 
307 
90 
41 
23 
4.9 
316 
118 
55 
15 
11 
8.2 
45 
14.3 
106 
30 
34 
454 
122 
13.6 
4.5 
90 
196 
381 
102 
48 
27 
5.9 
429 
151 
69 
19 
14 
10.6 
59 
18.9 
135 
40 
42 
625 
155 
5.1 
2.1 
58 
Figure No. 
9 
7 
10 
5 
t 
8 
11 
12 
13 
1. The value of 32 given by Smith and Willia (1982) for this 
transition appears to be in error . our measurement from the data of 
Willis e~ ai. (1983) is listed. 
electron scattering wing. 
Lines most suitable for comparison are HeII(7-4) at s412R , 
HeII(l2-5) at 6891~, and HeII(l0-7) at 2.189µm, as these lines have 
a well defined continuum and are believed to have negligible 
blending. Even these lines, however, have errors of at least 10% 
because of the variability of the emission lines (presumably due to 
the binary companion - Ebbets 1979, Firrnani et ai. 1980), the 
presence of electron scattering wings, and errors in continuum 
definition. 
Examination of Table l reveals that the theoretical HeII EWs 
are generally in good accord with observation, although one 
systematic trend does exist - all the IR lines tend to be 20%-40% 
too weak. The UV and optical lines tend to show much better 
agreement with observation. With the exception of HeII(4-3), the 
higher luminosity model tends to give HeII EWs in better accord with 
observatio. 
Due to the overall weakness of the HeI line spectrum in 
HD 50896, there are very few HeI lines availabie for comparison with 
model calculations. The best line available in the optical spectrum 
J :J <.) is HeI(3d o-2p P) at 5876A. The EW obtained for this line from the 
L=Sxl04.L model is in good accord with that observed (Table 1), 
0 
whilst the higher luminosity model yields an EW a factor of three 
J J too small. A similar comment also applies for HeI(3p P-2s S) at 
3888.7R. For this particular line, we note that the observed EW is 
very uncertain due to severe blending with HeII(lG-4) at 3887.sR. 
Further, the EW of the theoretical line in the lower luminosity 
model is weakened (by~ 1.5~) due to strong P-cygni absorption (see 
6. 3. 3) . 
170 
3 J The other Her line suitable for comparison is Her(2p P-2s 3) at 
l.0830~m. The predicted EW for this line is much less than that 
observed() factor of 4), even from the lower luminosity model. The 
reason for this discrepancy is not clear, and will require further 
work. 
We have also computed the expected EWs for several Her 
transitions in the infrared, which coincide with Herr emission 
lines. 'As the Her lines are optically thin, we have summed the EWs 
of individual Her lines ocurring within lSOOkms- 1 of the 
corresponding Herr transition. 
The EW of the HeI(S-4) line is large c~ 70~), and thus it makes 
0 
a significant contribution to the emission at 4 .05µrn (EW=470A), 
which was previously assumed to be entirely due to HeII(l0-8) 
(Chapter 3). For other members of the HeII bracket series, the 
contribution by HeI to the observed line emission (as a percentage) 
becomes progressi vely smaller, 2 but cannot be neglected. In 
particular, we would expect Her(7-4) to have an equivalent width of 
5~, and HeI(l0-4) an equivalent width of i.R. 
6.3.3 Hell Line Profiles 
The profile of an emission line formed in the extended envelope 
of HD 50896 will be characterized by velocities in the region from 
which the emission line emanates. This, in turn, depends on the line 
~ 
'The different behaviour of the HeII and Her emission arises because 
the HeII emission lines are optically thick, whilst those of Her are 
optically thin. 
171 
optical depth and the continuum optical depth. Therefore, to 
facilitate comparison of theoretical line profiles with observation 
we have selected a sample of lines in the UV, optical and IR 
covering a range in optical depth. The HeII transitions whose 
profiles are to be examined are indicated in Table 1. In Figures 5 
through 11 we illustrate the model line profiles and, where 
available, the observational line profiles. Below we examine the 
individual line profiles in detail. 
HeII(7-4) and HeII(9-5) 
'As noted by Bappu (1973), the HeII(7-4) line at 5412R is 
suitable for modelling as there are no other contributors to the 
emission, and the continuum is well defined. From Figure 5, it is 
apparent that the observational and model line profiles are in 
excellent accord . In particular, the red wing on the observed line 
profile is reproduced. The wing is due to the effects of electron 
scattering (Appendix 2). 
The observed HeII(7-4) transition is red shifted by 
-1 3 
approximately 150kms . This red shift is characteristic of the 
HeII emission lines in the optical spectrum of HD 50896, and does 
not correlate with line optical depth (Ebbets 1979). The theoretical 
line profiles show some velocity shift but not as large as required. 
In particular, we notice that the computed profile does not contain 
- .i. 
sufficient emission between 300 and 1000 kms . 
.... 
~Because the heliocentric velocity of HD 50896 is unknown, we have 
made no correction for it to the observed profiles. 
PIG. 5 - He II( 7-4) transition at 5411. 5~. This is one of the few 
unblended lines in HD 50896, and is thus suitable for modelling. In 
this , and subsequent figures, the solid line represents the 
L = 10
5
r..0 model, whilst the dashed line is for the L = 5xl0
4 L
0 
model. 
The fit is excellent , with the red wing seen on the observational 
profile reproduced in the theoretical profiles. The observed 
profile, however, shows a larger red shift. Electron scattering 
plays a major role in the formation of this line, with approximately 
30% of the photons observed in this line having been scattered off 
at least one electron. 
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The theoretical shift is due to weak P-cygni type absorption on the 
blue side, with electron scattering broadening the line on the red 
side. 
The HeII(9-5) transition at 8240~ (Figure 6) has a profile very 
similar to that of HeII(7-4); the previous comments apply to this 
line as well. 
HeII(4-3) 
This line is shown in Figure 7, and is one of the stronger 
lines seen in the spectra of WN stars. Unfortunately, numerous 
emission lines of nitrogen (and SiIV) contribute to the emission on 
-1 
the blue side (V < -2000 kms ) of this line (Bappu 1973). As noted 
by Ebbets {1979), this line shows marked variability, with its 
central intensity varying between 8 and 10 continuum units over a 
time scale of a f ew days. 
For this particular line, the lower luminosity model yields a 
line strength in better agreement with observation. Neither model 
adequately reproduces the strong red asymmetry of the observed line, 
although the electron scattering wing for the lower luminosity model 
- 1 is in fair accord wi th that observed beyond 2000kms . 
HeII(l2-5) 
The observed and theoretical profiles for HeII(l2-5) are shown 
in Figure a. The overall fit is excellent, although the electron 
scattering wing may be somewhat larger than that observed. In future 
observations of HD 50896, and other similar W-R stars, the accurate 
FIG. 7 - HeII(4-3) at 4685.7~. As noted by Ebbets (1979), this line 
shows marked variability, with its central intensity varying between 
8 and 10 on a time scale of a few days. 
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measurement of the strength of the electron scattering wings on HeII 
lines should be a prime goal. 
HeII(3-2) 
Illustrated in Figure 9 are the theoretical profiles for 
HeII(3-2). The strength of this line, unlike that of HeII(4-3), is 
only slightly affected by the helium ionization structure (6.4). 
Other features of the HeII(3-2) theoretical profile worth noting are 
the large central intensity of the line, the strong electron 
scattering wing on the red side, and the strong (but narrow) P Cygni 
absorption on the blue side. 
From a comparison with the data of Willis et ai. (1983), the 
theoretical profiles (including the red wing) were found to be in 
excellent agreement with that observed. The only discrepancy is the 
blue absorption component, which extends to approximately 2700 kms- 1 
in the observed profile. This discrepancy may be removed, however, 
by using a different velocity law in the outer · regions of the 
stellar wind (6.7.3). 
HeII(7 - 3) 
The theoretical profiles for this line are shown in Figure 10. 
Both em.ission lines show strong asymmetry, P-cygni absorption on the 
blue side, and an extended red wing due · to electron scattering. 
P- Cygni absorption is not evident in the observed profile given 
by Willis et ai. (1983); however, it does exhibit red shifted 
emission as predicted by the models. Aside from the absorption 
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component , the theoretical profiles are in good agreement with that 
observed. 
HeII( 10-7) 
The profiles for this transition are shown in Figure 11. 
Although the theoretical IR lines are too weak, their gross shape is 
correct . With the present resolution (R~?OO) and the accuracy of the 
wavelength calibration, it is not possible to decide whether the IR 
HeII profiles are red shifted as are those in the optical. This 
obviously requires further investigation . 
6.3.4 HeI Line Profiles 
Illustrated in Figures 12 and 13 are the theoretical line 
3 J 3 3 profiles for HeI 3d D-2p P) and HeI(3p P-2s S), two of the strongest 
HeI lines seen in the optical spectrum of HD 50896. All profiles 
show a flat top, with P-Cygni absorption on the blue side. 
Weak P-Cygni absorption is present on the observed 
HeI(3p 3 e-zs 3 S) profile given by smith and Kuhi (1981). Better 
agreement of our models with this observation would be achieved if 
the velocity were made to increase through the HeI line formation 
region (Figure 17). As a velocity gradient would then exist along 
rays with µ ~ 1, this would enhance the escape of continuum photons 
emanating from the stellar core. 
J 3 For HeI(3d o-2p P) we have also illustrated the observed 
profile (Figure 12) which was obtained using the one dimensional 
photon counting array at Mt . Stromlo. The theoretical profile (for 
PIG. 11 - HeII(l0-7) transition at 2.l885µm. The observed profile 
was obtained with a resolution of >600 using the cooled grating 
spectrometer . The emission on the blue side of this line is due to 
HeII(l4-8) at 2 .1646µm. Although the theoretical emission profiles 
are weaker than that observed, their overall shape is in agreement 
with that observed. 
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FIG. 12 - HeI(3d30-2p 3P) at 5875.7R showing a flat topped profile. 
The theoretical profiles illustrated for HeI do not contain the 
contribution by electron scattered photons. These prllnarily increase 
the central intensity of the line ( above the continuum ) by 10% in 
the lower luminosity model, and even less in the higher luminosity 
model. 
The lower luminosity profile is in good accord with that observed, 
aithough the absorption on the blue side of the theoretical profiles 
i s much stronger than observed. This, however, can be improved by 
altering the velocity law (as described in the text). The two narrow 
- l 
absorption l i nes near 1000 kms are the Na D-lines . 
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L=Sxl.O•L0 ) is in excellent agreement with that observed, although a 
somewhat larger velocity (~V < lSOkrns- 1 ) in its formation region may 
be required for agreement with line wings. 
HeI(3d 3 D-2p 3 P) is one of the few strong, relatively blend free, 
HeI lines seen in the optical spectrum of HD 50896, and other late 
type WN stars; it is therefore of great importance that very high 
signal-to-noise observations of this line be obtained to assist in 
future modelling of these stars. 
6.4 ATMOSPHERIC STRATIFICATION 
From very early studies, it has been known that emission lines 
of W-R stars originate at different radii. This is evidenced by the 
correlation of line width with ionization potential (Kuhi 1973), and 
0 0 
the strikingly different behaviour of CIII(A5696A) and CIV(A5808A) 
in WC star (Kuhi 1973). Until now, no quantitative results have 
been forthcoming. 
Below we examine the stratification of the HeII and Her 
emission in the extended envelope of HD 50896. To do this we have 
formed the quantity { defined by 
where 
and 
I l .B( µ )exp(-r c< µ) J aµ 
-1 
~ ? /3( µ )=( i+aµ - )( 1-exp( -r L/( l+aµ - ) ) )/7 L ( Sobolev approximation 
castor 1970) 
exp(-7 (µ)) is a correction for the continuum opacity (thermal 
C 
I 
' 
I 
I 
i 
I 
I 
I 
I 
I 
I 
I 
I 
1, 
only) of the stellar wind. 4 With this definition, the energy emitted 
(observed) in the line is given by 
E oc Jaa ~ d( log r) 
R 
C 
Consider firstly HeII(5-4), HeII(7-4) and HeII(ll-4), all 
members of the HeII Pickering series. These lines have very 
different optical depths, and thus originate in different regions of 
the stellar wind. This is clearly shown in Figure 14, where it can 
11 be seen that the HeII(5-4) line emission (characterized by N =10 ) 
e 
originates, on average, four times further out than the HeII(ll-4) 
emission (characterized by N =3xio 12 ). Whilst individual emission 
e 
lines originate over a large volume, it is apparent that a 
systemattc anatysts of the Ptckertng sertes can ytetd tnformatton 
concerntng th e structure of the steiiar wtnd. 
As the line emiss ion in a given region of the stellar wind is 
influenced by many parameters, it is desirable that many emission 
lines be used to constrain the structure of this region. We have 
therefore illustrated the origin of several other HeII lines in 
Figures 15 and 16. 
In Figure 15, we have illustrated { for the HeII(4-3), 
HeII(7-6), and HeII(3-2) lines which are all optically thick. 
Because the HeII(7 - 6) and HeII(4-3) transitions originate at very 
large radii, their strengths are influenced by the helium ionization 
structure. The HeII(3- 2) transition is unusual, s i nce it has a 
larger optical depth than the other two lines, but originates at 
4This expression, whilst approximate, is adequate for our purposes. 
I 
P'IG. 14 - Ill•Jstration of ~ ( defined in text) showing the origin of 
three members (HeII(S-4), HeII(7-4), and HeII(ll-4)) of the Herr 
Pickering series . The area under each curve gives the total line 
emission; however, we have normalized the area to unity for 
illustration purposes. As the optical depth of the transition 
increases, the emission line originates (on average) further out in 
the stellar wind. 
FIG. 15 - Illustration of~ for three very optically thick lines -
HeII(3-2), HeII(4-3), and HeII(7-6). The latter two lines originate 
at sufficiently large radii that their strengths may be influenced 
by the Her ionization structure. 
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smaller radii. This can be explained by noting that level 2 becomes 
extremely overpopulated as r increases. Consequently, the HeII (3-2) 
source function (unlike the other lines) decreases very rapidly with 
increasing radius. Note, however, that any P-cygni absorption 
component can originate at much larger radii than the emission 
component. 
In Chapter 3, we showed that continuum opacity controlled the 
region in which 'optically thin' IR emission lines are formed. We 
illustrate this for the HeII(l4-4) at 396aR and HeII(l4-8) at 
2.1646µm (Figure 16). Also illustrated is the curve for HeII(14-8) 
with no continuum opacity correction. For HeII(l4-8), continuum 
absorption of line photons is an important factor controlling line 
strength. This effect is not as important as first thought, however, 
because the principal factor controlling the line strength in the 
7-n series is the line optical depth which systematically decreases 
as we move from IR to optical wavelengths. 
The above stratification structure was illustrated for 
4 S L=5x10 L0 . For L=lO L0 , the very thick HeII lines (e.g., 7-6) arise 
at somewhat larger radii because in the lower luminosity model their 
emission is partially truncated by the change in helium ionization. 
Finally, consider the origin of the HeI emission lines. As 
3 3 discussed by Castor (1970), the flat top on the HeI (3d D-3p P) 
profile at 5875R suggests that this line forms in a region with near 
constant velocity, and that the line is optically thin. For a flat 
- l topped emission line 3000 kms wide, we require that there is no 
-1 
emission inside V(r)= 1500 kms , and that the acceleration outside 
this region is gradual. ~'his gives rise to a flat topped profile 
with its wings controlled by the changing velocity field in the 
FIG. 16 - Illustration of the effect of the continuous opacity of 
the stellar wind on transitions originating from level 14. Because 
of the continuous opacity, HeII(l4-8) is weaker than expected on the 
basis of the flux in HeII(ll-4) . The dashed line indicates where the 
HeII(l4-8) line would originate if the continuous opacity in the IR 
could be neglected. 
FIG. 17 - The origin of HeI(3d 3 D-2p 3P) at 5875.?i and HeI(2p 3 P-2s 3 S) 
at 1.0830µ.m, The origin of these lines is primarily controlled by 
the HeI ionization structure . 
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emission line region. 
In Figure 17 we illustrate! as a function of radius for 
J J J J . . HeI(3d D-3p P) and HeI(2p P-2s S). Comparison of this figure with 
Figure 14 shows that, on average, the Her emission originates at 
larger radii, and consequently smaller electron densities than the 
HeII emission lines. The main factor controlling the He! line 
strengths, and the region in which they are formed, is the helium 
-1 ionization balance. At small velocities (V(r) < 1400 kms ) there is 
insufficient He• for recombination to produce detectable emission in 
the HeI profiles . 
Diagrams 14, 15, 16, and 17 have clearly illustrated that 
individual lines of HeII and HeI originate in different regions of 
the stellar wind. They succinctly indicate which regions of the 
stellar wind influence individual lines , thus providing a valuable 
guide for empirical modelling. Further, they are an invaluable guide 
to futur e s t ellar interferometric measurements. In particular, they 
indicate that inter f erometric measurements using narrow passbands 
centred on different members of the HeII Pickering series, as well 
as emission lines due to other atomic species, can provide 
invaluable information to improve our understanding of W-R stars . 
The stratification of the line emission in W-R envelopes also 
has a bearing on future observations concerned with profile 
variability . With high signal-to-noise observations, it may be 
possible to trace variations of the flow parameters (M, and V(r)) 
through different lines, as the variations first influence the 
weaker lines, and subsequently the stronger lines. In this context 
we note that the emission forming regions of HeII(ll-4,A4199R) and 
0 He1I(4-3,A46B5A) are separated by approximately lOR , corresponding 0 
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to around 1 hour at wind velocities of 1500 kms- 1 • 
6.5 HYDROGEN/HELIUM RATIO 
Below we examine the effect of hydrogen emission on the HeII 
line fluxes using empirical modelling. This will allow a H/He ratio 
to be derived for HD 50896, and will provide a valuable guide for 
future modelling and interpretation of W-R stars in which the 
H+/He+• ratio is approximately unity. 
The atmospheric structure used in the modelling is the same as 
the L=l0 5L0 model, previously described in 6.2. As this model is 
capable of explaining the continuous energy distribution of HD 50896 
and the HerI line strengths, it provides an excellent bas is for 
examining the influence of hydrogen on the Herr line profiles. As 
previously described in 5.4, it is necessary to allow for the effect 
of the Heir line radiation field on the hydrogen departure 
coefficients (hereafter radiative co~pling). 
A comparison of the theoretical EWs for pure Herr lines, and 
those blended with hydrogen, is given in Table 2. Column 1 of this 
table gives the transition, column 2 the Herr wavelength, column 3 
5 the equivalent width of the Herr lines (no hydrogen) , column 4 the 
EW of the blended lines with H/He=l and with no radiative coupling, 
column 5 lists the EW of blended lines with H/He=l but with 
radiative coupling included, and finally column 6 
5All the EWs neglect emission due to electron scattered line 
photons. This, however, will not affect any of the conclusions 
reached in this section. 
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lists the EW of blended H/He lines assuming H/He=0.2 (and radiative 
coupling). The figure quoted in brackets against each blended EW is 
the excess emission, expressed as a percentage , over that obtained 
for the pure HeII line. 
An examination of Table 2 reveals several important facts. 
Firstly, the strength of the blended H/He emission lines is 
significantly affected by the radiative coupling of the hydrogen 
line radiation field to that of HeII (columns 4 and 5). The changes 
are not uniform, nor are they in the same direction. For example, 
the emission at Ha(A6560~) is increased by approximately 30R (20%) 
when radiative coupling is included, whilst the emission at 
0 Ba(A4.05µm) is decreased by BOA (17%). 
Secondly, the formula of Massey (1980) yields reliable 
estimates for the H•/tte++ ratio when H+~He++. This formula, which 
assumes that the l i nes are optically thick, predicts an excess 
emission of 59% over the pure HeII line when H+~He+ +, which is in 
excellent agreement with the excesses tabulated in column 5 of 
Table 2. On the other hand, the assumption of optically thin 
emission tends to underestimate the true H•/He++ ratio. 
Finally, for low abundances (H/He ~ 0.2) an analysis of the 
Pickering decrement will yield a H+/tte++ ratio accurate to 30%, 
without the need for detailed calculations. Smith (1972) has placed 
an upper limit of 0.05 on the H+/He++ ratio from an analysis of the 
Pickering decrement in HD 50896. These more detailed calculations 
confirm the validity of Smith's analysis, and hence her conclusion 
that HD 50896 is severely hydrogen deficie nt. 
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TABLE 2 
THEORETICAL COMPARISON OF THE EWB OF HI/HeII BLENDS WITH PURE HeII 
EMISSION LINES 
0 
HeII A(A) EW EW(NRC) EW( RC) EW( RC) 
Transition HeII H/He=l H/He=l H/He=0.2 
5-4 10124 344.5 
6 - 4 6560 111.2 156.6(41%) 180.3(62%) 128.4(15%) 
7-4 5412 47.5 
8-4 4859 26.7 40.1(50%) 41.9(57\) 30.4(14%) 
9-4 4542 16.6 
10-4 4339 11.3 18.2(61%) 18.0(59\) 12.9(14%) 
ll-4 4200 8.0 
12-4 4100 5.9 9.9(67%) 9.6(63\) 6 . 8(15%) 
13-4 4026 4.4 
14-4 3968 3.4 6.0(77\) 5.7(68%) 4.0(18%) 
15-4 3923 2.7 
10-6 12813 48.5 84.6(74\) 73 . 8(52%) 55.9(15\) 
10-8 40495 255.3 465.1(82\) 384.3(50%) 299.3(17%) 
13-8 21646 43.2 
14-8 23464 29.4 58.3(98%) 49.7(69\) 
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6 . 6 SENSITIVITY OF THE LINE STRENGTHS TO MODEL PARAMETERS 
Previously we have shown that the basic model described in 
section 6.2 is capable of explaining both the continuous energy 
distribution of HD 50896, and the Herr and Her line profiles. In 
this section we address the sensitivity and dependence of the line 
profiles and fluxes on the model parameters . In conjunction with the 
continuum analysis of Chapter 5, this will allow constraints to be 
placed on the extended atmosphere of HD 50896. Some of the 
discussion in this section is fairly obvious (e.g., the dependence 
o f the line strengths on temperature) but is presented for clarity 
and completeness. 
Before proceeding, there are several points worth noting. 
Firstly, all models used in this section have as their foundation 
(i) statistical equilibrium, (ii) a temperature structure specified 
by radiative equilibriwn at depths where the UV and extreme UV 
continua are formed, and (iii) a fixed wind temperature. 
Secondly, we stress that it is necessary to treat the continuum 
and line formation simultaneously, as both are directly affected by 
changes in the mass loss rate (and core radius). 
Finally, we have used both line fluxes and EWs to specify the 
strength of the HeII lines. Line EWs are probably the more useful as 
they are independent of reddening. Both quantities, however, must be 
used in conjunction with continuum fluxes when comparing model 
results with observation. 
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6.6.l Mass Loss Rate 
The effect of the mass loss rate on the line strengths depends 
on both the line's optical depth and its wavelength. In a W-R star 
such as HD 50896, the mass loss rate affects the continuum flux as 
well as the line flux. To determine the dependence of the HeII line 
strengths on M, we computed two models with mass loss rates of 
- 5 - 1 
and 2. SXlO M0 yr . The luminosity and velocity 
structure (V(r)) of the two models is identical, whilst the line 
formation region in each model was assumed to have a temperature of 
4 3.0xlO K. For each model we computed the EW of 9 HeII lines - these 
are listed in columns 3 and 4 of Table 3. 
Examination of the table reveals that the UV EWs have a strong 
dependence on mass loss rate, whilst the optical and especially the 
IR lines (ignoring the HeII(7-6) transition) have a much weaker 
dependence. This behaviour is primarily due to the behaviour of the 
continuum flux with wavelength. 
Previously Hillier, Jones and Hyland (1983)(Chapter 3) showed 
that an optically thick line formed in an isothermal wind with 
constant velocity has 
., 
E( energy in line) ex: vsR; 
where R is the radius at which the line optical depth (Sobolev) is 
T 
unity. Ignoring the variation of the departure coefficients with 
mass loss, it follows that 
. 
In the UV, the continuum flux is insensitive to M; consequently, 
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TABLE 3 
COMPARISON OF EWs FOR MODELS WITH DIFFERENT MASS LOSS RATES 
AND DIFFERENT WIND TEMPERATURES 
Transition 
3-2 
4-3 
7-3 
11-3 
7-4 
11-4 
7-5 
7-6 
10-6 
10-7 
18-7 
0 
A(A) 
1640 
4686 
2511 
2215 
5412 
4200 
11626 
30908 
12183 
21885 
13510 
M=2.Sx10- 5 
T=3.oxio 4 
76 
210 
8.6 
1.2 
36 
4.9 
134 
615 
44 
95 
7.4 
M=5.ox10-s 
T=3.0x10 4 
142 
281 
15.l 
2.5 
45 
7.4 
125 
456 
42 
81 
7.7 
M=s.oxio- 5 
T=4.5x10 4 
112 
325 
9.9 
1.3 
32 
4.1 
90 
365 
26 
53.0 
3.0 
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the EW of UV lines show a strong dependence on mass loss rate. 
However in the IR, the continuum flux is also proportional to 
(approximately) M413 , indicating that the EW of the IR lines should 
be insensitive to M. This is verified in Table 3. For optically thin 
UV lines, a strong mass loss rate dependency arises because the line 
emission measure is proportional to M2 (recombination). 6 For 
optically thin IR lines, continuum absorption controls the line 
strength; consequently, their EW is independent of the mass loss 
rate (see 3.5). 
6.6.2 Core Radius 
Due to limited time, we have not computed models of different 
radii to enable a comparison of line strengths. However, the main 
trends can be obtained using Chapter 3 where the continuum variation 
with radius was discussed. 
Firstly, the core radius (for a given wind temperature) does 
not influence the fluxes of the majority of HeII lines, as they 
6
All HeII lines are influenced to some extent by their own optical 
depth. However, for weak UV and optical lines it is the stellar core 
(i.e., where there is a very rapid increase in density) which limits 
the innermost region from which the line emanates. A larger 
percentage of the emission of these lines (compared with optically 
thick lines) therefore arises in the region where the line is 
optically thin. Consequently, these lines show behaviour between 
that of optically thick HeII lines and that expected from very 
optically thin HeII lines. 
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r 
originate at much larger radii than the core radius. For weak UV and 
optical lines, however, the core radius partially defines the inner 
boundary of the region from which the lines emanate (see HeII(ll-4) 
Figure 14). Decreasing the core radius will therefore tend to 
increase the fluxes of these lines. 
The main effect of alteri ng the core radius (for a given M, L, 
and wind temperature) is to change the UV (and to a lesser extent 
the optical) continuum fluxes (5.6.2). Consequently , the EW of all 
uv lines increases as the radius decreases . 
For a given star, the continuum shape from UV to IR wavelengths 
is an observable quantity, and hence cannot be arbitrarily changed. 
In section 5.G.2.4, however, it was noted that more than one set of 
M, and R can give rise to the same continuum shape . It is therefore 
C 
relevant to ask whether these same parameters give the same 
equivalent widths for the HeII lines. 
Previously we noted that the flux of optically thick lines was 
proportional to M4 / 3 . As this is similar to the scaling of the IR 
flux with M, it follows that the EWs of the HeII lines will be 
similar in the two models which give rise to the same continuum 
shape. Whilst variations will occur it is not immediately clear 
(without running many detailed models) whether they are sufficient 
to confirm one model over another given the many other parameters 
which also influence the line strengths (e. g., T and ionization 
structure). 
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6.6.3 Wind Temperature 
We illustrate the temperature dependence for several HeII lines 
in Table 3. The standard model has a mass loss rate of 5.0xlO-s 
-1 4 M0 yr , and a wind temperature of 3xlO K (column 4), whilst the 
comparison model has the same radius, velocity law, mass loss rate 
and luminosity, but a wind temperature of 4.Sx10 4 K (column 5). All 
lines become weaker as the temperature increases, but the behaviour 
of individual lines depends on their own optical depth, and their 
wavelength. 
Consider optically thin infrared lines whose upper levels are 
almost in LTE. Previously (Chapter 3) we showed that the EW of these 
lines is inversely dependent on the temperature. This dependency 
arises because the line and continuum fluxes originate in the same 
volume. The line emission (at a given radius) is proportional to 
T- 3 / 2 (since LTE ) whilst the emitting volume is limited by the 
continuum opacity. For an r- 2 density distribution, R(Tc=l) ~ T- 1/ 2 
and since EocR , the equivalent width of optically thin lines is 
T 
- l '7 proportional to T . In the UV, optically thin line and continuum 
formation regions are separate, and so we expect a strong dependence 
. - 3/:l . ( 1.. e. , T 1.f b is constant). For optically thick lines we expect 
a weaker dependence than that shown by the optically thin lines. 
7 -2 In the IR, and for an r density distribution, the IR flux is 
insensitive to T. 
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6.6.4 Luminosity and Effective Temperature 
The luminosity does not directly control the Hell line 
strengths (but see 6.7.1); however, the luminosity influences both 
8 the helium ionization structure and the temperature structure, and 
hence indirectly influences the strength of the Hell and HeI lines. 
If Lis increased, or R decreased (fixed L) the amount of 
C 
0 . 
extreme UV (A<1000A) flux is necessarily increased. This yields a 
higher wind temperature (and hence less line emission) and forces 
the change in the helium ionization to occur at large radii. From 
section 6.4 we recall that the He! ionization structure controLs the 
He! line strengths, and may also influence the strength of very 
optically thick Hell lines . 
6.7 DISCREPANCIES BETWEEN THEORY AND OBSERVATION 
In section 3 we compared theoretical line profiles with 
observation, whilst in sections 4 and 6 we discussed the origin of 
the lines and the factors influencing their line strength. This 
discussion revealed that a model similar to that described in 
section 2 is capable of explaining the UV and optical Herr line 
0 
strengths, and the strength of Hel(5876A). In view of our previous 
discussions we could improve the UV and optical line strengths by 
slight adjustments in either M, Rc, V(r) or T(wind) but such an 
8The wtnd temperature of our models was a free parameter - here we 
refer to its calculation from energy balance considerations. 
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effort at this stage is not warranted because of observational and 
model uncertainties. In addition, we need to examine the 
implications of the present model for the observed CIV, NIV and NV 
emission lines in HD 50896. Further, several discrepancies between 
observation and theory were noted in section 3, and these need to be 
examined. They are 
(i) IR lines have insufficient flux 
(ii) Red shift and asymmetry of the emission lines 
(iii) Terminal velocity of the stellar wind 
Each of these will be discussed in detail. 
6.7.l IR Lines 
In section 3 it was found that the HeII emission lines are 20% 
to 40% too weak (depending on the ionization structure). The reason 
for this dis crepancy is not clear, as our discussion in 6.6 showed 
that these lines are insensitive to the mass loss rate and the core 
radius. Whilst they depend on the wind temperature, a significantly 
lower temperature than 30000K may not be compatible with the cooling 
and heating processes operating in the stellar wind . 9 We shall 
ther efore examine other factors which could influence the strength 
of these lines within the confines of a spherically symmetric, 
9
rn chapter 3, a wind temperature of 3.3±0.5xl0 4 K was derived from 
an analysis of optically thin Hell lines in the IR. Our present 
models indicate somewhat lower temperatures (25000K). This is partly 
due to the inclusion of bound- free continuum opacity, and an 
accelerating velocity field in the line formation region . 
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homogeneous stellar wind. 
The IR lines have hv/kT< l; consequently, their optical depths 
are very sensitive to the departure coefficients. For levels 
involved in the IR transitions (e . g., 7 and 10) these might be 
altered by 
(a) Improved collisional cross sections 
(b) Relaxing the assumption that b =b 
nl n 
(c) Improved calculations of the HeII resonance transitions, or 
a different luminosity shortward of 350R. 
The collision excitation rates we have used are those given by 
Mihalas and stone (1968). Mihalas (1972) has compared these values 
with the more recent calculations of Sampson and Golden (1971), and 
finds that the collision excitation rates given by the formulae of 
Mihalas and Stone (1968) need to be scaled for transitions with 
6n>1. The scaling given by Mihalas (1972), however, is too small to 
significantly influence the level populations. It therefore appears 
that improved collisional cross sections will not solve the IR line 
flux deficiency. 
The second possible solution is difficult to examine without 
l l detailed calculations. However, HeII(l0-7) is formed at N > 10 
e 
and the weaker IR lines at even higher densities, suggesting that 
the assumption b =b is probably reasonable. 
nl n 
The final solution proposed is again difficult to investigate 
without detailed calculations. For the models described here, the 
resonance transitions have only a marginal effect(< 5%) on the He!! 
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10 o 
fluxes. However , a significantly higher UV ( A<350A ) flux (or 
alternatively larger photoexcitation rates in the resonance lines 
from improved calculations) may cause sufficient excitations of 
electrons from the ground state to influence the upper levels. This 
will tend to increase the strength of lines originating from these 
levels, by causing a decrease in line optical depth, and by 
increasing the emission from the upper level . Clearly, the accurate 
treatment of the HeII resonance lines and the extreme UV radiation 
field is necessary for a complete understanding of W-R stars. 
Whether this will resolve the deficiency in the IR line fluxes 
remains to be seen. 
6.7.2 The Red Shift of The HeII Emission Lines 
As previously noted, the HeII emission lines have large radial 
velocities (V(r)~l50 kms - 1 ) which do not correlate with line 
strength (E:bbets 1979). Although the large radial velocity of the 
HeII emission lines could be due to HD 50896 being a runaway, this 
is unlikely. Firstly, other W-R stars show the same behaviour (e.g., 
HD 165688 - WN6). Secondly, HD 50896 excites a gaseous nebulae which 
has a radial velocity of only 30 to 40kms-l (Pismis and Quintero 
1982; Chu et al . 1982) . Thus, most of the radial velocity of the 
HeII emission lines must be intrinsic to the emission mechanism 
operating in the stellar winds of WN stars. 
10 
we obtained this result by resolving the statistical equilibrium 
equations for the L=l0 5 L model with the population of level 1 
0 
fixed , and the rates in the resonance transitions set to zero . 
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The theoretical profiles show some red shift, but its magnitude 
depends on the optical depth of the line. In particular, the 
HeII(7-3) transition (Figure 10) shows some shift, whilst the 
theoretical HeII(4-3) profile (Figure 7) shows almost no red shift. 
The observed red shift may result from a particular run of 
velocity and temperature with radius. As we have run only a limited 
number of models, we cannot rule out this possibility. However, this 
explanation does have several difficulties. Firstly it must produce 
shifts for both optically thick and thin lines - lines which 
originate at different radii. Secondly, the model profiles that show 
red shifted emission also tend to show weak P-Cygni absorption; 
however, P-Cygni absorption is not seen on the the observed profiles 
for members of the HeII(n-4) series in the optical (Smith and Kuhi 
1981), or on members of the HeII(n- 3) series in the UV (Willis et 
al. 1983). 
If di f feren t runs of velocity and temperature cannot produce 
the observed red shift, the assumptions of homogeneity and spherical 
geometry will need to be re-examined. For the solution of this 
problem it would be advantageous to have radial velocities of HeII 
lines in the IR (and UV). Further, since the line profiles in HD 
50896 are influenced by its binary companion, a single W-R star 
should be analyzed. 
6.7 . 3 The Terminal Velocity of The stellar Wind 
In W-R and other o-type stars, the terminal velocity of the 
stellar wind is obtained from measurement of the blue absorpt i on 
edge on UV resonance lines (Snow and Morton 1976). For HD 50896, 
I 
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Willis (1982) obtains V =2700 kms- 1 , whilst Underhill (1983) obtains 
00 
-1 
V
00
=2370 kms . The discrepancy between the two values arises from 
the subjective nature of determining which part of the P-Cygni 
profile represents the true terminal velocity. In our analysis of 
the Hell and HeI lines in HD 50896, it was found that maximum 
velocities of 1700 kms- 1 were sufficient to explain the observed 
optical and IR line profiles. This is significantly smaller than the 
values obtained from the UV resonance lines, hence we need to 
examine whether our model is compatible with these observations. 
From 6.4 we know (for the L=5xl0 4 L model) that essentially all 
0 
of the HeII emission(> 95 %) originates inside 30 stellar radii, 
whilst less than 30% of the HeI emission originates beyond 50 
stellar radii. Consequently beyond SOR the velocity is not defined 
C 
by the optical and IR observations. Therefore, for compatibility 
with the UV observations, the velocity must undergo a substantial 
-1 -1 increase ( i .e., from "'1700kms to >2400kms ) beyond 50Rc. 
Because the mass loss rate is large, and the core radius small, 
the UV resonance lines still have enough optical depth to produce 
P-Cygni absorption. In p a rticular, we find that 
0 • - 5 :l 
T( NV( 1238. BA) )=62. 3( M/5. OxlO ) ( 2000/V) ( 500R0 /r) 
0 • - 5 :l 
T( CIV( 1548. 2A) )= 31. 6( M/5. OxlO ) ( 2000/V) ( 500R0 /r) 
These are Sobolev optical depths and were calculated assuming 
- 5 - 5 N(NV)/N(He)=4.5xl0 and N(CIV)/N(He)=l.5xlO which are the values 
obtained for HD 50896 by Smith and Willis (1982). 
0 
The P-Cygni component of HeII(3-2) (X.1640A) also shows evidence 
of wind velocities of approximately 2600kms- 1 (Willi s 1982). This is 
compatible with the above scenario, as level 2 is extremely 
overpopulated in the outer regions of the stellar wind. The optical 
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depth of the He rI(3-2) transition is particularly sensitive to the 
5 helium ionization structure but for the L=4xlO L
0 
model 
T(HeII(3-2)) = 0 .016 at 200Rc 
and T(HeII(3-2)) 0.16 at 100Rc· 
Note that the optical depth to continuum photons will be larger than 
this by approximately a1nr;a1nv. 
The above discussion reveals that a significant input of 
momentum into the stellar wind must occur at large radii (r>50R ). 
C 
This is very different to the velocity field derived theoretically 
for stellar winds driven by line scattering (Castor, Abbott, and 
Klein 1975). To clarify the situation regarding the terminal 
velocity of the stellar wind of HD 50896, and the velocity at large 
radii, velocity measurements of the P-Cygni component of Hel(10830R) 
and other HeII(n-2) transitions are desirable. Because of the 
variation of optical depth along the series, the HeII(n-2) 
transitions , if observable, could be a useful indicator of the 
velocity field in the outer regions of the stellar wind. 
6.8 CONSTRAINTS ON THE ATMOSPHERE OF HD 50896 
From the preceeding discussion we have gained an understanding 
of the factors controlling the continuum flux, and Herr and Her 
emission lines in a W-R star like HD 50896. We now wish to ask what 
constraints the model can place on the atmosphere of HD 50896. 
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6.8.l Mass Loss Rate 
Within the confines of a spherically symmetric and homogeneous 
stellar wind, firm limits could be placed on M if an accurate 
distance to HD 50896 were known. These limits could be obtained from 
radio fluxes (Wright and Barlow 1975) or from the simultaneous 
modelling of the continuum (IR and optical) and HeII line profiles. 
The calibration of M with spectral type does not yield 
V 
reliable distance estimates for W-R stars (Massey and Conti 1983). 
Consequently a distance estimate for HD 50896 can only be obtained 
if it is a member of an open cluster. Lundstrom and Stenholm (1980) 
indicate that it is impossible to decide whether HD 50896 is a 
member of Collinder 121 (d=0.91 kpc). 
As previously noted, the UV lines are sensitive to M, whilst 
the optical and IR lines are much less sensitive. In principle, 
then, the mass loss rate could be obtained from modelling of the 
lines, however the UV lines are also sensitive to R. Thus, one 
C 
obtains a set of (R, M) which may fit the data equally as well. 
C 
• - 5 - 1 For the present model, M=5.0xl0 M0 yr and Rc=2.SR0 implying 
a distance of approximately l.25kpc for HD 50896. On the other hand, 
• - 5 - 1 if we adopt d=O. 91 kpc the radio flux yields M=3. 3Xl0 M0 yr . For 
consistency with the continuum and UV line fluxes the W-R core would 
necessarily be smaller than 2.SR0 - approximately 1R0 . This would 
imply a low absolute visual magnitude for HD 50896 (M =-2.9). 
V 
In principle it may be possible to determine M from accurate 
fitting of the electron scattering wings on the line profiles. 
Because the electron scattering varies as the density, whilst the 
free-free and line opacities vary as the density squared, the 
I 
__, 
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effects of electron scattering on the lines (and the continuum) will 
become large as we go to higher mass loss rates. In particular, for 
- 2 • 1/3 
an r density distribution, TL( T( electron scattering )=l) er M . 
In conclusion, the mass loss rate of HD 50896 can be determined 
-5 -1 
to be 4xl0 M0 yr , within a factor of 2. This is close to the 
-s -l 
estimate of 3. 3xl0 M
0
yr given by Hogg ( 1982) which was derived 
from radio data. The agreement is fortuitous, as the estimate of 
Hogg assumes incorrectly that helium is doubly ionized in the radio 
region. As well, the distance to HD 50896 used by Hogg is probably 
in error. 
-4 -1 Mass loss rates higher than 10 M
0
yr can be ruled out, as 
they would tend to produce too large an electron scattering wing on 
• - 5 - l the HeII line profiles. Even the present model with M=5xl0 M0 yr 
tends to produce electron scattering wings a little larger than 
- 5 - l those observed. On the other hand, a mass loss rate of 10 M0 yr 
will tend to yield electron scattering wings of insufficient 
strength. Further, such a mass loss rate would imply a very small 
core radius (<0.5R
0
) for compatibility with the observed continuum 
shape of HD 50896. 
6.8.2 Luminosity (Teff) 
As previously noted in Chapter 5, the continuum flux is 
insensitive to L (Teff) whilst the line strengths depend only 
indirectly on L through the temperature and helium ionization 
structure of the stellar wind . Because our present model is 
incapable of deriving an accurate temperature or ionization 
structure for the stellar wind, the models yield no clear 
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information about L although the present models indicate a high 
effective temperature for HD 50896 (T>SOOOOK). The situation could 
be improved in future models with better treatment of the UV 
resonance lines, and the inclusion of UV blanketing. This should 
allow the luminosity to be derived through its effect on the helium 
ionization structure, and consequently the HeI line strengths. 
6.8 . 3 T!..!:.l - Line Formation Region 
With the present model, the derived wind temperature is low 
(T(wind) = 30000K). Because the lines are sensitive to many 
parameters (V(r), M, R, helium ionization), no attempt has been 
C 
made to examine whether a non-isothermal wind might be more 
compatible with observation. The derived wind temperature is in fair 
agreement with that given by Hillier, Jones and Hyland (1983), from 
an analysis of optically thin IR lines . 
A much higher wind temperature (say T > 50000K) would seem to 
be in complete contradiction with the observation of the IR HeII 
lines. These lines depend on T and are insensitive to Mand Rc. Even 
with the present wind temperature, there are difficulties in 
obtaining IR HeII lines of the correct strength. 
6.8.4 Velocity Field 
Although we did not carry out a systematic examination of the 
effects of different velocity laws on the line profiles, the present 
work allows us to draw the following conclusions. 
( i) For compatibility with the HeII profiles and the continuum, 
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the velocity in the region in which the 2~m continuum is formed mu~t 
- l - l be greater than 1000 krns ( and may be as high as 1400 kms ) • In 
- l the present model V{ r) = 1260 krns at T( 2µ.m) = o. 33. 
(ii) Through and beyond the 2µ.m continuum formation region 
there is an increase in velocity towards V=1600 to 1700 krns- 1 • This 
is necessary to be compatible with the optically thick HeII lines 
and the HeI lines. 
(iii) At very large radii ( r>50R ), the velocity must increase 
C 
-1 - l 
substantially beyond the 1700 krns to greater than 2400 kms as 
required by the UV lines. 
6.9 CONCLUSION 
In this and the previous chapter, we have examined, in detail, 
HeII and HeI line and continuum formation in the extended atmosphere 
of HD 50896. From a comparison of observation with theory, it has 
been found that a model of a small (r=2.5R ), hot (T ~ 50000K) 
C eff 
- 5 - l pure helium star with a mass loss rate of 5x10 M0 yr can 
simultaneously explain both the continuous energy distribution of 
HD 50896 and the Hell and HeI line strengths, although some 
discrepancies remain. In particular, the model tends to produce 
insufficient emission in the IR HeII emission lines unless the wind 
temperature is less than 30000K. 
For the first time, we have quantitatively illustrated the 
stratification of the emission lines in the W-R envelope. The HeII 
emission originates over a range of electron densities, with the 
weaker HeII emission lines forming at N =10 12 to 10 13 , whilst the 
e 
ll 
stronger lines originate at Ne =10 . 
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Detailed modelling, taking into account optical depth effects, 
confirms Smith's (1972) analysis of the Pickering decrement in 
HD 50896, and hence her conclusion that HD 50896 is severely 
hydrogen deficient. The work also confirms the conclusion of Chapter 
5 that the effect of the HeII radiation field on the hydrogen 
departure coefficients must be taken into account. 
From an examination of the emission line strengths, we have 
investigated the effects of Mand T(wind) on the lines. The UV line 
strengths are sensitive to M, whilst the optical and IR lines are 
much less sensitive. The difference in behaviour between the IR and 
UV lines arises because the IR continuum flux is sensitive to M, 
whilst the UV continuum flux is independent of M. This behaviour 
stresses the need to treat the continuum and line formation 
processes simultaneously. 
Examination of the temperature dependence of the line strengths 
reveals that the strength of both optically thick and optically thin 
lines is inversely correlated with the temperature. In general, 
optically thick lines have a weaker temperature dependence than 
optically thin lines. 
- l The model reveals that a high velocity (V(r)>lOOOkms ) zone is 
required in the IR (2µm) continuum formation region. Beyond this 
- l 
region, acceleration to 1700kms is required for compatibility with 
the width of the HeII and Her lines. If the homogeneous model is to 
be compatible with observations of the UV resonance lines, 
- l - l 
acceleration of the wind from 1700kms to v= (> 2400kms ) must 
9 
occur beyond SOR (N < SxlO in our model). 
C e 
As both the continuum and line strengths do not depend directly 
on L (Teff), the present model is incapable of determining these 
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quantities. With accurate treatment of the UV resonance lines, and 
the inclusion of UV line blanketing, it should eventually be 
possible to constrain the luminosity from its e ffect on the helium 
ionization balance and hence the HeI line strengths. 
The work set out here provides both a suitable basis for 
modelling of W-R stars in general, and for modelling emission lines 
of other atomic species (e.g., N, C) . In future studies of W-R 
stars, it is desirable that we choose W-R stars of known distance 
(based on cluster membership) as this diminishes the number of 
unknown variables (e.g. M, R ). Simultaneous modelling of the HeII, 
C 
HeI, N, and c lines over a long wavelength baseline should then 
provide answers to the ionization structure of the stellar wind, the 
temperature structure of the wind, and atomic abundances, and 
consequently provide us with a better understanding of W-R stars. 
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APPENDIX 1 
ATOMIC PARAMETERS 
1 • . OPACITIES 
1.1 Bound-Bound 
Under the assumption of complete redistribution, the line 
opacity is given by 
(Mihalas 1978) where fiu is the transition oscillator strength and 
¢(v) is the line absorption profile. For Doppler broadening, the 
line absorption profile has the form 
1/2 - l 2 ICD ¢(v) = (1T bv0 ) exp{((v-v0 )/~v0 J } , -ca ¢(v) dv=l 
- 5 , 1 /2 
with bvD = 4.2833Xl0 (T/10 A) Vo 
and where A is the atomic mass. 
The line emissivity is given by 
1.2 Bound-Free 
The bound-free opacity due to level n has the form 
* l x = (N -N exp(-hvjkT)) a(v,n) (Mihalas 1978) where a(v,n) 
v n n 
is the photoionization cross section for level n. To compute the 
bound-free emissivity we use 
l. 
* denotes LTE value. 
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B ( T). 
V 
In the model calculations, only bound-free opacity due to He• 
was considered . 
1.3 Free-Free 
The free-free opacity of a hydrogenic ion is given by 
8 
= 3.69xlO 2 z 
(Mihalas 1978) where gff is the free-free Gaunt factor, Ne is the 
electron density and N is the density of ions of charge z. For a 
z 
hydrogenic ion of charge z, gff has the form 
2 gff(V , T,z) = f(V/T,z /T). 
gff was derived via linear interpolation from a table given by 
Kurucz (1970) which in turn had been obtai ned f r om the graphs of 
Karzas and Latter (1961). In the model, free-free opacity due to He• 
(ass umed to be hydroge nic) and He•+ were included. The free-free 
opacity due to He• i s important longward of lOµm. 
1.4 Electron Scatteri ng 
The electron scattering opacity is independent of frequency , and is 
given by 
- 25 -1 
xes 6.65xlo Ne cm 
( Mihalas 1978). To compute the electron scattering emissivity 7}e
5
(v) 
we should use 
-
2 S N I w R( V , V ' ) J , d V ' 7Jes< v) = 6 . 65x10 e _00 v 
where R(v,v') is the angle averaged redistribution function 
(Appendix 2) and J is the mean intensity. Because the electron 
V 
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Doppler width is approximately 43A 112 times larger than the Doppler 
width of an atom of atomic mass A, an enormous bandwidth is required 
to accurately compute~ (v). 
es We have therefore adopted 
-25 ~ ( V ) = 6 . 65x10 N 
es e J ( J - mean continuum intensity) C C 
This approximation was suggested by Mihalas, Kunasz and Hummer 
(1975) and was shown to generally yield accurate line source 
functions by Mihalas, Kunasz and Hummer (1976). It should be 
stressed, however, that for the computation of line profiles, it is 
necessary to consider the full redistribution function. 
2. PHOTOIONIZATION CROSS SECTIONS 
For a hydrogenic ion of charge z, 
29 4 -5 -3 
a( v, n) = 2. 815x10 z 9bf( v, n, z) n v 
= 0 v<v 
n 
(Mihalas 1978) where gbf (v,n,z) is the bound-free Gaunt factor 
(order of unity) and has the functional ' form 
2 gbf(v,n,z) = f(v/z ,n). 
The bound-free Gaunt factors for n~lO were computed using the 
formulae given in Mihalas {1967), which are approximate expressions 
accurate to 1% for A)50/z 2 R. These expressions were checked by 
comparing their predicted values with those given by Karzas and 
Latter (1961) . For levels with n>lO, the bound-free Gaunt factors 
were set to unity . 
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2,2 Rel 
The photoionization cross sections for the n=l, 2 and 3 levels 
of neutral helium are taken from a table given by Kurucz (1970). The 
cross sections ant are expressed as power laws and have been taken 
from Gingerich (1964:n=l,2) and Hunger and Van Blerkom (1967:n=3). 
The expression given by Kurucz for the 2s 3 S state is incorrect and 
should read 
J ln a(2s S) = -390.026+(21.035-0.3157lnv)lnv. 
This result has been obtained from the original expressions of 
Gingerich (1964) and yields recombination coefficients for the 2s 3 S 
state in good agreement with those listed in osterbrock (1974). 
For the sand p states (n~4) we have used the analytical 
expressions given for the photoionization cross sections by Ilmas 
and Nugis (1982), whilst the states with !~2 are treated 
hydrogenically. The hydrogenic cross sections were computed using 
the Gaunt factors for individual! states given by Karzas and Latter 
(1961). Following Ilmas and Nugis (1982), we have combined the 
states with !~3 (n~4) into a single state, but the distinction 
between singlet and triplet states was retained. 
3 • OSCILLA'roR STRENGTHS 
3.1 ff and He+ 
oscillator strengths and transition wavelengths for hydrogen 
have been extracted from Wiese, Smith and Glennon (1966). For Herr 
the transition wavelengths are from Garcia and Mack (1965), whilst 
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the oscillator strengths are identical to those of hydrogen. 
In the infrared region, oscillator strengths for transitions from 
levels with U>20 to low lying levels are sometimes required. These 
were obtained via 
where 
f = 1 960g -3.-5(' -2_ -2,-3 
Lu • Lu u " " u 
9Lu = 1.0 - 0.1728(1+(?./u/)(1-(L/u/)- 2 13;,- 4 / 3 
-0.0496(1-1.33{?./u) 2 +(Z./u) 4 ) {l-(L/u) 2 )- 4 / 3 i- 4 / 3 , 
U>20, Z./u~0.75 
(Burgess 1959) 
3.2 Her 
The oscillator strengths for transitions between the s, p and d 
states in neutral helium have been obtained from Green, Johnson and 
Kolchin (1966 ). For transitions between the other states, hydrogen 
oscillator strengths obtained from the tabulation of Green, Rush and 
Chandler (1957) were used. 
Energy levels and transition wavelengths have been taken from 
Bashkin and Stoner (1975), and Wiese, Smith and Glennon (1966). 
4. COLLISIONAL CROSS SEcrIONS 
4.1 !:! and Herr 
The collisional ionization rate s and collisional excitation 
rates are those used by Klein and castor (1978) in their study of Of 
stars . To compute collisional ionization cross sections for HeII 
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(n~l2) we have used 
-5 2 5 l 6 -1 
cn,K(T) = l.243Xl0 n ('N-8.476Xl.O /n . ) exp( - "I' /kT) IT 
n 
which is based on the expressions given in Klein and castor for 
levels with n~12. 
4.2 Hel 
Collisional ionization rates, collisional excitation rates for 
levels with 6i=l (i.e., allowed transitions), and collisional 
excitation rates from the ground state to levels 2, 3 and 4 (61~1) 
have been computed using the formulae given by Mihalas and Stone 
( 1968). 
For forbidden transitions between the n=2 states we have used 
the rates computed by Berrington, Fon and Kingston (1982) to which 
we have fitted formulae (accurate to 10%) of the form 
log ciu: -0 . 4343Xiu/kT 
C ( logT) 3 
3 
+ C 
0 
+ C logT + C ( logT ) 2 + 
l 2 
The coefficients are listed in Table l. 
TABLE l 
•rransi tion C C' c.: ,. 
0 1 '.4 3 
3 l 
-10.77838 1. 83712 -0.255923 0 2S S-2p P 
l 3 
-8.48559 1. 21948 
-0.200309 0 2S S-2p P 
3 l 
-8.17276 1.01934 -0.190725 0 2S S-2S :3 
3 l 
-0.18877 -5.23998 1.32961 -0 .117767 2p P-2p P 
3 3 
-10.28377 1. 71232 -0.163703 0 2S S-2p P 
220 
We have also used the rates computed by Berrington, Fon and 
Kingston (1982) for the allowed transition 2s 3s-2p3P. The 
coefficients for this transition are also listed in Table 1. These 
rates are approximately 50% smaller than those computed from the 
formulae given for allowed transitions by Mihalas and Stone (1968). 
• 3 Collisional coupling from the 2s S state to the n=3 and n=4 
triplet states (6!~1) have been computed using the formulae of Auer 
and Mihalas (1973). All other collisional coupling between states 
with 6i~1 has been neglected. 
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APPENDIX 2 
THE INFLUENCE OF ELECTRON SCATTERING ON THE Hell LINE 
PROFILES IN HD 50896 
D. J. HILLIER 
ABSTRACT 
An investigation into the effects of electron scattering on the 
HeII line profiles in the spectrum of HD 50896 has been carried out. 
We find that the red wing seen on the HeII(7-4) line is due to 
electron scattering and not, as previously thought, an unidentified 
transition. The presence of a red electron scattering wing on other 
HeII lines is confirmed by both observations and theoretical 
modelling. 
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l. INTRODUCI'ION 
In early type stars electron scattering is a major continuum 
opacity source, but the role which electron scattering plays in the 
formation of the line profiles is uncertain. Previous estimates for 
the electron scattering opacity in HD 50896 suggest tha t it could be 
of the order of unity at the base of the HeII line forming region 
(Hartmann and Cassinelli 1977). It is therefore desirable to 
investigate the effect of electron scattering on line profiles . 
Previously Castor, Smith and Van Blerkom (1970) studied the 
effect of electron scattering on the line profile of NIV at 3843R in 
the WNG star HD 192163. Whilst they found that electron scattering 
could explain the presence of broad wings on the NIV profile, there 
were two main deficiencies with their analysis. Firstly, the line 
formation region a nd the electron scattering region were treated as 
distinct l yers, and secondly the macroscopic velocity field, later 
shown to be important by Auer and Van Blerkom (1972), was not 
included. 
Auer and Van Blerkom investigated the effects of electron 
scattering in radially expanding envelopes using a Monte Carlo 
technique. The most important result from Auer and Van Blerkom's 
analysis is that the velocity field preferentially scatters photons 
to the red. The change in frequency caused by the macroscopic 
velocity field can be more important in de termining the observed 
line profile than the frequency shift caused by the thermal motions 
of the electrons. Since the red wings which they found on their 
theoretical line profiles were not substantiated by observational 
data, Auer and Van Blerkom concluded that electron densities in W-R 
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envelopes may have been overestimated. 
Subsequent work by Mihalas, Kunasz and Hummer (1976) indicated 
that the extent of the red wing was strongly influenced by continuum 
absorption, since this acts to limit the number of electron 
scatterings. 
Here we wish to report that electron scattering does play a 
major role in the formation of HeII line profiles in HD 50896. The 
principal reason for investigating the effect of electron scattering 
was the observed presence of a red wing on the HeII(7-4) line at 
541.Ji. 
2. TRE OBSERVATIONAL DATA 
A tracing of the optical spectrum of HD 50896 is given by Smith 
and Kuhi (1981). In that tracing, the HeII(7-4) line at 5411-R 
clearly shows the presence of a red wing which is apparently not 
present on other members of the HeII Pickering series. The red wing 
has also been seen in other WN stars (e.g., HD 192163(WN6)) and is 
generally believed to be due to the existence of an unidentified 
transition (Bappu 1973). Electron scattering was considered, but was 
ruled out since the red wing was not seen on other members of the 
HeII Pickering series. 
In section 4, we show that in conditions believed to 
approximate those in HD 50896, a red wing of strength similar to 
that observed is predicted for the HeII(7-4) transition. 
Consequently, electron scattering provides a simple explanation for 
the wing, without appealing to an unidentified transition. 
we believe that the red wing is not seen in other members of 
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the HeII series due to line blending, and the difficulty in defining 
the continuum due to non-linear detectors and the complex emission 
line spectra seen in W-R stars. 
In Figures land 2 we illustrate the HeII(7-4) and the 
HeII(8-4) lines in HD 50896 which were obtained using the one 
dimensional photon counting array (Stapinski, Rodgers and Ellis 
1979). Both lines show the presence of a red wing which is probably 
due to electron scattering. In the high signal to noise spectrum of 
Ebbets (1979) the wing on HeII(8-4) is clearly seen. 
The interpretation of the wing on HeII(8-4) is complicated by 
the possible presence of HeI(4d 1 D-2p 1 P) at 4922i. However, modelling 
of this, and other He! profiles in HD 50896 (Hillier 1982b), reveals 
that this line is approximately 2.5 times too weak to account for 
the wing. 
If we consider other members of the Pickering series, we find 
that HeII( l 2-4) and higher series members all show contamination due 
to other emission features. Further, the continuum is very difficult 
to ascertain in this region. In the spectrum of Ebbets (1979), 
HeII(ll-4) also shows a red wing but HeII (l0-4) is contaminated. 
3. SCA'ITERED LINE PROFILE MODELS 
To compute HeII line profiles with the effects of electron 
scattering included we have adopted the approach taken by Mihalas, 
Kunasz and Hummer (1976). In this method the electron scattering 
source function is computed in the comoving-frame using an iterative 
technique, and then transferred to the observer's frame for 
calculation of the line profile. 
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FIG. 1 - Observational and theoretical profiles for HeII(7-4) at 
5411 . sR. The observed profile shows a strong red extension which is 
reproduced in the theoretical profiles . In this, and subsequent 
figures, the solid line is the theoretical profile for 
• - 5 • -s 
M=5.0xlO Me/yr whilst the dashed line is for M=2.sx10 Me/yr. 
6 
>-
1-
(/) 
z 
w 
1-
2.5 
2.0 
1. 5 
228 
HEll(8-4) 
z 1.0 
0.5 
0.0 
-4 -2 0 2 4 
FIG. 2 - Observed profile for HeII(B- 4) showing a red extension 
which is primarily due to scattering of line photons by electrons. 
The emission line on the right is due to NV(7-6). 
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To compute the electron scattering source function, we adopted 
the angle averaged redistribution function . This has the form 
-1 R(v,v' )= w ierfcl(v-v' )/2wl (we electron Doppler width) 
( Mihalas l. 978), and assumes an isotropic phase function for the 
electron scattering. Use of the dipole phase function yields results 
which are almost identical to those of the isotropic phase function 
(Auer and van Blerkom l.972). 
On the first iteration in the comoving-frame, the electron 
scattering emissivity is asswned to be due to scattering of 
continuum photons only. The angle averaged intensity computed with 
this assumption is then used to update the electron scattering 
emissivity, and the procedure is repeated. Several iterations may 
be necessary if multiple scattering of line photons is important . 
To solve the transfer equation in the observer's frame a linear 
differenc i ng technique was adopted . As we were unable to find the 
formulation in the literature, it is presented below. In the (p,z) 
co-ordinate system the transfer equation is 
where 
since 
and 
x = ( v-v
0
)/v
0 
total opacity (line+continuum+electron scattering) 
emissivity (line+continuurn) 
~ 
11;$ electron scattering emissivity 
It is necessary to retain the distinction between TJ~s and TJ~s 
TJ+ (x,z) "" TJ' (x- µV/c,z) es es (•denotes comoving-frame) 
TJ- (-x,z) ·-""f) ' (-x+µV/c,z). es es 
If we define (following Kuna.sz and Hummer 1974) 
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U(x,z) = O.S[I•(x,z)+I-(-x,z)J, 
V(x,z) = O.S[I•(x,z)-I-(-x,z)), 
co 
and T = J Xx dz we obtain 
7: 
av;ar = U-[7Jx+0.5{7J+es(x)+7J-es(-x)}]/Xx 
au;ar = v-o. 5[77+ es( x)-77-es(-x) ]/Xx 
These yield the second order equation 
with the boundary conditions 
( au;ar )zmax = {U-0. 5[7J + es{x)-71-es{-x) ]/Xx >zmax ( i.e. I-=o) 
( au1ar )..:zmax = {-U-o. 5(71 + es{x)-11-es{-x) ]/Xx >-zmax ( rays not 
intersecting core) 
( au;ar >core = ( Ic-U-0 .5[7J + es( x)-77-es(-x) ]/Xx >core 
which can be differe~ed in the usual manner (Mihalas 1978). 
Note that the boundary equations also contain terms due to 
anisotropic electron scattering. If these terms are neglected, a 
spurious line profile will result. 
To test whether the program was performing correctly, the 
results were compared to the results of Auer and van Blerkom (1972). 
Although small differences were apparent (possibly due to an 
isotropic rather than dipole phase function) the line profiles agree 
very well. As pointed out by Mihalas, Kunasz and Hummer (1976), - -
these provide a stringent check on the method because of the large 
number of multiple scatterings. 
4. RESULTS 
To examine the effects of electron scattering on the HeII line 
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profiles, we shall consider two pure helium extended atmospheres 
with parameters 
R(core) = 2.5 Re 
V 
00 
-l 
= 1625 Jans 
s 
L = 10 Le 
V -1 (HeII line forming region)> 1000 k:ms 
T (HeII line forming region) 3 .OXlO 4 K e 
. 
-5 -1 M = 5.0XlO Meyr (Model l) 
and M -5 M0 yr 
-1 ( Model 2) = 2.SXlO 
These parameters were obtained from published values of the 
intrinsic parameters of WNS stars. The core radius of the W-R star 
was chosen to be similar to the value of 2.6R
0 
obtained by 
Cherepashchuk (1975) and Hartmann (1978) for the WN5 component of 
the eclipsing bina.ry V444 Cygni, whilst the mass loss rate and 
4.lx.10 -5 -1 5 luminosity are similar to the values of M0
yr and 1.2x10 
L given by Barlow, Smith and Willis (1981). The velocity 0 
distribution was chosen to yield Herr line profiles of approximately 
the right shape. 
The techniques used to solve the transfer and statistical 
equilibrium equations i n the extended atmosphere are described by 
Hillier(l983a), whilst a detailed examination of line formation in 
the extended atmosphere of HD 50896 is given by Hillier(l983b). 
Line profiles have been computed for HeII(7-4), HeII(4-3), 
HeII(ll-4) and HeII(3-2). These lines were chosen since they cover a 
range in optical depth. 
In Figure 1, the observed profile and the calculated profiles 
for the tteII(7-4) transition are illustrated. For the larger mass 
loss model, the observed and theoretical profiles for HeII(7-4) are 
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in good agreement. Both the size and extent of the red wing is 
accurately reproduced by the theoretical model, strongly indicating 
that the observed red wing is due to electron scattering of line 
photons in an extended, expanding atmosphere. In the lower mass 
loss model, the predicted profile is weaker than that observed. 
However, the ratio of the line central intensity (excluding the 
continuum), IL, to that in the wing, Ies (say at 2000 kms- 1 ), is in 
good agreement with that observed. 
A weak dependence of the electron scattering wing on mass loss 
rate is expected from the scaling of the line and electron 
scattering opacity in the extended atmosphere. In particular, the 
electron scattering optical depth at a given line optical depth 
(neglecting the variation of the departure coefficients) is 
proportional to M1/ 3 for a line formed in a region with constant 
velocity. This sca ling predicts that the low mass loss model should 
have the r a tio I /I~ 21% smaller, which i s to be compared with the 
es ~ 
derived value of 13%. 
The other line investigated for which an observational profile 
is available is HeII(4-3) at 46BGR. Neither model accurately 
predicts the observed, red shifted, profile, although both models 
yield a red wing of strength similar to that observed at velocities 
greater than 2200.kms- 1 from line center. More detailed comments on 
the electron scattering wing of this line will need to await models 
which more accurately reproduce the observed profile at small 
-1 
velocities from line center ( IVI <2200 kms ). 
The theoretical profiles for HeII(ll-4) are shown in Figure 4. 
This line shows an electron scattering wing of strength comparable 
to that seen in Figure 1 of Ebbets (1979). Comparison of the 
233 
12 
10 HEl!(4-3) 
8 
~ 6 
UJ 
1-
z 
4 
2 
0 
-4 -2 0 2 4 
FIG. 3 - Observational and theoretical profiles for HeII(4-3) at 
46as.7R. 
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FIG. 4 - Theoretical profiles for HeII(ll- 4) at 4199.aR. 
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FIG. 5 - Theoretical profiles for HeII(3-2) at 1640.4A. Both the 
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• -5 
theoretical profile (for M=S.Oxl.O M0 /yr) and its red extension are 
in excellent agreement with the data of Willis et ai. 1983. 
2.36 
relative sizes of I /I reveals that I /I generally increases as 
es L es L 
the line becomes weaker. In particular, the HeII(ll-4) transition 
h I / • -s -1 
as es· IL 60% larger (for M=SXlO M0 yr ) than the corresponding 
ratio for Heir(4-3). This arises because the weaker lines originate 
deeper in the atmosphere at larger electron scattering optical 
depths. 
The final Herr profiles we computed were for Herr(3-2). These 
are shown in Figure 5. This line is extremely sensitive to the mass 
loss rate, with the larger mass loss model yielding an EW (19BR) in 
best agreement with the observed value of 163~ (Smith and Willis 
1 
1982). The electron scattering wing predicted for this line is 
striking, having an intensity much larger than the continuum. 
Currently, Willis et aL. (1983) are preparing an UV spectral 
atlas of 13 Wolf-Ra.yet stars. Examination of their observed 
HerI(3-2) line reveals the large electron scattering wing predicted 
in the above models. Whilst small differences exist between the 
theoretical and observed profiles, there is little doubt that the 
strong red wing observed is due to electron scattering. 
5. CONCLUSION 
By a comparison of theory with observation we have clearly 
shown that electron scattering influences the Herr line profiles in 
HD 50896. Further, the size and extent of the red wing on the Herr 
1The equivalent width given by Smith and Willis should be increased 
by approximately 10% to account for the electron scattering wing. 
237 
line profiles produced by current estimates of the size and mass 
loss rates of WNS stars is in good agreement with observation. The 
presence of electron scattering wings on the Herr line profiles has 
implications for both modelling and line flux measurements . In 
particular, electron scattering wings can lead to erroneous 
continuum definition and line flux measurements. 
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